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Fig. 3.— a) Spherical slice of the gas density inside the Jeans volume at � = 12 for our run with 128 cells per Jeans length. b) Velocity
streamlines on a linear color scale ranging from dark blue (0 km s�1) to light gray (5 km s�1). c) Magnetic field lines, showing a highly
tangled and twisted magnetic field structure typical of the small-scale dynamo; yellow: 0.5mG, red: 1mG. d) Four randomly chosen,
individual field lines. The green one, in particular, is extremely tangled close to the center of the Jeans volume. e) Contours of the vorticity
modulus, |⌅⇥ v|, showing elongated, filamentary structures typically seen in subsonic turbulence (e.g., Frisch 1995). f) Spherical slice of
the divergence of the velocity field, ⌅ · v; white: compression, red: expansion.
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more on observations in Charlie Lada’s talk
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Plato's allegory of the cave* 

* The Republic 
  (514a-520a) Laszlo Szücs, image from criticalthinking-mc205.wikispaces.com
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Plato's allegory of the cave* 

* The Republic 
  (514a-520a) 

IdeasObservable 
universe

“Demiurge”

philosopher

Laszlo Szücs, image from criticalthinking-mc205.wikispaces.com
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astronomer

Plato's allegory of the cave*  ↔ Astronomical observations

* The Republic 
  (514a-520a) Laszlo Szücs, image from criticalthinking-mc205.wikispaces.com
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Plato's allegory of the cave*  ↔ Astronomical observations

astronomer

* The Republic 
  (514a-520a) Laszlo Szücs, image from criticalthinking-mc205.wikispaces.com
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Plato's allegory of the cave*  ↔ Astronomical observations
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* The Republic 
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Assumptions from 

Observations  
Theory  

Experiments

Laszlo Szücs, image from criticalthinking-mc205.wikispaces.com
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(Synthetic 
Observations)
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Intensity [erg 
cm-2 s-1 Hz-1 

ster-1]

Brightness 
temperature 
[K]

I(12CO)

I(13CO)

Assumptions I.
I(12CO) is optically thick

Along a line of sight uniform Tex and 
same for 12CO and 13CO

J=1-0

115.271 GHz

110.201 GHz

I(13CO) is optically thin

LTE

Assumptions II.
Uniform N(12CO)/N(13CO) ~ 60 *

N(H2)/N(12CO) ratio ~ 6.6×103 **

*  Langer & Penzias (1990)
** Pineda et al.  (2009)

Column density 
            [cm-2]

12CO/13CO ratio in GMC simulations 7

τ13(v) = −ln

[
1− T 13

B

5.3

{
exp

(
5.3
Tex

− 1

)−1

− 0.16

}−1]

(4)

Tex = 5.5 ln

(
1 +

5.5
TB,peak + 0.82

)−1

(5)

4.1 Derived column density estimates

4.2 Morphology

5 SUMMARY
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Figure 4. CO isotopic column density ratio as the function of the 12CO

3.1 Fitting formula

4 EMISSION MAPS

To compare the real column densities of our simulated clouds
to the ones that we would derive from observations, we
performed line radiative transfer calculations. We calcu-
lated the emission in ±6 kms−1 velocity range around the
J = 1 → 0 transition of 12CO (λ0 = 2600.76µm) and 13CO
(λ0 = 2720.41µm) molecules. Then we used standard analy-
sis methods and assumptions (e.g. Chapter 15.4.1 in Wilson
2009) to derive column densities.

In the interstellar medium, the assumption of molecule
energy levels are populated according the thermal distri-
bution (i.e. local thermodynamic equilibrium (LTE)), is of-
ten invalid. To account for non-LTE conditions we used the
Large Velocity Gradient (LVG) approximation, described in
detail in Ossenkopf (1997); Shetty et al. (2011a). The non-
thermal excitation/deexitation is mainly driven by collisions
with other molecules or atoms. As the most abundant par-
ticle in the dense ISM, the hydrogen molecule is the most
probable collisional partner for CO molecules. We account
for the two spin isomers of the hydrogen molecule: using
the mixture of ortho- (75%) and para-hydrogen (25%). The
collisional rates are adopted from the Leiden Atomic and
Molecular Database2 (Schier et al. 2005; Yang et al. 2010).
In addition to the LVG approximation, in which the escape
probability of a photon emitted by a given transition de-
pends on the velocity gradient of the neighbouring cells, we
also consider the escape probability of photons due to the
finite size of the cloud. For the later the smallest column den-
sity that a given cell ”sees” must be given. Here we adopt
the constant length scale of 5pc (roughly the radius of the
cloud) trough to whole domain and calculate the column
density based on this length and the local number density.
This approach results in underestimated escape probabilities
in the high density regions of the cloud.

For the radiative transport calculations we used the
RADMC3D code. The input parameters of the calcula-
tion are the number density of the modelled species (12CO
or 13CO), the number density of the collisional partners

2 http://home.strw.leidenuniv.nl/˜moldata/

(ortho- and para-hydrogen molecules), the gas temperature,
resolved and unresolved (micro-turbulent) velocity of the
gas, and the line data (energy levels, statistical weights,
Einstein A-coefficients and collisional rate coefficients). The
SpH data of number densities, gas velocity and tempera-
ture were interpolated to a regular grid of (512 pixel)3 as
described in section 2 and used as the input. The micro-
turbulent velocities were set uniformly according Larson’s
law by vmt = 1.1 × 105 × (0.032 [pc])0.38 [cms−1] (Larson
1981), where 0.032 pc is the linear size of a pixel. The line
data was adopted from Yang et al. (2010). The two dimen-
sional intensity maps were calculated with the velocity res-
olution of 0.09 kms−s.

The outputs of the radiative transfer calculation are
the point–point–velocity intensity map and optical depths
at each considered wavelengths for both isotopic species. To
calculate the column densities from these synthetic emis-
sion maps we follow Wilson (2009) and adopt the following
assumptions:

• all CO molecules along a line of sight has a uniform
excitation temperature in the J = 1 → 0.

• the excitation temperature is the same for 12CO and
13CO

• LTE applies and the level populations follow the Boltz-
mann distribution

• the 12CO J = 1 → 0 line is completely optically thick
(τ12CO > 1)

• the 13CO J = 1 → 0 line is completely optically thin
(τ13CO << 1)

• the 12CO and 13CO lines are emitted from the same
partial of gas

These assumptions although shown to be invalid in some
situations (Molina et al. 2013) are still standards when in-
terpreting observational data (see e.g. Goldsmith et al. 2008;
Pineda et al. 2008).

N(13CO) = 3.0× 1014
Tex

∫
τ13(v)dv

1− exp(−5.3/Tex)
(3)

c⃝ 0000 RAS, MNRAS 000, 000–000

Example: from CO emission to total column density

Laszlo Szücs et al. (2014, MNRAS, 445, 4055)

Astrophysical 
interpretation
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SFR Maps

H2 Maps
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galaxies from THINGS and HERACLES survey  
(images from Frank Bigiel, ZAH/ITA)



HI Maps

SFR Maps

H2 Maps

• HI gas more extended

• H2 and SF well correlated

atomic  
hydrogen

molecular  
hydrogen

star  
formation

galaxies from THINGS and HERACLES survey  
(images from Frank Bigiel, ZAH/ITA)



• when considering galaxies as a whole, there seems to be a super-linear  
relation between total gas (H2+H) and the star formation rate (SFR)  
with slope ~1.4:

Kennicutt (1998, ARAA, 36, 189)
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Figure 9 (Left) The global Schmidt law in galaxies. Solid points denote the normal spirals in
Figure 5, squares denote the circumnuclear starbursts in Figure 7. The open circles show the SFRs
and gas densities of the central regions of the normal disks. (Right) The same SFR data but plotted
against the ratio of the gas density to the average orbital time in the disk. Both plots are adapted
from Kennicutt (1998).

Violent interactions and mergers are the only events capable of triggering such
a catastrophic mass transfer.

5.3 Physical Regulation of Star Formation Rate
Although star-forming galaxies span millionfold ranges in their present SFRs
and physical conditions, there is a remarkable continuity in some of their prop-
erties, and these relationships provide important insights into the physical reg-
ulation of the SFR over this entire spectrum of activities.
We have already seen evidence from Figures 5 and 7 that the global SFRs

of disks and nuclear starbursts are correlated with the local gas density, though
over very different ranges in density and SFR per unit area. The left panel of
Figure 9 shows both sets of data plotted on a common scale, and it reveals that
the entire range of activities, spanning 5–6 orders of magnitude in gas and SFR
densities, fits on a common power law with index N ⇠ 1.4 (Kennicutt 1998).
The SFRs for the two sets of data were derived using separate methods (H↵

luminosities for the normal disks and FIR luminosities for the starbursts), and
to verify that they are measured on a self-consistent scale, Figure 9 also shows
H↵-derived SFR gas densities for the centers (1–2 kpc) of the normal disks
(plotted as open circles). The tight relation shows that a simple Schmidt (1959)
power law provides an excellent empirical parametrization of the SFR, across
an enormous range of SFRs, and it suggests that the gas density is the primary
determinant of the SFR on these scales.
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The uncertainty in the slope of the best-fitting Schmidt law is dominated
by systematic errors in the SFRs, with the largest being the FIR-derived SFRs
and CO-derived gas densities in the starburst galaxies. Changing either scale
individually by a factor of two introduces a change of 0.1 in the fitted value of
N , and this is a reasonable estimate of the systematic errors involved (Kennicutt
1998). Incorporating these uncertainties yields the following relation for the
best-fitting Schmidt law:

6SFR = (2.5± 0.7) ⇥ 10�4
✓

6gas

1 M
�
pc�2

◆1.4±0.15
M

�
year�1 kpc�2, (7)

where 6SFR and 6gas are the disk-averaged SFR and gas surface densities,
respectively.
As discussed by Larson (1992) and Elmegreen (1994), a large-scale Schmidt

law with index N ⇠ 1.5 would be expected for self-gravitating disks if the SFR
scales as the ratio of the gas density (⇢) to the free-fall time scale (/⇢�0.5) and
the average gas scale height is roughly constant across the sample (6 / ⇢).
In a variant on this picture, Elmegreen (1997) and Silk (1997) have suggested
that the SFR might scale with the ratio of the gas density to the average orbital
time scale; this is equivalent to postulating that disks process a fixed fraction of
their gas into stars in each orbit around the galactic center. The right panel of
Figure 9, also adapted fromKennicutt (1998), shows the correlation between the
SFRdensity and6gas/⌧dyn for the same galaxies and starbursts. For this purpose
⌧dyn is defined as one disk orbit time, measured at half of the outer radius of the
star-forming disk, in units of years (see Kennicutt 1998 for details). The line is
a median fit to the normal disks with slope contrained to unity, as predicted by
the simple Silk model. This alternative “recipe” for the SFR provides a fit that
is nearly as good as the Schmidt law. The equation of the fit is

6SFR = 0.017 6g �g. (8)

In this parametrization, the SFR is simply ⇠10% of the available gas mass per
orbit.
These parametrizations offer two distinct interpretations of the high SFRs in

the centers of luminous starburst galaxies. In the context of the Schmidt law
picture, the star formation efficiency scales as6(N�1)

g , or60.4
g for the observed

relation in Figure 9. The central starbursts have densities that are on the order
of 100–10,000 times higher than in the extended star-forming disks of spirals,
so the global star formation efficiencies should be 6–40 times higher. Alter-
natively, in the kinematic picture, the higher efficiencies in the circumnuclear
starbursts are simply a consequence of the shorter orbital time scales in the
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• for “resolved” galaxies on scales of 0.5-1 kpc, there seems to be a  
linear relation between H2 and SFR

• implying a roughly constant depletion time of a few x 109 yr

Bigiel et al. (2008, AJ, 136, 2846)

No. 6, 2008 THE SF LAW IN NEARBY GALAXIES ON SUB-KPC SCALES 2869

Figure 15. ΣSFR vs. Σgas from this paper in colored contours (compare the middle-right panel of Figure 8) and for individual galaxies from other analyses (see Figure 14).
The diagonal dotted lines and all other plot parameters are the same as in Figure 4. Overplotted as black dots are data from measurements in individual apertures
in M51 (Kennicutt et al. 2007). Data points from radial profiles from M51 (Schuster et al. 2007), NGC 4736, and NGC 5055 (Wong & Blitz 2002) and from
NGC 6946 (Crosthwaite & Turner 2007) are shown as black filled circles. Furthermore, we show disk-averaged measurements from 61 normal spiral galaxies (filled
gray stars) and 36 starburst galaxies (triangles) from K98. The black filled diamonds show global measurements from 20 low surface brightness galaxies (Wyder
et al. 2008). Data from other authors were adjusted to match our assumptions on the underlying IMF, CO line ratio, CO-to-H2 conversion factor and galaxy inclinations
where applicable. One finds good qualitative agreement between our data and the measurements from other studies despite a variety of applied SFR tracers. This
combined data distribution is indicative of three distinctly different regimes (indicated by the vertical lines) for the SF law (see discussion in the text).

Σgas. The fit of K98 depends on the contrast between normal
spirals, ΣH2 ≈ 20 M⊙ pc−2, and high surface density starbursts,
ΣH2 ≈ 1000 M⊙ pc−2. A power-law index N ≈ 1.5 relating
SFR to CO emission has been well established in starbursts at
low and high redshifts by a number of authors (e.g., Gao &
Solomon 2004; Riechers et al. 2007). There may be reasons
to expect different values of N in starburst environments and
in our data. Starburst galaxies have average surface densities
far in excess of a Galactic GMC (e.g., Gao & Solomon 2004;
Rosolowsky & Blitz 2005). We have no such regions in our
own sample, instead we make our measurements in the regime
where ΣH2 = 3–50 M⊙ pc−2. In starbursts, the changes in
molecular surface density must reflect real changes in the
physical conditions being observed.

In our data, ΣH2 is likely to be a measure of the filling factor
of GMCs rather than real variations in surface density. On the
one hand, for our resolution (750 pc) and sensitivity (ΣH2 =
3 M⊙ pc−2) the minimum mass we can detect along a line of
sight is ∼1.5 × 106M⊙. Most of the mass in Galactic GMCs
is in clouds with MH2 ≈ 5 × 105–106 M⊙ (e.g., Blitz 1993).
Consequently, wherever we detect H2 we expect at least a few
GMCs in our beam. On the other hand, most of our data have
ΣH2 ! 50 M⊙ pc−2. The typical surface density of a Galactic
GMC is 170 M⊙ pc−2 (Solomon et al. 1987). These surface
densities are much lower than those observed in starbursts and

are consistent with Galactic GMCs filling ! 1/3 of the beam.
If GMC properties are the same in all spirals in our sample,
then for this range of surface densities we expect a power-law
index of N = 1 as ΣH2 just represents the beam-filling fraction
of GMCs. Averaging over at least a few clouds may wash out
cloud–cloud variations in the SFE. A test of this interpretation is
to measure GMC properties in a wide sample of spirals. We note
that Local Group spirals display similar scaling relations and
cloud mass distribution functions so that it is hard to distinguish
GMCs in M 31 or M 33 from those in the Milky Way (e.g., Blitz
et al. 2007; Bolatto et al. 2008). If this holds for all spirals, then
we may indeed expect N = 1 whenever GMCs represent the
dominant mode of star formation. The next generation of mm-
arrays should soon be able to measure GMC properties beyond
the Local Group and shed light on this topic. In that sense,
our measurement of N = 1.0 ± 0.2 represents a prediction
that GMC properties are more or less universal in nearby spiral
galaxies.

For our results to be consistent with those from starbursts,
the slope must steepen near ΣH2 ≈ 200 M⊙ pc−2. This might
be expected on both observational and physical grounds. CO is
optically thick at the surfaces of molecular clouds. Therefore,
as the filling fraction of such clouds for a given telescope
beam approaches unity, CO will become an increasingly poor
measure of the true ΣH2 because of the optical thickness of
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Figure 15. ΣSFR vs. Σgas from this paper in colored contours (compare the middle-right panel of Figure 8) and for individual galaxies from other analyses (see Figure 14).
The diagonal dotted lines and all other plot parameters are the same as in Figure 4. Overplotted as black dots are data from measurements in individual apertures
in M51 (Kennicutt et al. 2007). Data points from radial profiles from M51 (Schuster et al. 2007), NGC 4736, and NGC 5055 (Wong & Blitz 2002) and from
NGC 6946 (Crosthwaite & Turner 2007) are shown as black filled circles. Furthermore, we show disk-averaged measurements from 61 normal spiral galaxies (filled
gray stars) and 36 starburst galaxies (triangles) from K98. The black filled diamonds show global measurements from 20 low surface brightness galaxies (Wyder
et al. 2008). Data from other authors were adjusted to match our assumptions on the underlying IMF, CO line ratio, CO-to-H2 conversion factor and galaxy inclinations
where applicable. One finds good qualitative agreement between our data and the measurements from other studies despite a variety of applied SFR tracers. This
combined data distribution is indicative of three distinctly different regimes (indicated by the vertical lines) for the SF law (see discussion in the text).

Σgas. The fit of K98 depends on the contrast between normal
spirals, ΣH2 ≈ 20 M⊙ pc−2, and high surface density starbursts,
ΣH2 ≈ 1000 M⊙ pc−2. A power-law index N ≈ 1.5 relating
SFR to CO emission has been well established in starbursts at
low and high redshifts by a number of authors (e.g., Gao &
Solomon 2004; Riechers et al. 2007). There may be reasons
to expect different values of N in starburst environments and
in our data. Starburst galaxies have average surface densities
far in excess of a Galactic GMC (e.g., Gao & Solomon 2004;
Rosolowsky & Blitz 2005). We have no such regions in our
own sample, instead we make our measurements in the regime
where ΣH2 = 3–50 M⊙ pc−2. In starbursts, the changes in
molecular surface density must reflect real changes in the
physical conditions being observed.

In our data, ΣH2 is likely to be a measure of the filling factor
of GMCs rather than real variations in surface density. On the
one hand, for our resolution (750 pc) and sensitivity (ΣH2 =
3 M⊙ pc−2) the minimum mass we can detect along a line of
sight is ∼1.5 × 106M⊙. Most of the mass in Galactic GMCs
is in clouds with MH2 ≈ 5 × 105–106 M⊙ (e.g., Blitz 1993).
Consequently, wherever we detect H2 we expect at least a few
GMCs in our beam. On the other hand, most of our data have
ΣH2 ! 50 M⊙ pc−2. The typical surface density of a Galactic
GMC is 170 M⊙ pc−2 (Solomon et al. 1987). These surface
densities are much lower than those observed in starbursts and

are consistent with Galactic GMCs filling ! 1/3 of the beam.
If GMC properties are the same in all spirals in our sample,
then for this range of surface densities we expect a power-law
index of N = 1 as ΣH2 just represents the beam-filling fraction
of GMCs. Averaging over at least a few clouds may wash out
cloud–cloud variations in the SFE. A test of this interpretation is
to measure GMC properties in a wide sample of spirals. We note
that Local Group spirals display similar scaling relations and
cloud mass distribution functions so that it is hard to distinguish
GMCs in M 31 or M 33 from those in the Milky Way (e.g., Blitz
et al. 2007; Bolatto et al. 2008). If this holds for all spirals, then
we may indeed expect N = 1 whenever GMCs represent the
dominant mode of star formation. The next generation of mm-
arrays should soon be able to measure GMC properties beyond
the Local Group and shed light on this topic. In that sense,
our measurement of N = 1.0 ± 0.2 represents a prediction
that GMC properties are more or less universal in nearby spiral
galaxies.

For our results to be consistent with those from starbursts,
the slope must steepen near ΣH2 ≈ 200 M⊙ pc−2. This might
be expected on both observational and physical grounds. CO is
optically thick at the surfaces of molecular clouds. Therefore,
as the filling fraction of such clouds for a given telescope
beam approaches unity, CO will become an increasingly poor
measure of the true ΣH2 because of the optical thickness of
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Fig. 3 (and also Fig. 2) we did not attempt to assign individual errors
(unlike K98a), since in our opinion essentially all uncertainties are
systematic in nature and apply to all data equally. This slope is in
very good agreement with the spatially resolved relation for nearby
spirals in Bigiel et al. (2008, green/orange/red-shaded region in the
left-hand panel of Fig. 3). The new data do not indicate a signifi-
cant steepening of the slope at surface densities of >102 M⊙ pc−2,
neither at z ∼ 0 nor at z ≥ 1. Within the limited statistics of the
currently available data, we do not find a break in the slope near
102 M⊙ pc−2, as proposed by Krumholz et al. (2009). The slope of
1.33 found by Krumholz et al. (2009) in the high-density limit is
marginally larger. A steeper slope in this regime (1.28 to 1.4) was
suggested earlier by the K98a starburst sample, but that analysis
included some mergers (see below) and the combined scatter of
both data sets suggests a 1σ uncertainty of ∼0.15, which makes the
difference in slope of 0.1–0.23 only marginally significant.

Low- and high-z SFGs overlap completely, again with the obvious
exception of EGS12012083 and BX389. The data in Fig. 3 suggest
that the KS relation in normal SFGs does not vary with redshift, in
agreement with the conclusions of Bouché et al. (2007) and Daddi
et al. (2010a,b).

In the right-hand panel of Fig. 3, we analyse the data with the
‘Elmegreen–Silk’ relation (see also K98a), which relates SFR sur-
face density to the ratio of gas surface density and global galaxy
dynamical time-scale. There is a reasonably good correlation as well
with a slope of slightly less than unity (0.84 ± 0.09). The scatter in
this relation (0.44 dex) is larger than in the surface density relation,
which may in part be attributable to the larger total uncertainties
in "molgas/τdyn, which we estimate to be ±0.32 dex (74 per cent).

Here and elsewhere, we computed the dynamical time-scale from
the ratio of the radius to the circular velocity vc. For the z > 1 SFGs
and SMGs we took R = R1/2 and applied a pressure correction to
the inclination-corrected rotation velocity vrot, vc = (v2

rot + 2σ 2)1/2,
where σ is the local 1D-velocity dispersion in the galaxy. This
relation is applicable to rotation-dominated, as well as pressure-
dominated galaxies. The slope we find is close to that of K98a,
who find a slope between 0.9 and 1. High-z SFGs have somewhat
higher "star formation than low-z galaxies (by 0.71 ± 0.21 dex) but the
difference is probably only marginally significant. A fit with unity
slope yields a star formation efficiency per dynamical time of 0.019
(±0.008). This is in agreement with 0.01, the value found by K98a
when corrected to a Chabrier IMF.

4.2 KS relation for luminous mergers

Fig. 4 summarizes our analysis of the luminous mergers at both low
and high z. The left-hand panel shows the case of applying the best
single common conversion factor determined from the observations
(αmerger ∼ 1, Section 2.6), such that mergers and SFGs now have
conversion factors that differ by a factor of 3.2. The slope of the
merger relation (1.1 ± 0.2) is consistent with that of the SFGs
(1.17). Again low- and high-z mergers lie plausibly on the same
relation. Independent of whether the merger slope is fit or forced to
be the same as that of the SFGs, the difference in SFR at a given
gas surface density between the two branches is ∼1.0 (±0.2) dex
(see also Bothwell et al. 2010).

As we have argued in Section 2.6, a Galactic conversion factor for
all luminous low- and high-z mergers is almost certainly excluded
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Figure 4. Molecular Kennicutt–Schmidt surface density relation for luminous z ∼ 0 and z ∼ 1–3.5 mergers (z ∼ 0 LIRGs/ULIRGs: magenta squares, z ≥ 1
SMGs: red squares). The left-hand panel shows their location in the KS plane along with the SFGs (at all z, open grey circles) from Fig. 3 if the a priori best
conversion factors for SFGs (α = αG) and mergers (α = αG/3.2) are chosen. The right-hand panel shows the same plot for the choice of a universal conversion
factor of α = αG for all galaxies in the data base. This was the choice in the K98a paper but leads to a significant overestimate of gas fractions in almost all
major mergers. The fits assign equal weight to all data points and uncertainties in brackets are 3σ formal fit errors. The crosses in the lower right denote the
typical total (statistical + systematic) 1σ uncertainty.
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• for “resolved” galaxies on scales of 0.5-1 kpc, there seems to be a  
linear relation between H2 and SFR

• implying a roughly constant depletion time of a few x 109 yr

• but with different normalization for starburst galaxies compared  
to normal ones 
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Figure 15. ΣSFR vs. Σgas from this paper in colored contours (compare the middle-right panel of Figure 8) and for individual galaxies from other analyses (see Figure 14).
The diagonal dotted lines and all other plot parameters are the same as in Figure 4. Overplotted as black dots are data from measurements in individual apertures
in M51 (Kennicutt et al. 2007). Data points from radial profiles from M51 (Schuster et al. 2007), NGC 4736, and NGC 5055 (Wong & Blitz 2002) and from
NGC 6946 (Crosthwaite & Turner 2007) are shown as black filled circles. Furthermore, we show disk-averaged measurements from 61 normal spiral galaxies (filled
gray stars) and 36 starburst galaxies (triangles) from K98. The black filled diamonds show global measurements from 20 low surface brightness galaxies (Wyder
et al. 2008). Data from other authors were adjusted to match our assumptions on the underlying IMF, CO line ratio, CO-to-H2 conversion factor and galaxy inclinations
where applicable. One finds good qualitative agreement between our data and the measurements from other studies despite a variety of applied SFR tracers. This
combined data distribution is indicative of three distinctly different regimes (indicated by the vertical lines) for the SF law (see discussion in the text).

Σgas. The fit of K98 depends on the contrast between normal
spirals, ΣH2 ≈ 20 M⊙ pc−2, and high surface density starbursts,
ΣH2 ≈ 1000 M⊙ pc−2. A power-law index N ≈ 1.5 relating
SFR to CO emission has been well established in starbursts at
low and high redshifts by a number of authors (e.g., Gao &
Solomon 2004; Riechers et al. 2007). There may be reasons
to expect different values of N in starburst environments and
in our data. Starburst galaxies have average surface densities
far in excess of a Galactic GMC (e.g., Gao & Solomon 2004;
Rosolowsky & Blitz 2005). We have no such regions in our
own sample, instead we make our measurements in the regime
where ΣH2 = 3–50 M⊙ pc−2. In starbursts, the changes in
molecular surface density must reflect real changes in the
physical conditions being observed.

In our data, ΣH2 is likely to be a measure of the filling factor
of GMCs rather than real variations in surface density. On the
one hand, for our resolution (750 pc) and sensitivity (ΣH2 =
3 M⊙ pc−2) the minimum mass we can detect along a line of
sight is ∼1.5 × 106M⊙. Most of the mass in Galactic GMCs
is in clouds with MH2 ≈ 5 × 105–106 M⊙ (e.g., Blitz 1993).
Consequently, wherever we detect H2 we expect at least a few
GMCs in our beam. On the other hand, most of our data have
ΣH2 ! 50 M⊙ pc−2. The typical surface density of a Galactic
GMC is 170 M⊙ pc−2 (Solomon et al. 1987). These surface
densities are much lower than those observed in starbursts and

are consistent with Galactic GMCs filling ! 1/3 of the beam.
If GMC properties are the same in all spirals in our sample,
then for this range of surface densities we expect a power-law
index of N = 1 as ΣH2 just represents the beam-filling fraction
of GMCs. Averaging over at least a few clouds may wash out
cloud–cloud variations in the SFE. A test of this interpretation is
to measure GMC properties in a wide sample of spirals. We note
that Local Group spirals display similar scaling relations and
cloud mass distribution functions so that it is hard to distinguish
GMCs in M 31 or M 33 from those in the Milky Way (e.g., Blitz
et al. 2007; Bolatto et al. 2008). If this holds for all spirals, then
we may indeed expect N = 1 whenever GMCs represent the
dominant mode of star formation. The next generation of mm-
arrays should soon be able to measure GMC properties beyond
the Local Group and shed light on this topic. In that sense,
our measurement of N = 1.0 ± 0.2 represents a prediction
that GMC properties are more or less universal in nearby spiral
galaxies.

For our results to be consistent with those from starbursts,
the slope must steepen near ΣH2 ≈ 200 M⊙ pc−2. This might
be expected on both observational and physical grounds. CO is
optically thick at the surfaces of molecular clouds. Therefore,
as the filling fraction of such clouds for a given telescope
beam approaches unity, CO will become an increasingly poor
measure of the true ΣH2 because of the optical thickness of
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Fig. 3 (and also Fig. 2) we did not attempt to assign individual errors
(unlike K98a), since in our opinion essentially all uncertainties are
systematic in nature and apply to all data equally. This slope is in
very good agreement with the spatially resolved relation for nearby
spirals in Bigiel et al. (2008, green/orange/red-shaded region in the
left-hand panel of Fig. 3). The new data do not indicate a signifi-
cant steepening of the slope at surface densities of >102 M⊙ pc−2,
neither at z ∼ 0 nor at z ≥ 1. Within the limited statistics of the
currently available data, we do not find a break in the slope near
102 M⊙ pc−2, as proposed by Krumholz et al. (2009). The slope of
1.33 found by Krumholz et al. (2009) in the high-density limit is
marginally larger. A steeper slope in this regime (1.28 to 1.4) was
suggested earlier by the K98a starburst sample, but that analysis
included some mergers (see below) and the combined scatter of
both data sets suggests a 1σ uncertainty of ∼0.15, which makes the
difference in slope of 0.1–0.23 only marginally significant.

Low- and high-z SFGs overlap completely, again with the obvious
exception of EGS12012083 and BX389. The data in Fig. 3 suggest
that the KS relation in normal SFGs does not vary with redshift, in
agreement with the conclusions of Bouché et al. (2007) and Daddi
et al. (2010a,b).

In the right-hand panel of Fig. 3, we analyse the data with the
‘Elmegreen–Silk’ relation (see also K98a), which relates SFR sur-
face density to the ratio of gas surface density and global galaxy
dynamical time-scale. There is a reasonably good correlation as well
with a slope of slightly less than unity (0.84 ± 0.09). The scatter in
this relation (0.44 dex) is larger than in the surface density relation,
which may in part be attributable to the larger total uncertainties
in "molgas/τdyn, which we estimate to be ±0.32 dex (74 per cent).

Here and elsewhere, we computed the dynamical time-scale from
the ratio of the radius to the circular velocity vc. For the z > 1 SFGs
and SMGs we took R = R1/2 and applied a pressure correction to
the inclination-corrected rotation velocity vrot, vc = (v2

rot + 2σ 2)1/2,
where σ is the local 1D-velocity dispersion in the galaxy. This
relation is applicable to rotation-dominated, as well as pressure-
dominated galaxies. The slope we find is close to that of K98a,
who find a slope between 0.9 and 1. High-z SFGs have somewhat
higher "star formation than low-z galaxies (by 0.71 ± 0.21 dex) but the
difference is probably only marginally significant. A fit with unity
slope yields a star formation efficiency per dynamical time of 0.019
(±0.008). This is in agreement with 0.01, the value found by K98a
when corrected to a Chabrier IMF.

4.2 KS relation for luminous mergers

Fig. 4 summarizes our analysis of the luminous mergers at both low
and high z. The left-hand panel shows the case of applying the best
single common conversion factor determined from the observations
(αmerger ∼ 1, Section 2.6), such that mergers and SFGs now have
conversion factors that differ by a factor of 3.2. The slope of the
merger relation (1.1 ± 0.2) is consistent with that of the SFGs
(1.17). Again low- and high-z mergers lie plausibly on the same
relation. Independent of whether the merger slope is fit or forced to
be the same as that of the SFGs, the difference in SFR at a given
gas surface density between the two branches is ∼1.0 (±0.2) dex
(see also Bothwell et al. 2010).

As we have argued in Section 2.6, a Galactic conversion factor for
all luminous low- and high-z mergers is almost certainly excluded
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Figure 4. Molecular Kennicutt–Schmidt surface density relation for luminous z ∼ 0 and z ∼ 1–3.5 mergers (z ∼ 0 LIRGs/ULIRGs: magenta squares, z ≥ 1
SMGs: red squares). The left-hand panel shows their location in the KS plane along with the SFGs (at all z, open grey circles) from Fig. 3 if the a priori best
conversion factors for SFGs (α = αG) and mergers (α = αG/3.2) are chosen. The right-hand panel shows the same plot for the choice of a universal conversion
factor of α = αG for all galaxies in the data base. This was the choice in the K98a paper but leads to a significant overestimate of gas fractions in almost all
major mergers. The fits assign equal weight to all data points and uncertainties in brackets are 3σ formal fit errors. The crosses in the lower right denote the
typical total (statistical + systematic) 1σ uncertainty.
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true physical behavior may be  
(much) more complicated than  
simple models assume!
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224 KENNICUTT

Figure 9 (Left) The global Schmidt law in galaxies. Solid points denote the normal spirals in
Figure 5, squares denote the circumnuclear starbursts in Figure 7. The open circles show the SFRs
and gas densities of the central regions of the normal disks. (Right) The same SFR data but plotted
against the ratio of the gas density to the average orbital time in the disk. Both plots are adapted
from Kennicutt (1998).

Violent interactions and mergers are the only events capable of triggering such
a catastrophic mass transfer.

5.3 Physical Regulation of Star Formation Rate
Although star-forming galaxies span millionfold ranges in their present SFRs
and physical conditions, there is a remarkable continuity in some of their prop-
erties, and these relationships provide important insights into the physical reg-
ulation of the SFR over this entire spectrum of activities.
We have already seen evidence from Figures 5 and 7 that the global SFRs

of disks and nuclear starbursts are correlated with the local gas density, though
over very different ranges in density and SFR per unit area. The left panel of
Figure 9 shows both sets of data plotted on a common scale, and it reveals that
the entire range of activities, spanning 5–6 orders of magnitude in gas and SFR
densities, fits on a common power law with index N ⇠ 1.4 (Kennicutt 1998).
The SFRs for the two sets of data were derived using separate methods (H↵

luminosities for the normal disks and FIR luminosities for the starbursts), and
to verify that they are measured on a self-consistent scale, Figure 9 also shows
H↵-derived SFR gas densities for the centers (1–2 kpc) of the normal disks
(plotted as open circles). The tight relation shows that a simple Schmidt (1959)
power law provides an excellent empirical parametrization of the SFR, across
an enormous range of SFRs, and it suggests that the gas density is the primary
determinant of the SFR on these scales.
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• QUIZ: do you see a universal ΣH2 - ΣSFR relation?
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• QUIZ: do we really see a universal ΣH2 - ΣSFR relation?

• ANSWER:  - large galaxy-to-galaxy variations 
                 - relation is often sublinear

Shetty et al. (2014, MNRAS, 437, L61, see also Shetty, Kelly, Bigiel, 2013, MNRAS, 430, 288)
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Filling in the “Luminosity Gap” 

Points fill in luminosity range between whole galaxies and clouds – “big parts of disks.” 

New data: 
Disk pointings (Usero et al.) 
EMPIRE pilot: M51 pixels 
Antenna pointings 

• HOWEVER: there seems to be a relation  
between SFR tracers and dense gas tracers that  
extends over many orders of magnitude !!

• this includes many different objects

figure from Frank Bigiel (ZAH/ITA)



Filling in the “Luminosity Gap” 

Points fill in luminosity range between whole galaxies and clouds – “big parts of disks.” 

New data: 
Disk pointings (Usero et al.) 
EMPIRE pilot: M51 pixels 
Antenna pointings 

• HOWEVER: there seems to be a relation  
between SFR tracers and dense gas tracers that  
extends over many orders of magnitude !!

• this includes many different objects

figure from Frank Bigiel (ZAH/ITA)

more details on this plot  can be provided by Frank  Bigiel and Diane Cormier  at this conference 
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Hierarchical Bayesian model for STING galaxies indicate varying depleting 
times. Depletion time increases with increasing density. Why ??

Shetty et al. (2014, MNRAS, 437, L61)

4 R. Shetty et al.

NGC 628

9.0

9.5

10.0

lo
g(
τ d

epCO
) (

yr
)

NGC 772 NGC 3147 NGC 3198 NGC 3949 NGC 4254 NGC 4273

0.0

−0.5

−1.0

lo
g(
ε f

fCO
) (

G
yr

−1
)

NGC 4654

1.5 2.0 2.5

9.0

9.5

10.0

log(Σmol) (Mo pc−2)

lo
g(
τ d

epCO
) (

yr
)

NGC 5371

1.5 2.0 2.5
log(Σmol) (Mo pc−2)

NGC 5713

1.5 2.0 2.5
log(Σmol) (Mo pc−2)

NGC 6951

1.5 2.0 2.5
log(Σmol) (Mo pc−2)

NGC 3593

1.5 2.0 2.5
log(Σmol) (Mo pc−2)

NGC 4536

1.5 2.0 2.5
log(Σmol) (Mo pc−2)

1.5 2.0 2.5 3.0
log(Σmol) (Mo pc−2)

All Galaxies

0.0

−0.5

−1.0

lo
g(
ε f

fCO
) (

G
yr

−1
)

Figure 2. Depletion time τCO
dep

and surface density of STING Galaxies. Points indicate the directly measured values. Solid line is the

median of the Bayesian estimate, and thin lines mark the 2σ interval. The red dashed line indicates τCO
dep

=2 Gyr. The efficiency per free

fall time (ϵCO
ff

) is marked on the right ordinate.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out for all Σmol! 50 M⊙

pc−2. Notice that for some galaxies favoring a linear KS
relationship, such as NGC 3593, the hierarchical Bayesian
fit provides results consistent with previous investigations,
τCO
dep≈2±1 Gyr. However, taken together the data do not

favor a constant τCO
dep for all galaxies in the sample.

5 DISCUSSION & SUMMARY

We have applied a hierarchical Bayesian fitting method to
the STING sample of nearby galaxies for estimating the KS
parameters. Our main results are as follows:

1) The KS parameters vary from galaxy to galaxy. The
median slope estimate ranges from as low as 0.43 (NGC
3147) to as high as 1.0 (NGC 3593). The range in slopes
of the STING sample is consistent with that found from
the SKB13 analysis of the Bigiel et al. (2008) HERACLES
sample.

2) For eight out of the fifteen galaxies, at 95% confidence
the KS slope is sub-linear. The posterior predicts that 11 to
15 galaxies have sub-linear slopes. Additionally, the mean
value of the KS slope is also sub-linear, with the median of
the PDF falling at 0.73. A linear slope for the population is
excluded at the 2σ level.

3) A sub-linear KS relationship is indicative of an in-
creasing τCO

dep at higher Σmol. As the KS slope is not constant,

the value of τCO
dep at a given Σmol also varies depending on

the galaxy. For instance, for Σmol=100 M⊙ pc−2, τCO
dep varies

from <
∼ 1 to >

∼ 9 Gyr. Equivalently, the star formation effi-

ciency per free-fall time decreases with increasing CO lumi-
nosity.

These results stand in contrast with the idea of a con-
stant τCO

dep≈2 Gyr. There are two primary reasons for the
discrepancies. As we discussed in SKB13, by pooling all
data together intrinsic variations between galaxies may be
veiled, with the outcome dependent on those galaxies with
the tightest KS relationship, and with the largest number of
datapoints. Second, the bisector is a statistical measure that
is difficult to interpret, because a slope of unity can result
from different scenarios, including those without any correla-
tion between the predictor and response (see also Isobe et al.
1990).

The significant variation in the KS parameters between
galaxies indicates that ΣSFR depends on other physical prop-
erties besides just Σmol. For instance, the relative effects of
the gas fractions, magnetic fields, metallicity, and/or stel-
lar mass may have stronger influence on the ΣSFR than
Σmol. In fact, Shi et al. (2011) demonstrate a tighter cor-
relation between ΣSFR with the stellar mass, compared to
Σmol. Leroy et al. (2013) also find strong evidence that the
KS relationship varies between galaxies as well as between
the galactic centers and outer disk regions. Their analysis
indicates that the diverse gas depletion times relates to the
variation in the dust-to-gas ratio. Taken these results to-
gether, ΣSFR may need to be assessed in the context of other
physical properties besides just Σmol.

We employed the common assumptions of constant con-
version factors. Accordingly, the result of a mean sub-linear
KS relationship may simply suggest that on average, CO is
not a direct tracer of star formation activity (compare, e.g.
Gao & Solomon 2004). One possible interpretation is that
CO is abundant away from star forming cores. Similarly,
the increasing τCO

dep with Σmol may be due to the presence
of excited CO in the diffuse or non-star-forming ISM (e.g.
Liszt et al. 2010). For instance, towards the centers of galax-
ies the ISM conditions may be conducive for CO formation,
as the higher overall ambient densities may lead to effective

c⃝ 2013 RAS, MNRAS 000, 1–5

all galaxies
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• EMPIRE Survey (PI Frank Bigiel):  
• IR-to-HCN ratio varies systematically as function  

of local disk structure (here stellar surface density) 
• dense gas is less good in forming stars in overall dense regions 

(longer depletion time)

direction to better match the data clouds. The most apparent
result is that, once the radiative transfer is taken into account,
the model can explain the observed range in ISFR COS and

ISFR HCN10S ratios with a narrower range of Mach num-
bers (30–80).

In spite of this relative improvement, the KT07 model
neither reproduces the data to a satisfactory extent, though. For
example, it still requires a too broad range of Mach numbers
and it predicts clouds in (U)LIRGs to be less turbulent that
those in SF galaxies. These two flaws might stem from the
simplifications in the radiative transfer code use by KT07 (see
the paper for details). They may also be solved by combining
radiative transfer models with the more recent turbulent models
in Federrath & Klessen (2012) and following. In general, the
assumption of virialized clouds with lognormal density PDF
implicit in the KMK05 model does not necessarily hold in the
disturbed ISM of many (U)LIRGs.

7.3. Simple Predictions and Logical Next Steps

The contrast of our data with both models indicates logical
next steps. First, while the CO-to-H2 conversion factor has
received substantial attention, the conversion between HCN
and the dense gas mass remains far more uncertain. Especially
the dependence of this value on environment is very uncertain.
We expect HCN(1–0) and similar high critical density, low
excitation lines (e.g., HCO+(1–0), CS(2–1), or HNC(1–0)) to
be the most accessible tracers of dense gas in external galaxies
for the foreseeable future. A quantitative understanding of how

HCNa and similar quantities depend on environment will be
essential. New observations, e.g., of optically thin isotopolo-
gues over a wide range of environments, are clearly needed
(e.g., Papadopoulos et al. 2012).

Along similar lines, the success of the “whole cloud” models
hinges on the properties of individual turbulent molecular
clouds. These properties, including average density and Mach
number, can be measured and compared among environments.
In the same way that knowing HCNa will provide a rigorous
constraint on threshold models, folding cloud properties into
the comparison to whole-cloud models will vastly constrain the
area of viable parameter space. A number of current mm-wave
facilities are able to resolve individual clouds at the distances of
many of our targets (e.g., Colombo et al. 2014).

8. SUMMARY

We have used the IRAM 30 m telescope to observe the
HCN(1–0) line in 62 positions (48 detections) across the disks
of 29 nearby galaxies also targeted by the HERACLES
CO(2–1) survey. Combining these data with previous multi-
wavelength observations, we study the relations between the
dense molecular gas traced by the HCN emission
(n 10 104 52 - cm−3), the bulk of the molecular gas (traced
by the CO data), and the SFR (traced by IR emission). We
highlight that:

1. Unlike most previous studies of HCN in galaxies, our
observations span a wide range of galactocentric radii
(from galaxy centers up to ∼80% of the optical radius) at
linear resolution (∼1.5 kpc on average) that isolates local
properties of a galaxy disk while still averaging over a
large population of clouds. This allows us to probe a wide
range in environmental parameters.

2. We compare our data set to a compilation of unresolved
observations of SF galaxies and (U)LIRGs from GB12.
Our resolved observations seamlessly expand the range
of surface densities sampled by HCN studies of extreme
systems to lower values. They also fill in an intermediate,
so far largely unexplored, luminosity regime in the HCN-
IR luminosity correlation found by Gao & Solomon
(2004b) and Wu et al. (2005).

We focus our analysis on three parameters: the dense gas
fraction ( fdenseµ HCN/CO), the SFR per unit of dense
molecular gas (SFEdense µ SFR/HCN) and the SFR per unit

Figure 7. fdense (left-hand panel), SFEdense (middle panel) and SFEmol (right-hand panel) as a function of the molecular-to-atomic ratio. For gray dots, molS is derived
from CO(1–0) data as indicated in the text. For blue crosses, it is derived from the HERACLES CO(2–1) spectra. See the text for details.

Table 6
Rank Coefficients for fdense, SFEdense and SFEmol as a Function of Local

Parameters, when either the CO(2–1) or the CO(1–0) Transitions are used to
Estimate molS

molS from CO(2–1) molS from CO(1–0)

fdense SFEdense SFEmol fdense SFEdense SFEmol

r25 −0.59å 0.43å −0.07 −0.55å 0.43å −0.10

mol atomS S 0.75å −0.72å −0.22 0.77å −0.68å 0.00

starS 0.67å −0.53å 0.09 0.76å −0.53å 0.34å

Note. Star symbols indicate significant correlations.
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• different galaxies in survey



Bigiel et al. (2016, ApJ, 822, L26)

• EMPIRE Survey (PI Frank Bigiel):  
• IR-to-HCN ratio varies systematically as function  

of local disk structure (here stellar surface density) 
• dense gas is less good in forming stars in overall dense regions 

(longer depletion time)4 Bigiel et al.

Fig. 3.— IR-to-HCN ratio, tracing SFEdense as a function of (left) local stellar surface density, Σ⋆, and (right) molecular-to-atomic gas
ratio, H2/Hi∝ CO/Hi. Gray points with black outlines show points in M51 where HCN is detected at S/N> 3. Light gray points with
no outline show points with lower S/N. Black open points show lower limits - that is, the measured IR/HCN value is above this value or
negative (due to IHCN < 0). A small amount of noise has been added to the y-value of the upper limits to distinguish points. Red points
show the binned trend for the M51 data; including upper limits. Blue points show results for the Usero et al. (2015) sample. The disk
pointings overlap results for our whole-galaxy map, though M51 has a somewhat lower IR-to-HCN ratio than other galaxies in the survey.
Both our whole-disk map and the sparse pointings of Usero et al. (2015) show that SFEdense appears to be lower in the high surface density,
high molecular gas fraction, central, high pressure parts of galaxies.

Figure 1 shows the integrated intensity maps of
HCN (1-0), HCO+ (1-0) and HNC (1-0), the three main
dense gas tracers in EMPIRE. For comparison, the top
left panel also shows the 12CO (1-0) map from PAWS
(Pety et al. 2013), tracing the overall distribution of
molecular gas. We detect emission from all three dense
gas tracers across the disk of M51, with emission bright-
est in the center and along the spiral arms. All three
dense gas tracers align well with the structure of the CO
emission, with HCN moderately brighter than HCO+,
and both brighter than HNC. CO is far brighter than all
three molecules; the map that we show has been scaled
by the typical HCN-to-CO ratio of 1-to-30 to bring it
onto a common intensity scale with the EMPIRE dense
gas maps.
Figure 2 compares the amount of dense gas, traced

by HCN, to the amount of recent star formation, traced
by IR luminosity. In the left panel, we convert each in-
dividual sampling point to a luminosity and plot these
on the global scaling relation between IR luminosity and
HCN luminosity following Gao & Solomon (2004b) and
Wu et al. (2005). The figure shows that our M51 data
extend the IR-HCN correlation seen for whole galaxies
to much lower luminosities, overlapping work for indi-
vidual pointings by Usero et al. (2015) and Bigiel et al.
(2015) and maps by Kepley et al. (2014, M82; see
also Chen et al. (2015), M51). These data help
to fill in the “luminosity gap” between individual Galac-
tic cores (Wu et al. 2010) or clouds (Rosolowsky et al.
2011; Brouillet et al. 2005) and whole active star-forming
galaxies (Gao & Solomon 2004b; Garćıa-Burillo et al.
2012). Across ∼ 8 orders of magnitude in luminosity, the

data scatter around roughly the same IR-to-HCN ratio,
LTIR/LHCN ≈ 900 L⊙ (K km s−1)−1 (Gao & Solomon
2004b, see also Gao et al. 2007), shown as a thick
gray line.
The right panel zooms in on the luminosity-luminosity

relationship for only our new M51 data and the disk
pointings of Usero et al. (2015). Here each point shows an
individual ∼ kpc sized beam (sampling point) with the
black points and error bars showing a running median
and the 1σ scatter in bins of fixed HCN luminosity. In
agreement with the recent work of Chen et al. (2015),
there is a good correspondence between star formation
(IR) and dense gas (HCN) across the disk of M51, with a
Spearman rank correlation coefficient of 0.8 relating the
two. At a given HCN luminosity, the 1σ scatter is be-
tween a factor of 1.3 at high luminosities and 2 near the
low luminosity end. M51 shows similar behavior to the
pointings from Usero et al. (2015), though it is somewhat
brighter in HCN than the other galaxies in the sample
at intermediate luminosities. This might be a result of
the ongoing merger driving gas in M51 to higher den-
sities but also adding turbulence that prevents it from
collapsing. In any case, we expect that comparison with
the other full-galaxy maps from EMPIRE will illuminate
the origin of this offset.
The right panel in Figure 2 also shows that across

the disk of M51, the relationship of IR to HCN is not
perfectly 1-to-1, showing a high degree of scatter and a
mildly sublinear slope. That is, SFEdense as traced by
the IR-to-HCN ratio (fixed for diagonal lines) is lower at
high luminosities in both our M51 map (by about 60%)
and the Usero et al. (2015) sample. Usero et al. (2015)

• resolved data in M51
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Figure 1. Distribution of dense gas and SF activity tracers as a function of Galactic latitude and longitude. Black circles mark the positions of H II regions, blue
crosses show methanol masers and red plus symbols mark water masers. Regions of sky not covered in these surveys are shaded in grey. NH3(1, 1) (bottom)
and H69α (second-bottom) integrated intensity emission is displayed using a square-root image stretch. The tracers and their function as either a dense gas
or SF activity tracer are labelled at the right-hand edge of the bottom row. The CMZ can be seen as bright, extended NH3(1, 1) emission from longitudes of
roughly 358◦ to 4◦.

• similar holds for Galactic 
Center: 

• dense gas in Central 
Molecular Zone (CMZ) 
seems relative inefficient 
in forming stars

- for numerical modeling see  
Bertram (2015, MNRAS, 451, 3679),  
Bertram (2016, MNRAS, 455, 3763)

dense gas tracer: NH3(1,1)

different SF tracers}
Galactic Center

Longmore et al. (2013, MNRAS 429, 987)
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Figure 1. Distribution of dense gas and SF activity tracers as a function of Galactic latitude and longitude. Black circles mark the positions of H II regions, blue
crosses show methanol masers and red plus symbols mark water masers. Regions of sky not covered in these surveys are shaded in grey. NH3(1, 1) (bottom)
and H69α (second-bottom) integrated intensity emission is displayed using a square-root image stretch. The tracers and their function as either a dense gas
or SF activity tracer are labelled at the right-hand edge of the bottom row. The CMZ can be seen as bright, extended NH3(1, 1) emission from longitudes of
roughly 358◦ to 4◦.

• similar holds for Galactic 
Center: 

• dense gas in Central 
Molecular Zone (CMZ) 
seems relative inefficient 
in forming stars

- for numerical modeling see  
Bertram (2015, MNRAS, 451, 3679),  
Bertram (2016, MNRAS, 455, 3763)
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Figure 2. Depletion time τCO
dep

and surface density of STING Galaxies. Points indicate the directly measured values. Solid line is the

median of the Bayesian estimate, and thin lines mark the 2σ interval. The red dashed line indicates τCO
dep

=2 Gyr. The efficiency per free

fall time (ϵCO
ff

) is marked on the right ordinate.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out for all Σmol! 50 M⊙

pc−2. Notice that for some galaxies favoring a linear KS
relationship, such as NGC 3593, the hierarchical Bayesian
fit provides results consistent with previous investigations,
τCO
dep≈2±1 Gyr. However, taken together the data do not

favor a constant τCO
dep for all galaxies in the sample.

5 DISCUSSION & SUMMARY

We have applied a hierarchical Bayesian fitting method to
the STING sample of nearby galaxies for estimating the KS
parameters. Our main results are as follows:

1) The KS parameters vary from galaxy to galaxy. The
median slope estimate ranges from as low as 0.43 (NGC
3147) to as high as 1.0 (NGC 3593). The range in slopes
of the STING sample is consistent with that found from
the SKB13 analysis of the Bigiel et al. (2008) HERACLES
sample.

2) For eight out of the fifteen galaxies, at 95% confidence
the KS slope is sub-linear. The posterior predicts that 11 to
15 galaxies have sub-linear slopes. Additionally, the mean
value of the KS slope is also sub-linear, with the median of
the PDF falling at 0.73. A linear slope for the population is
excluded at the 2σ level.

3) A sub-linear KS relationship is indicative of an in-
creasing τCO

dep at higher Σmol. As the KS slope is not constant,

the value of τCO
dep at a given Σmol also varies depending on

the galaxy. For instance, for Σmol=100 M⊙ pc−2, τCO
dep varies

from <
∼ 1 to >

∼ 9 Gyr. Equivalently, the star formation effi-

ciency per free-fall time decreases with increasing CO lumi-
nosity.

These results stand in contrast with the idea of a con-
stant τCO

dep≈2 Gyr. There are two primary reasons for the
discrepancies. As we discussed in SKB13, by pooling all
data together intrinsic variations between galaxies may be
veiled, with the outcome dependent on those galaxies with
the tightest KS relationship, and with the largest number of
datapoints. Second, the bisector is a statistical measure that
is difficult to interpret, because a slope of unity can result
from different scenarios, including those without any correla-
tion between the predictor and response (see also Isobe et al.
1990).

The significant variation in the KS parameters between
galaxies indicates that ΣSFR depends on other physical prop-
erties besides just Σmol. For instance, the relative effects of
the gas fractions, magnetic fields, metallicity, and/or stel-
lar mass may have stronger influence on the ΣSFR than
Σmol. In fact, Shi et al. (2011) demonstrate a tighter cor-
relation between ΣSFR with the stellar mass, compared to
Σmol. Leroy et al. (2013) also find strong evidence that the
KS relationship varies between galaxies as well as between
the galactic centers and outer disk regions. Their analysis
indicates that the diverse gas depletion times relates to the
variation in the dust-to-gas ratio. Taken these results to-
gether, ΣSFR may need to be assessed in the context of other
physical properties besides just Σmol.

We employed the common assumptions of constant con-
version factors. Accordingly, the result of a mean sub-linear
KS relationship may simply suggest that on average, CO is
not a direct tracer of star formation activity (compare, e.g.
Gao & Solomon 2004). One possible interpretation is that
CO is abundant away from star forming cores. Similarly,
the increasing τCO

dep with Σmol may be due to the presence
of excited CO in the diffuse or non-star-forming ISM (e.g.
Liszt et al. 2010). For instance, towards the centers of galax-
ies the ISM conditions may be conducive for CO formation,
as the higher overall ambient densities may lead to effective

c⃝ 2013 RAS, MNRAS 000, 1–5

all galaxies

• maybe strong shear in dense arms (example M51, Meidt et al. 2013)...

• maybe non-star forming H2 gas becomes traced by CO at high column 
densities (recall H2 needs Av~1, CO needs Av~2,)… 

Shetty et al. (2013, MNRAS, 437, L61, see also Shetty, Kelly, Bigiel, 2013, MNRAS, 430, 288)

physical origin of this behavior?

data from STING survey (Rahman et al. 2011, 2012)
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Figure 2. Depletion time τCO
dep

and surface density of STING Galaxies. Points indicate the directly measured values. Solid line is the

median of the Bayesian estimate, and thin lines mark the 2σ interval. The red dashed line indicates τCO
dep

=2 Gyr. The efficiency per free

fall time (ϵCO
ff

) is marked on the right ordinate.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
dep clearly

increases with increasing gas surface density.
For instance, for NGC 772 where the median N=0.51,

the median τCO
dep varies from <

∼ 5 Gyr at Σmol=50 M⊙ pc−2,

to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out for all Σmol! 50 M⊙

pc−2. Notice that for some galaxies favoring a linear KS
relationship, such as NGC 3593, the hierarchical Bayesian
fit provides results consistent with previous investigations,
τCO
dep≈2±1 Gyr. However, taken together the data do not

favor a constant τCO
dep for all galaxies in the sample.

5 DISCUSSION & SUMMARY

We have applied a hierarchical Bayesian fitting method to
the STING sample of nearby galaxies for estimating the KS
parameters. Our main results are as follows:

1) The KS parameters vary from galaxy to galaxy. The
median slope estimate ranges from as low as 0.43 (NGC
3147) to as high as 1.0 (NGC 3593). The range in slopes
of the STING sample is consistent with that found from
the SKB13 analysis of the Bigiel et al. (2008) HERACLES
sample.

2) For eight out of the fifteen galaxies, at 95% confidence
the KS slope is sub-linear. The posterior predicts that 11 to
15 galaxies have sub-linear slopes. Additionally, the mean
value of the KS slope is also sub-linear, with the median of
the PDF falling at 0.73. A linear slope for the population is
excluded at the 2σ level.

3) A sub-linear KS relationship is indicative of an in-
creasing τCO

dep at higher Σmol. As the KS slope is not constant,

the value of τCO
dep at a given Σmol also varies depending on

the galaxy. For instance, for Σmol=100 M⊙ pc−2, τCO
dep varies

from <
∼ 1 to >

∼ 9 Gyr. Equivalently, the star formation effi-

ciency per free-fall time decreases with increasing CO lumi-
nosity.

These results stand in contrast with the idea of a con-
stant τCO

dep≈2 Gyr. There are two primary reasons for the
discrepancies. As we discussed in SKB13, by pooling all
data together intrinsic variations between galaxies may be
veiled, with the outcome dependent on those galaxies with
the tightest KS relationship, and with the largest number of
datapoints. Second, the bisector is a statistical measure that
is difficult to interpret, because a slope of unity can result
from different scenarios, including those without any correla-
tion between the predictor and response (see also Isobe et al.
1990).

The significant variation in the KS parameters between
galaxies indicates that ΣSFR depends on other physical prop-
erties besides just Σmol. For instance, the relative effects of
the gas fractions, magnetic fields, metallicity, and/or stel-
lar mass may have stronger influence on the ΣSFR than
Σmol. In fact, Shi et al. (2011) demonstrate a tighter cor-
relation between ΣSFR with the stellar mass, compared to
Σmol. Leroy et al. (2013) also find strong evidence that the
KS relationship varies between galaxies as well as between
the galactic centers and outer disk regions. Their analysis
indicates that the diverse gas depletion times relates to the
variation in the dust-to-gas ratio. Taken these results to-
gether, ΣSFR may need to be assessed in the context of other
physical properties besides just Σmol.

We employed the common assumptions of constant con-
version factors. Accordingly, the result of a mean sub-linear
KS relationship may simply suggest that on average, CO is
not a direct tracer of star formation activity (compare, e.g.
Gao & Solomon 2004). One possible interpretation is that
CO is abundant away from star forming cores. Similarly,
the increasing τCO

dep with Σmol may be due to the presence
of excited CO in the diffuse or non-star-forming ISM (e.g.
Liszt et al. 2010). For instance, towards the centers of galax-
ies the ISM conditions may be conducive for CO formation,
as the higher overall ambient densities may lead to effective
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Figure 2. Depletion time τCO
dep

and surface density of STING Galaxies. Points indicate the directly measured values. Solid line is the

median of the Bayesian estimate, and thin lines mark the 2σ interval. The red dashed line indicates τCO
dep

=2 Gyr. The efficiency per free

fall time (ϵCO
ff

) is marked on the right ordinate.

As with the KS relationship itself in Figure 1, there is
no single τCO

dep that holds for all galaxies. Further, for those

galaxies with a strongly sub-linear relationship, τCO
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increases with increasing gas surface density.
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the median τCO
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to >
∼ 9 Gyr at Σmol=200 M⊙ pc−2. Altogether, a constant

value of τCO
dep=2 Gyr can be ruled out for all Σmol! 50 M⊙

pc−2. Notice that for some galaxies favoring a linear KS
relationship, such as NGC 3593, the hierarchical Bayesian
fit provides results consistent with previous investigations,
τCO
dep≈2±1 Gyr. However, taken together the data do not

favor a constant τCO
dep for all galaxies in the sample.

5 DISCUSSION & SUMMARY

We have applied a hierarchical Bayesian fitting method to
the STING sample of nearby galaxies for estimating the KS
parameters. Our main results are as follows:

1) The KS parameters vary from galaxy to galaxy. The
median slope estimate ranges from as low as 0.43 (NGC
3147) to as high as 1.0 (NGC 3593). The range in slopes
of the STING sample is consistent with that found from
the SKB13 analysis of the Bigiel et al. (2008) HERACLES
sample.
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the KS slope is sub-linear. The posterior predicts that 11 to
15 galaxies have sub-linear slopes. Additionally, the mean
value of the KS slope is also sub-linear, with the median of
the PDF falling at 0.73. A linear slope for the population is
excluded at the 2σ level.
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dep at higher Σmol. As the KS slope is not constant,

the value of τCO
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dep varies

from <
∼ 1 to >
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nosity.

These results stand in contrast with the idea of a con-
stant τCO

dep≈2 Gyr. There are two primary reasons for the
discrepancies. As we discussed in SKB13, by pooling all
data together intrinsic variations between galaxies may be
veiled, with the outcome dependent on those galaxies with
the tightest KS relationship, and with the largest number of
datapoints. Second, the bisector is a statistical measure that
is difficult to interpret, because a slope of unity can result
from different scenarios, including those without any correla-
tion between the predictor and response (see also Isobe et al.
1990).

The significant variation in the KS parameters between
galaxies indicates that ΣSFR depends on other physical prop-
erties besides just Σmol. For instance, the relative effects of
the gas fractions, magnetic fields, metallicity, and/or stel-
lar mass may have stronger influence on the ΣSFR than
Σmol. In fact, Shi et al. (2011) demonstrate a tighter cor-
relation between ΣSFR with the stellar mass, compared to
Σmol. Leroy et al. (2013) also find strong evidence that the
KS relationship varies between galaxies as well as between
the galactic centers and outer disk regions. Their analysis
indicates that the diverse gas depletion times relates to the
variation in the dust-to-gas ratio. Taken these results to-
gether, ΣSFR may need to be assessed in the context of other
physical properties besides just Σmol.

We employed the common assumptions of constant con-
version factors. Accordingly, the result of a mean sub-linear
KS relationship may simply suggest that on average, CO is
not a direct tracer of star formation activity (compare, e.g.
Gao & Solomon 2004). One possible interpretation is that
CO is abundant away from star forming cores. Similarly,
the increasing τCO

dep with Σmol may be due to the presence
of excited CO in the diffuse or non-star-forming ISM (e.g.
Liszt et al. 2010). For instance, towards the centers of galax-
ies the ISM conditions may be conducive for CO formation,
as the higher overall ambient densities may lead to effective
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• maybe a large fraction of H2 (even if traced by CO) may not be in  
dense clouds, but in a diffuse state!  

in addition:

Shetty et al. (2014, MNRAS, 422, 2208)

dense vs. diffuse CO-traced H2 gas
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Fig. 9.— Map of the total (left), dense (middle, detected in 12CO and 13CO), and diffuse (right, detected in 12CO, undetected in 13CO)
average Galactic surface density of molecular gas in the Milky Way. The coverage of the two surveys is indicated by the grey/white contrast.

TABLE 4
Total luminosity and molecular mass in the Milky
Way in the diffuse and dense components traced by

12CO.

Inner Outer Total

L(12CO)

Diffuse 2.1×101 4.9 2.6×101

Dense 1.1×102 10 1.2×102

Very dense 4.8 — 4.8
Total 1.3×102 1.5×101 1.4×102

M(H2)

Diffuse 8.5×107 6.2×107 1.5×108

Dense 4.5×108 1.1×108 5.5×108

Very dense 2.8×107 — 2.8×107

Total 5.3×108 1.7×108 7.0×108

Note. — Luminosities are given in units of K km s−1 kpc2.
Masses are given in M⊙. Statistical errors on integrated lumi-
nosities and masses are ∼1%. Systematic uncertainties are ∼30%
due to uncertainties on abundances (13CO/12CO and 12CO/H2)
and the possibly non-applicable assumption of LTE in the dif-
fuse regime, which systematically underestimates masses at low
column densities.

other words, with average Galactic surface density of
CO-bright molecular gas, indicating that either the
fraction of dense gas decreases with decreasing surface
density and/or the abundance of 13CO decreases with
decreasing surface density. Milam et al. (2005) found
a gradient in the 12CO/13CO abundance, which varies
between 50 at Rgal = 5 kpc and 100 at Rgal = 15
kpc, which could be consistent with the variations
in luminosity ratio. Other possible effects that could
explain the variations in the 12CO/13CO integrated
intensity or luminosity ratio include more sub-thermally
excited 13CO in the Outer Galaxy.

4.4. Radial distribution of the diffuse, dense, and very
dense CO components

Similarly, we derive the average Galactic H2 surface
density Σgal(H2)(Rgal) in the diffuse extended, dense,
and very dense components, by summing the masses of
all voxels in each CO-component in Galactocentric ra-
dius bins of width 0.1 kpc, and dividing by the surface

area of each survey projected on the Galactic Plane. The
resulting radial distributions of the three CO gas com-
ponents are shown in linear space separately for the In-
ner and Outer Galaxy in Figure 12 and in logarithmic
space plotted together in Figure 13. As for the 12CO
and 13CO average Galactic integrated intensity compu-
tation, all relevant sources of errors are included in the
final error budget.
In the Inner Galaxy, the dense component dominates

in mass. The mass fraction of dense gas decreases from
90% at Rgal = 4 kpc to 50% in the solar neighborhood.
In the Outer Galaxy, the mass fraction of dense gas varies
between 50% and 80%, and is anti-correlated with sur-
face density.
Assuming that the Galaxy is roughly axisymmetric and

that the radial trends observed in our surveys are repre-
sentative of the Galaxy as a whole, the total masses of
the diffuse and dense CO components integrated between
3 kpc and 15 kpc are 1.5 × 108 M⊙ and 5.5 × 108 M⊙

respectively, or 21% and 79% of the total H2 mass traced
by 12CO (7.0×108 M⊙) respectively. Statistical errors on
integrated masses are ∼1%. Systematic uncertainties are
∼30% due to uncertainties on abundances (13CO/12CO
and 12CO/H2) and the possibly non-applicable assump-
tion of LTE at low column densities, which systemati-
cally underestimates masses in the diffuse regime. The
total mass of H2 derived here is compatible within errors
to the number quoted in the review by Heyer & Dame
(2015) or 9×108 M⊙.
In the Inner Galaxy, where CS observations are avail-

able at ℓ = 45◦, the very dense CO component (also
bright in CS) is very sparse. In the Galactocentric ra-
dius range probed by the observations (Rgal = 6—8.5
kpc), the fraction of the very dense component in the to-
tal surface density varies between zero and 50% locally in
presumably massive star formation regions. Locally, the
very dense component can thus comprise a significant
fraction of the gas. Globally, however, the very dense
component traced by CS represents only 4% of the total
molecular gas mass traced by 12CO emission, due to its
low filling factor.
As a comparison, Battisti & Heyer (2014) found that

the very dense component of molecular clouds, as traced

total gas dense clouds diffuse gas

INNER GALAXY:  
Galactic Ring Survey (GRS)

OUTER GALAXY:  
EXEF survey

Exeter-Five College Radio Astronomy Observatory (EXFC)  
Galactic Ring Survey (GRS)

observational approach

Roman-Duval et al. (2016, ApJ, 818, 144)



observational approach:
• comparison of 13CO (tracing mostly dense clouds) and 12CO 

tracing all the gas (including the more diffuse component)

12CO
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clouds
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Roman-Duval et al. (2016, ApJ, 818, 144)
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 dense gas fraction as function of Galactic radius 

dense gas traced by CS be higher closer to the center of the
Galaxy.

As a comparison, Battisti & Heyer (2014) found that the very
dense component of molecular clouds, as traced by mm dust
continuum emission, comprises ∼10% of the mass of molecular
clouds identified with the CPROPS detection algorithm
(Rosolowsky & Leroy 2006). In Section 5.1, we show that
about 15% of the total molecular gas mass traced by 12CO in
the Milky Way resides in such GMCs, and so the very dense
gas fraction determined in Battisti & Heyer (2014) would
represent about 1.5% of the total H2 mass traced by 12CO,
which is slightly lower than the very dense gas fraction
derived here.

4.5. Anti-correlation between Diffuse CO gas and Galactic
Surface Density of Molecular Gas

Figure 12 suggests that the fraction of dense CO gas is
correlated with the Galactic surface density of molecular gas
(traced by 12CO). We plot in the top panel of Figure 14 the
relation between the mass fraction of dense CO gas and the
Galactic molecular gas surface density, averaged in 100 pc
wide pixels as seen from above the Galaxy (see Figure 9). At
low molecular surface densities ( 10gal

100 pc 5S < Me kpc−2), the
fraction of dense gas is low ( fDG < 20%–30%). The dense gas
fraction increases when the disk’s molecular gas surface
density increases, and reaches 80%–90% at high surface
densities of 107Me kpc−2. A linear fit in log–log space to the

gal
100 pcS —fDG relation yields fDG = 0.02 gal

0.24 0.01S o .
The relation between Galactic surface density of H2 and the

fraction of very dense gas (traced by CS emission), fVDG, is
shown in the bottom panel of Figure 14. The mass fraction of
very dense gas (presumably star-forming) also increases with
increasing disk surface density, from fVDG = 1% at gal

100 pcS = a
few 105Me kpc−2, up to fVDG = 30% at gal

100 pcS =
107Me kpc−2. A linear fit in log–log space yields
fVDG = 3.7 10 7´ -

gal
0.8 0.1S o .

4.6. Vertical Distribution of CO Gas in the Milky Way

We derive the vertical distribution (i.e., perpendicular to the
Galactic plane) of the total, diffuse, dense, and very dense CO
components. Knowing the distance of each voxel, its height

above the plane z was computed as z d btan( )= . We then
summed the masses of all voxels in vertical height bins of
width 5 pc and galactocentric radius bins of width 1 kpc,
divided by the surface areas on the Galactic Plane covered by
each survey in those radial bins, and divided by the bin width
(5 pc) to obtain the average molecular gas density H2( )r

Figure 11. Detected (red) and noise (blue) CS average Galactic integrated
intensities as a function of Galactocentric radius (in bins of width 0.1 kpc), in
the 2 deg2 field of the GRS.

Figure 12. Average Galactic H2 surface densities of the diffuse (red, detected
in 12CO, undetected in 13CO), dense (green, detected in 12CO and 13CO), and
very dense (blue, detected in 12CO, 13CO, and CS) components averaged in
bins of width 0.1 kpc, as a function of Galactocentric radius in the GRS
+UMSB (inner Galaxy only, top), in the EXFC 135–165 survey (outer Galaxy
only, middle), and in the EXFC 55–100 survey (inner and outer Galaxy,
bottom). In the inner Milky Way covered by the GRS, the pink filled curve
indicates the surface density of H2 in molecular clouds identified with a clump
finding algorithm in Roman-Duval et al. (2010).
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about 15% of the total molecular gas mass traced by 12CO in
the Milky Way resides in such GMCs, and so the very dense
gas fraction determined in Battisti & Heyer (2014) would
represent about 1.5% of the total H2 mass traced by 12CO,
which is slightly lower than the very dense gas fraction
derived here.
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correlated with the Galactic surface density of molecular gas
(traced by 12CO). We plot in the top panel of Figure 14 the
relation between the mass fraction of dense CO gas and the
Galactic molecular gas surface density, averaged in 100 pc
wide pixels as seen from above the Galaxy (see Figure 9). At
low molecular surface densities ( 10gal
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above the plane z was computed as z d btan( )= . We then
summed the masses of all voxels in vertical height bins of
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divided by the surface areas on the Galactic Plane covered by
each survey in those radial bins, and divided by the bin width
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Figure 11. Detected (red) and noise (blue) CS average Galactic integrated
intensities as a function of Galactocentric radius (in bins of width 0.1 kpc), in
the 2 deg2 field of the GRS.

Figure 12. Average Galactic H2 surface densities of the diffuse (red, detected
in 12CO, undetected in 13CO), dense (green, detected in 12CO and 13CO), and
very dense (blue, detected in 12CO, 13CO, and CS) components averaged in
bins of width 0.1 kpc, as a function of Galactocentric radius in the GRS
+UMSB (inner Galaxy only, top), in the EXFC 135–165 survey (outer Galaxy
only, middle), and in the EXFC 55–100 survey (inner and outer Galaxy,
bottom). In the inner Milky Way covered by the GRS, the pink filled curve
indicates the surface density of H2 in molecular clouds identified with a clump
finding algorithm in Roman-Duval et al. (2010).
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(inMe pc−3) as a function of z and Rgal for the overall CO gas,
as well as the diffuse, dense, and very dense CO gas
components. In the inner Galaxy, the vertical profile of the
molecular gas density was derived for each Monte Carlo
realization and then averaged over all realizations. The
resulting vertical profiles are shown in Figure 15. The profiles
are fitted with Gaussians, and the resulting centroid and
FWHM values are plotted as a function of Galactocentric
radius in Figure 16.

The total vertical profile of molecular gas in the inner Galaxy
is well described by a Gaussian function with a FWHM of

∼110 pc. As seen in the radial distribution of diffuse and dense
CO gas, the dense CO component dominates the inner Galaxy
in mass. The profile of the diffuse component in the
inner Galaxy is also Gaussian, but with a larger FWHM of
130–200 pc. In contrast, the very dense component is
concentrated in the Galactic plane, with a non-Gaussian,
double-peaked profile of FWHM ∼ 50 pc.
In the outer Galaxy, the molecular disk is more warped, with

a centroid increasing from a few parsecs at the solar circle, up
to 150 pc at Rgal = 14 kpc. The molecular disk is wider than in
the inner Galaxy, with FWHM varying between 110 and 300
pc. The vertical profiles have multiple peaks and are thus not
well fit by a Gaussian. The FWHM shown in Figure 16 thus
represents a gross approximation of the profile width. In the
outer Galaxy, the diffuse CO component has a similar mass as
the dense CO gas, but their vertical profiles differ significantly.
The vertical profile of the diffuse CO gas appears smoother and
wider than the profile of the dense CO gas.
In both the inner and outer Galaxy, these results are

consistent with previous estimates of the thickness and mid-
plane displacement summarized by Heyer & Dame (2015). The
larger vertical extent of the diffuse CO component suggests that
it originates from a thick disk, which has already been
suggested in the Milky Way by Dame & Thaddeus (1994), and
in M51 by Pety et al. (2013).

5. DISCUSSION, LIMITATIONS, AND IMPLICATIONS

5.1. Comparison to the Radial and Vertical Distribution
of Molecular Gas Identified as Part of GMCs

Studies of the properties and distribution of molecular gas in
galaxies commonly resort to a cloud identification algorithm,
such as CLUMPFIND (Williams et al. 1994) or dendrogram
(Rosolowsky et al. 2008) algorithms. These procedures allow

Figure 13. Average Galactic H2 surface densities of the diffuse (red, detected in 12CO, undetected in 13CO) and dense (green, detected in 12CO and 13CO) components
as a function of Galactocentric radius (in bins of width 0.1 kpc), in logarithmic scale, combining all data sets. In the inner Galaxy, the pink line indicates the surface
density of H2 in molecular clouds identified in Roman-Duval et al. (2010).

Table 5
Total Luminosity and Molecular Mass in the Milky Way in the

Diffuse and Dense Components Traced by 12CO

Inner Outer Total

L(12CO)

Diffuse 2.0 101´ 4.0 2.4 101´
Dense 1.1 102´ 3.8 1.1 102´

Very dense 4.8 K 4.8
Total 1.3 102´ 7.7 1.4 102´

M(H2)

Diffuse 9.3 107´ 6.0 107´ 1.5 108´
Dense 4.6 108´ 3.9 107´ 4.9 108´

Very dense 2.9 107´ K 2.9 107´
Total 5.5 108´ 9.9 107´ 6.5 108´

Note. Luminosities are given in units of K km s−1 kpc2. Masses are given in
Me. Statistical errors on integrated luminosities and masses are ∼1%.
Systematic uncertainties are ∼30% due to uncertainties on abundances
(13CO/12CO and 12CO/H2) and the possibly non-applicable assumption of
LTE in the diffuse regime, which systematically underestimates masses at low
column densities.
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(inMe pc−3) as a function of z and Rgal for the overall CO gas,
as well as the diffuse, dense, and very dense CO gas
components. In the inner Galaxy, the vertical profile of the
molecular gas density was derived for each Monte Carlo
realization and then averaged over all realizations. The
resulting vertical profiles are shown in Figure 15. The profiles
are fitted with Gaussians, and the resulting centroid and
FWHM values are plotted as a function of Galactocentric
radius in Figure 16.

The total vertical profile of molecular gas in the inner Galaxy
is well described by a Gaussian function with a FWHM of

∼110 pc. As seen in the radial distribution of diffuse and dense
CO gas, the dense CO component dominates the inner Galaxy
in mass. The profile of the diffuse component in the
inner Galaxy is also Gaussian, but with a larger FWHM of
130–200 pc. In contrast, the very dense component is
concentrated in the Galactic plane, with a non-Gaussian,
double-peaked profile of FWHM ∼ 50 pc.
In the outer Galaxy, the molecular disk is more warped, with

a centroid increasing from a few parsecs at the solar circle, up
to 150 pc at Rgal = 14 kpc. The molecular disk is wider than in
the inner Galaxy, with FWHM varying between 110 and 300
pc. The vertical profiles have multiple peaks and are thus not
well fit by a Gaussian. The FWHM shown in Figure 16 thus
represents a gross approximation of the profile width. In the
outer Galaxy, the diffuse CO component has a similar mass as
the dense CO gas, but their vertical profiles differ significantly.
The vertical profile of the diffuse CO gas appears smoother and
wider than the profile of the dense CO gas.
In both the inner and outer Galaxy, these results are

consistent with previous estimates of the thickness and mid-
plane displacement summarized by Heyer & Dame (2015). The
larger vertical extent of the diffuse CO component suggests that
it originates from a thick disk, which has already been
suggested in the Milky Way by Dame & Thaddeus (1994), and
in M51 by Pety et al. (2013).

5. DISCUSSION, LIMITATIONS, AND IMPLICATIONS

5.1. Comparison to the Radial and Vertical Distribution
of Molecular Gas Identified as Part of GMCs

Studies of the properties and distribution of molecular gas in
galaxies commonly resort to a cloud identification algorithm,
such as CLUMPFIND (Williams et al. 1994) or dendrogram
(Rosolowsky et al. 2008) algorithms. These procedures allow

Figure 13. Average Galactic H2 surface densities of the diffuse (red, detected in 12CO, undetected in 13CO) and dense (green, detected in 12CO and 13CO) components
as a function of Galactocentric radius (in bins of width 0.1 kpc), in logarithmic scale, combining all data sets. In the inner Galaxy, the pink line indicates the surface
density of H2 in molecular clouds identified in Roman-Duval et al. (2010).
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Total Luminosity and Molecular Mass in the Milky Way in the

Diffuse and Dense Components Traced by 12CO

Inner Outer Total

L(12CO)

Diffuse 2.0 101´ 4.0 2.4 101´
Dense 1.1 102´ 3.8 1.1 102´

Very dense 4.8 K 4.8
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M(H2)
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Note. Luminosities are given in units of K km s−1 kpc2. Masses are given in
Me. Statistical errors on integrated luminosities and masses are ∼1%.
Systematic uncertainties are ∼30% due to uncertainties on abundances
(13CO/12CO and 12CO/H2) and the possibly non-applicable assumption of
LTE in the diffuse regime, which systematically underestimates masses at low
column densities.
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(inMe pc−3) as a function of z and Rgal for the overall CO gas,
as well as the diffuse, dense, and very dense CO gas
components. In the inner Galaxy, the vertical profile of the
molecular gas density was derived for each Monte Carlo
realization and then averaged over all realizations. The
resulting vertical profiles are shown in Figure 15. The profiles
are fitted with Gaussians, and the resulting centroid and
FWHM values are plotted as a function of Galactocentric
radius in Figure 16.
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is well described by a Gaussian function with a FWHM of

∼110 pc. As seen in the radial distribution of diffuse and dense
CO gas, the dense CO component dominates the inner Galaxy
in mass. The profile of the diffuse component in the
inner Galaxy is also Gaussian, but with a larger FWHM of
130–200 pc. In contrast, the very dense component is
concentrated in the Galactic plane, with a non-Gaussian,
double-peaked profile of FWHM ∼ 50 pc.
In the outer Galaxy, the molecular disk is more warped, with

a centroid increasing from a few parsecs at the solar circle, up
to 150 pc at Rgal = 14 kpc. The molecular disk is wider than in
the inner Galaxy, with FWHM varying between 110 and 300
pc. The vertical profiles have multiple peaks and are thus not
well fit by a Gaussian. The FWHM shown in Figure 16 thus
represents a gross approximation of the profile width. In the
outer Galaxy, the diffuse CO component has a similar mass as
the dense CO gas, but their vertical profiles differ significantly.
The vertical profile of the diffuse CO gas appears smoother and
wider than the profile of the dense CO gas.
In both the inner and outer Galaxy, these results are

consistent with previous estimates of the thickness and mid-
plane displacement summarized by Heyer & Dame (2015). The
larger vertical extent of the diffuse CO component suggests that
it originates from a thick disk, which has already been
suggested in the Milky Way by Dame & Thaddeus (1994), and
in M51 by Pety et al. (2013).
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LTE in the diffuse regime, which systematically underestimates masses at low
column densities.

15

The Astrophysical Journal, 818:144 (19pp), 2016 February 20 Roman-Duval et al.

fraction CO-traced H2 gas
in Milky Way: 
~1/4 diffuse
~3/4 dense
~1/20 in known molecular     
          clouds only !!!



dense gas fraction as function of radius

Roman-Duval et al. (2016, ApJ, 818, 144)

(inMe pc−3) as a function of z and Rgal for the overall CO gas,
as well as the diffuse, dense, and very dense CO gas
components. In the inner Galaxy, the vertical profile of the
molecular gas density was derived for each Monte Carlo
realization and then averaged over all realizations. The
resulting vertical profiles are shown in Figure 15. The profiles
are fitted with Gaussians, and the resulting centroid and
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represents a gross approximation of the profile width. In the
outer Galaxy, the diffuse CO component has a similar mass as
the dense CO gas, but their vertical profiles differ significantly.
The vertical profile of the diffuse CO gas appears smoother and
wider than the profile of the dense CO gas.
In both the inner and outer Galaxy, these results are

consistent with previous estimates of the thickness and mid-
plane displacement summarized by Heyer & Dame (2015). The
larger vertical extent of the diffuse CO component suggests that
it originates from a thick disk, which has already been
suggested in the Milky Way by Dame & Thaddeus (1994), and
in M51 by Pety et al. (2013).
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5.1. Comparison to the Radial and Vertical Distribution
of Molecular Gas Identified as Part of GMCs
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galaxies commonly resort to a cloud identification algorithm,
such as CLUMPFIND (Williams et al. 1994) or dendrogram
(Rosolowsky et al. 2008) algorithms. These procedures allow
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column densities.
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• star formation is a multi-scale multi-physics problem
• progress requires the combination of many different 

physical/chemical processes (often included as ‘sub-
grid scale’ models’)

• analytic theories fail (much too simplified), numerical 
simulations are needed to face this complexity
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• star formation is a multi-scale multi-physics problem
• progress requires the combination of many different 

physical/chemical processes (often included as ‘sub-
grid scale’ models’)

• analytic theories fail (much too simplified), numerical 
simulations are needed to face this complexity



• Jeans (1902): Interplay between  
self-gravity and thermal pressure 
- stability of homogeneous spherical 

density enhancements against  
gravitational collapse 

- dispersion relation: 

- instability when  

- minimal mass:  
  

early theoretical models

Sir James Jeans, 1877 - 1946
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• von Weizsäcker (1943, 1951)  and  
Chandrasekhar (1951): concept of 
MICROTURBULENCE 
- BASIC ASSUMPTION: separation of  

scales between dynamics and turbulence 
lturb « ldyn 

- then turbulent velocity dispersion contributes 
to effective soundspeed: 

- ! Larger effective Jeans masses ! more stability 
- BUT: (1)  turbulence depends on k: 
 
          (2) supersonic turbulence    !                       usually 

first approach to turbulence

S. Chandrasekhar,  
1910 - 1995
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C.F. von Weiszäcker,  
1912 - 2007



problems of early dynamical theory

• molecular clouds are highly Jeans-unstable, 
yet, they do NOT form stars at high rate  
and with high efficiency (Zuckerman & Evans 1974 conundrum) 
(the observed  global SFE in molecular clouds is ~5%)  
! something prevents large-scale collapse. 

• all throughout the early 1990’s, molecular clouds 
had been thought to be long-lived quasi-equilibrium 
entities. 

• molecular clouds are magnetized



• Mestel & Spitzer (1956): Magnetic 
fields can prevent collapse!!! 
- Critical mass for gravitational  

collapse in presence of B-field 

- Critical mass-to-flux ratio 
(Mouschovias & Spitzer 1976) 
  

- Ambipolar diffusion can initiate collapse

magnetic star formation 
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• BASIC ASSUMPTION: Stars form from  
magnetically highly subcritical cores 

• Ambipolar diffusion slowly  
increases (M/Φ): τAD ≈ 10τff 

• Once (M/Φ) > (M/Φ)crit : 
dynamical collapse of SIS 

•  Shu (1977) collapse solution 

•  dM/dt = 0.975 cs
3/G = const.  

• Was (in principle) only intended  
for isolated, low-mass stars

“standard theory” of star formation 

Frank Shu, 1943 -  

magnetic field



problems of “standard theory”

• Observed B-fields are weak, at most 
marginally critical (Crutcher 1999, Bourke et al. 
2001) 

• Magnetic fields cannot prevent decay of 
turbulence 
(Mac Low et al. 1998, Stone et al. 1998, Padoan & 
Nordlund 1999) 

• Structure of prestellar cores 
(e.g. Bacman  et al. 2000, Alves et al. 2001) 

• Strongly time varying dM/dt 
(e.g. Hendriksen et al. 1997, André et al. 2000) 

• More extended infall motions than 
predicted by the standard model 
(Williams & Myers 2000, Myers et al. 2000) 

• Most stars form as binaries 
(e.g. Lada 2006)

• As many prestellar cores as protostellar 
cores in SF regions (e.g. André et al 2002) 

• Molecular cloud clumps are chemically 
young  
(Bergin & Langer 1997, Pratap et al 1997, Aikawa 
et al 2001) 

• Stellar age distribution small (τff << τAD)  
(Ballesteros-Paredes et al. 1999, Elmegreen 2000, 
Hartmann 2001) 

• Strong theoretical criticism of the SIS as 
starting condition for gravitational 
collapse 
(e.g. Whitworth et al 1996, Nakano 1998, as 
summarized in Klessen & Mac Low 2004) 

• Standard AD-dominated theory is 
incompatible with observations  
(Crutcher et al. 2009, 2010ab, Bertram et al. 2011)

 (see e.g. Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194 
Klessen & Glover, 2014, Saas Fee Lecture, arXiv:1412.5182 )



• BASIC ASSUMPTION:   
  

star formation is controlled by interplay between 
supersonic turbulence and self-gravity  

• turbulence plays a dual role: 

- on large scales it provides support 

- on small scales it can trigger collapse 

• some predictions: 

- dynamical star formation timescale τff 

- high binary fraction 

- complex spatial structure of  
embedded star clusters 

- and many more . . .

gravoturbulent star formation

Mac Low & Klessen, 2004, Rev. Mod. Phys., 76, 125-194 
McKee & Ostriker, 2007, ARAA, 45, 565 
Klessen & Glover, 2016, Saas Fee Lecture, 43, 86, arXiv:1412.5182 )



• laminar flows turn turbulent at high Reynolds numbers  
  

                                   
 
V= typical velocity on scale L,  ν = η/ρ = kinematic viscosity,     
turbulence for Re > 1000 ➞ typical values in ISM 108-1010 

• Navier-Stokes equation (transport of momentum) 

Re =

advection

dissipation

=

V L

⌫
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• putting all together, the momentum equation for ideal
gases in the absence of external forces, (2.24) or (2.20), but
with corrections from velocity gradients in non-equilibrium
systems to the stress-energy tensor (2.31), reads
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• the right-rand side of this equation can be simplified to

⌘
@2vi
@x2

j
+ ⌘
@

@xi

@v j

@x j
� 2⌘

3
@

@xi

@vk
@xk
+ ⇣
@

@xi

@vk
@xk

= ⌘~r2vi +
✓⌘

3
+ ⇣

◆ @(~r ·~v)
@xi

; (2.34)

• the left-hand side of (2.33) can be rewritten using the conti-
nuity equation (2.3),
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• we have now derived the transport equation for momen- see also Landau & Lifschitz, Vol.
6 “Hydrodynamics” §15tum in hydrodynamics, the Navier-Stokes equation:
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as expected, this simplifies to the Euler equation (2.24),

⇢
d~v
dt
= �~rP

for inviscid fluids, i.e. for ⌘ = ⇣ = 0;

 shear viscosity bulk viscosity 
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• we now examine how the symmetric and the antisymmet- the Levi-Civita tensor ✏i jk is the
totally skew-symmetric tensor
of rank 3; its values are

✏i jk =

8

>

>

>
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>

>
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:

1 even permutations of 123
�1 odd permutations of 123

0 some indices are equal

recall also that
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= �l j

ric parts behave if the velocity field is caused by rigid rota-
tion,

~v = ~! ⇥ ~x , vi = ✏i jk! jxk , (2.26)

we see that the antisymmetric part turns into
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while the symmetric part vanishes; our tensor �i j there-
more must be symmetric;

• we go one step further and we split the tensor �i j into a
contribution from shear flows (with vanishing trace) which
deform the medium and a contribution from compression
(with vanishing off-diagonal elements);

• the trace of 1/2(@vi/@x j +@v j/@xi) simply is the divergence of
~v:
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and we can construct the trace-free residual, the shear ten-
sor, as
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• putting it all together, we obtain the most general form of
the viscous stress tensor,
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where the coefficients ⌘ and ⇣ determine the relative impor-
tance of shear and compression to the viscous stresses in
the fluids; consequently, ⌘ is called shear viscosity coeffi-
cient (sometimes second viscosity) and ⇣ bulk viscosity co-
efficient; both are characteristics of the material under con-
sideration and can be determined experimentally;

• the corresponding the stress-energy tensor with contribu-
tions from velocity gradients is then

Ti j = ⇢viv j + P�i j � �i j , (2.31)

where the minus sign is conventional;

viscous stress tensor   

properties of turbulence



• laminar flows turn turbulent at high Reynolds numbers  
  

                                   
 
V= typical velocity on scale L,  ν = η/ρ = kinematic viscosity,     
turbulence for Re > 1000 ➞ typical values in ISM 108-1010 

• vortex streching --> turbulence is intrinsically anisotropic  
(only on large scales you may get  
homogeneity & isotropy in a statistical sense;  
see Landau & Lifschitz, Chandrasekhar, Taylor, etc.) 
 
(BUT: ISM turbulence: shocks & B-field  
cause additional inhomogeneity) 

Re =

advection

dissipation

=

V L

⌫
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• laminar flows turn turbulent at high Reynolds numbers  
  

                                   
 
V= typical velocity on scale L,  ν = η/ρ = kinematic viscosity,     
turbulence for Re > 1000 ➞ typical values in ISM 108-1010 

• vortex streching --> turbulence is intrinsically anisotropic  
(only on large scales you may get  
homogeneity & isotropy in a statistical sense;  
see Landau & Lifschitz, Chandrasekhar, Taylor, etc.) 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properties of turbulence

Tornado over Portofino

more in talk by  Alex Lazarian
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energy source & scale 
NOT known  
(supernovae, winds,  
spiral density waves?)

dissipation scale not known 
(ambipolar diffusion,   
molecular diffusion?)

turbulent cascade in the ISM

• scale-free behavior of turbulence 
in the range 

• slope between -5/3 ... -2 
• energy “flows” from large to small 

scales, where it turns into heat 
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•

 molecular clouds 

σrms  ≈ several km/s 
Mrms > 10 
    L  > 10 pc

lo
g 

E

log kL-1

•

•

ηK
-1

energy source & scale 
NOT known  
(supernovae, winds,  
spiral density waves?)

dissipation scale not known 
(ambipolar diffusion,   
molecular diffusion?)

supersonic

subsonic

so
ni

c 
sc

al
e

•

 massive cloud cores 

σrms  ≈ few km/s         
Mrms ≈ 5 
      L ≈ 1 pc 

•

dense  
protostellar  
cores 

σrms << 1 km/s          
Mrms ≤ 1    
     L ≈ 0.1 pc 

turbulent cascade in the ISM



CO-dark H2 g
as



modeling molecular cloud formation

- Arepo moving mesh code (Springel 2010) 
- time dependent chemistry (Glover et al. 2007) 
  gives heating & cooling in a 2 phase medium 
- two layers of refinement with mass resolution down to  
  4 M⦿ in full Galaxy simulation 

- UV field and cosmic rays 
- TreeCol (Clark et al. 2012) 
- external spiral potential (Dobbs & Bonnell 2006)

GMC’s

(Smith et al., 2014, MNRAS, 441, 1628)



modeling molecular cloud formation

- Arepo moving mesh code (Springel 2010) 
- time dependent chemistry (Glover et al. 2007) 
  gives heating & cooling in a multi-phase medium 
- two layers of refinement with mass resolution down to  
  4 M⦿ in full Galaxy simulation 

- UV field and cosmic rays 
- TreeCol (Clark et al. 2012) 
- external spiral potential (Dobbs & Bonnell 2006)

GMC’s

(Smith et al., 2014, MNRAS, 441, 1628)

more on chemistry and heating/cooling in review talks by David Neufeld and Xander Tielens
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

total column density

(Smith et al., 2014, MNRAS, 441, 1628)
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

HI column density

(Smith et al., 2014, MNRAS, 441, 1628)



image from THOR Galactic plane survey (PI H. Beuther): continuum emission around 21 cm

next step: produce all sky maps at various positions in the model galaxy (use RADMC-3D)

(Smith et al., 2014, MNRAS, 441, 1628)

(Beuther et al., 2016, A&A, in press, arXiv:1609.03329, Bihr et al. 2016, A&A, 588, A97)
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Figure 4. Map of H2 column density for the highly resolved section of the disc in the Milky Way simulation. H2 is predominantly found
in the spiral arms and in long filaments in the inter-arm regions.

galactic disc which will have higher column densities than in
our face-on disc. The observations of Gillmon et al. (2006)
along sight-lines perpendicular to the disc (shown by the
bold diamonds in Figure 3) are in good agreement with our
data. This gives us confidence that the small-scale galactic
structure is sufficiently resolved to accurately describe its
chemical makeup.

Figure 4 shows the column density of molecular hydro-
gen in the highly resolved disc segment. Molecular hydrogen
is predominantly present in the spiral arms, but there is also
molecular gas in inter-arm spurs and in the inner regions of
the disc. In the inter-arm regions molecular hydrogen is often
found in long filaments that were originally spurs connected
to the spiral arms but that were sheared off as the disc ro-
tated. Figure 5 shows the ratio of H2 to CO column densities
in the gas. There is considerable variation in the abundance
of CO. In particular, the long inter-arm filaments, which

are so apparent in Figure 4, are much less visible in CO.
This can be attributed to their narrow filamentary geome-
try being inefficient at shielding the gas from the ambient
radiation field. Due to the low abundance of CO in these
regions, the molecular gas there is likely to appear ‘dark’ in
observations of CO emission.

3.2 The relationship between CO and H2 column

densities

Although our simulations provide us with information on the
full 3D distributions of the H2 and CO abundances, in gen-
eral these are not observable quantities. For comparison with
observations, it is more useful to examine the correlation
between the H2 and CO column densities, and the column-
averaged abundance of CO relative to H2, ZCO = NCO/NH2 .

The left panel of Figure 6 shows the relation between

H2 column density
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the

(Smith et al., 2014, MNRAS, 441, 1628)
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Figure 4. Map of H2 column density for the highly resolved section of the disc in the Milky Way simulation. H2 is predominantly found
in the spiral arms and in long filaments in the inter-arm regions.

galactic disc which will have higher column densities than in
our face-on disc. The observations of Gillmon et al. (2006)
along sight-lines perpendicular to the disc (shown by the
bold diamonds in Figure 3) are in good agreement with our
data. This gives us confidence that the small-scale galactic
structure is sufficiently resolved to accurately describe its
chemical makeup.

Figure 4 shows the column density of molecular hydro-
gen in the highly resolved disc segment. Molecular hydrogen
is predominantly present in the spiral arms, but there is also
molecular gas in inter-arm spurs and in the inner regions of
the disc. In the inter-arm regions molecular hydrogen is often
found in long filaments that were originally spurs connected
to the spiral arms but that were sheared off as the disc ro-
tated. Figure 5 shows the ratio of H2 to CO column densities
in the gas. There is considerable variation in the abundance
of CO. In particular, the long inter-arm filaments, which

are so apparent in Figure 4, are much less visible in CO.
This can be attributed to their narrow filamentary geome-
try being inefficient at shielding the gas from the ambient
radiation field. Due to the low abundance of CO in these
regions, the molecular gas there is likely to appear ‘dark’ in
observations of CO emission.

3.2 The relationship between CO and H2 column

densities

Although our simulations provide us with information on the
full 3D distributions of the H2 and CO abundances, in gen-
eral these are not observable quantities. For comparison with
observations, it is more useful to examine the correlation
between the H2 and CO column densities, and the column-
averaged abundance of CO relative to H2, ZCO = NCO/NH2 .

The left panel of Figure 6 shows the relation between
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the
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Figure 7. Morphology of the molecular gas in our Milky Way simulation. The greyscale background image shows the H2 column density
(c.f. Figure 4), while the purple points show the strength of the CO velocity-integrated intensity, WCO, estimated as described in the
text. Many of the clouds in the inter-arm region have no portions with integrated intensities above 0.1 K km s−1 and thus would appear
entirely ‘dark’ in CO observations.

can be determined. If we instead average over all of the gas
in our high-resolution region, including the CO-dark clouds,
we obtain a larger value, XCO = 3.9×1020 cm−2K−1km−1s.

3.4 Quantifying the dark gas fraction

To quantify the amount of CO-dark molecular gas in our
simulations, we define a dark gas fraction

fDG(x) =
Mx

H2

MCO
H2

+Mx
H2

, (4)

where Mx
H2

is the mass of CO-dark H2 with emission be-
low an intensity of x = WCO, and MCO

H2
is the mass of

CO-bright H2 above this threshold. Our dark gas fraction
therefore is the ratio of the CO-dark molecular gas to the

total molecular gas. This definition is equivalent to that used
in Wolfire et al. (2010), but differs from that used by some
other authors, who define the dark gas fraction relative to
the total gas mass (i.e. the sum of the atomic and molecular
masses).

Clearly, in order to compute fDG, we need to be able to
distinguish between CO-dark and CO-bright gas. However,
it is not immediately obvious how to do this: how faint does
the CO emission from a cloud of gas need to be before we
call that gas CO-dark? In our analysis, rather than adopting
an arbitrary emission threshold for distinguishing between
CO-dark and CO-bright gas, we have instead computed fDG

as a function of the choice of threshold (x). The results are
plotted in Figure 9. We see from the Figure that in practice,
the value we derive for fDG is not particularly sensitive to

CO column density

(Smith et al., 2014, MNRAS, 441, 1628)
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Figure 10. Map of the estimated [C II] surface brightness in our Milky Way
simulation at time t = 261.1 Myr. Regions shown in white have surface
brightnesses IC II ≤ 10−10 W m−2 sr−1.

simulation concerns the detectability of the resulting emission. In
Fig. 10, we show a map of the [C II] surface brightness as seen by an
observer looking straight down on to the disc. We see that even in
the brightest regions, the [C II] surface brightness does not exceed
1.2 × 10−8 W m−2 sr−1, and that much of the CO-dark H2 is traced
by emission with a [C II] surface brightness of only a few times
10−9 W m−2 sr−1. For comparison, maps of [C II] emission from
nearby spiral galaxies made using the PACS instrument on board the
Herschel satellite typically have 3σ detection thresholds of around
a few times 10−9 W m−2 sr−1 to 10−8 W m−2 sr−1 (Croxall et al.
2012; Parkin et al. 2013). With the FIFI-LS instrument on board
the SOFIA observatory, it may be possible to go slightly deeper
in large-scale maps, to around 10−9 W m−2 sr−1 (Pineda, private
communication). Therefore, we predict that it should be possible to
trace the CO-dark H2 in galaxies similar to the Milky Way using
large-scale [C II] maps, but that doing so at high accuracy will be
challenging.

If [C II] is a problematic tracer of CO-dark molecular gas in Milky
Way-like conditions, then what about [O I]? In this case, the greater
energy required to excite the fine-structure lines makes [O I] a much
worse tracer of the CO-dark molecular component than [C II]. This is
illustrated clearly in Fig. 11, where we show the density distribution
of the estimated [O I] emissivity in the 63 and 145 µm lines. In both
cases, the majority of the emission comes from gas with T > 100 K,
which we already know is mostly atomic. Only 31.4 per cent of
the total emission in the 63 µm line comes from H2-dominated gas
and consequently the correlation between the surface brightness of
this line and the H2 column density is almost non-existent (Fig. 12).
For the 145 µm line of [O I], the situation is very similar: only
30.8 per cent of the total emission is produced by H2-dominated

Figure 11. (a) Distribution of the estimated [O I] 63 µm emissivity as a
function of the gas temperature in our Milky Way simulation at time t =
261.1 Myr. (b) As (a), but for the 145 µm line of [O I].

Figure 12. As Fig. 9, but for the [O I] 63 µm line.

MNRAS 462, 3011–3025 (2016)

 at U
niversity H

eidelberg on Septem
ber 16, 2016

http://m
nras.oxfordjournals.org/

D
ow

nloaded from
 

6 Smith et al.

Figure 4. Map of H2 column density for the highly resolved section of the disc in the Milky Way simulation. H2 is predominantly found
in the spiral arms and in long filaments in the inter-arm regions.

galactic disc which will have higher column densities than in
our face-on disc. The observations of Gillmon et al. (2006)
along sight-lines perpendicular to the disc (shown by the
bold diamonds in Figure 3) are in good agreement with our
data. This gives us confidence that the small-scale galactic
structure is sufficiently resolved to accurately describe its
chemical makeup.

Figure 4 shows the column density of molecular hydro-
gen in the highly resolved disc segment. Molecular hydrogen
is predominantly present in the spiral arms, but there is also
molecular gas in inter-arm spurs and in the inner regions of
the disc. In the inter-arm regions molecular hydrogen is often
found in long filaments that were originally spurs connected
to the spiral arms but that were sheared off as the disc ro-
tated. Figure 5 shows the ratio of H2 to CO column densities
in the gas. There is considerable variation in the abundance
of CO. In particular, the long inter-arm filaments, which

are so apparent in Figure 4, are much less visible in CO.
This can be attributed to their narrow filamentary geome-
try being inefficient at shielding the gas from the ambient
radiation field. Due to the low abundance of CO in these
regions, the molecular gas there is likely to appear ‘dark’ in
observations of CO emission.

3.2 The relationship between CO and H2 column

densities

Although our simulations provide us with information on the
full 3D distributions of the H2 and CO abundances, in gen-
eral these are not observable quantities. For comparison with
observations, it is more useful to examine the correlation
between the H2 and CO column densities, and the column-
averaged abundance of CO relative to H2, ZCO = NCO/NH2 .

The left panel of Figure 6 shows the relation between
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Figure 2. Map of total column density of hydrogen nuclei for the highly resolved section of the disc in the Milky Way simulation. The
gas has a range of morphologies, from dense spiral arms, to filamentary spurs, to diffuse inter-arm regions.

As an example of the results we obtain from our stan-
dard grid, we show in Figure 2 a map of the total column
density in the high-resolution section of the Milky Way sim-
ulation. We see from the map that the gas exhibits very
different morphologies, ranging from dense spiral arms, to
filamentary spurs, to diffuse inter-arm regions. Each of these
regions has a different degree of shielding to the ambient ra-
diation field and consequently a different molecular hydro-
gen abundance.

Figure 3 shows the fractional abundance of molecu-
lar hydrogen relative to hydrogen in all forms as a func-
tion of column density. In this work, we define the frac-
tional abundance of H2 via the relationship fH2 ≡ nH2/n,
where nH2 is the number density of hydrogen molecules and
n ≡ 2nH2+nH+nH+ is the total number density of hydrogen
nuclei. With this definition, the maximum value of the frac-
tional abundance is fH2 = 0.5, corresponding to fully molec-

ular hydrogen. Between column densities of 1020 cm−2 and
1021 cm−2 the molecular hydrogen begins to self-shield and
its abundance rises dramatically. A similar jump in molec-
ular hydrogen abundance is seen observationally at similar
total column densities, as shown by Leroy et al. (2007) and
Wolfire et al. (2008).

Gnedin et al. (2009) presented a galactic scale model of
molecular hydrogen formation in which these observations
were used to calibrate a clumping factor, used to account
for small-scale, unresolved density fluctuations, and tuned
to ensure that the model matched observations. Our results
in Figure 3 are a good match to the observed transition
without us having to apply any calibration factors. There
is some suggestion in Figure 3 that our column densities
are slightly lower for a given value of fH2 than some of the
observational data (e.g. Savage et al. 1977). However, these
observations were taken along long sight-lines within the
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Figure 7. Morphology of the molecular gas in our Milky Way simulation. The greyscale background image shows the H2 column density
(c.f. Figure 4), while the purple points show the strength of the CO velocity-integrated intensity, WCO, estimated as described in the
text. Many of the clouds in the inter-arm region have no portions with integrated intensities above 0.1 K km s−1 and thus would appear
entirely ‘dark’ in CO observations.

can be determined. If we instead average over all of the gas
in our high-resolution region, including the CO-dark clouds,
we obtain a larger value, XCO = 3.9×1020 cm−2K−1km−1s.

3.4 Quantifying the dark gas fraction

To quantify the amount of CO-dark molecular gas in our
simulations, we define a dark gas fraction

fDG(x) =
Mx

H2

MCO
H2

+Mx
H2

, (4)

where Mx
H2

is the mass of CO-dark H2 with emission be-
low an intensity of x = WCO, and MCO

H2
is the mass of

CO-bright H2 above this threshold. Our dark gas fraction
therefore is the ratio of the CO-dark molecular gas to the

total molecular gas. This definition is equivalent to that used
in Wolfire et al. (2010), but differs from that used by some
other authors, who define the dark gas fraction relative to
the total gas mass (i.e. the sum of the atomic and molecular
masses).

Clearly, in order to compute fDG, we need to be able to
distinguish between CO-dark and CO-bright gas. However,
it is not immediately obvious how to do this: how faint does
the CO emission from a cloud of gas need to be before we
call that gas CO-dark? In our analysis, rather than adopting
an arbitrary emission threshold for distinguishing between
CO-dark and CO-bright gas, we have instead computed fDG

as a function of the choice of threshold (x). The results are
plotted in Figure 9. We see from the Figure that in practice,
the value we derive for fDG is not particularly sensitive to



3020 S. C. O. Glover and R. J. Smith

Figure 10. Map of the estimated [C II] surface brightness in our Milky Way
simulation at time t = 261.1 Myr. Regions shown in white have surface
brightnesses IC II ≤ 10−10 W m−2 sr−1.

simulation concerns the detectability of the resulting emission. In
Fig. 10, we show a map of the [C II] surface brightness as seen by an
observer looking straight down on to the disc. We see that even in
the brightest regions, the [C II] surface brightness does not exceed
1.2 × 10−8 W m−2 sr−1, and that much of the CO-dark H2 is traced
by emission with a [C II] surface brightness of only a few times
10−9 W m−2 sr−1. For comparison, maps of [C II] emission from
nearby spiral galaxies made using the PACS instrument on board the
Herschel satellite typically have 3σ detection thresholds of around
a few times 10−9 W m−2 sr−1 to 10−8 W m−2 sr−1 (Croxall et al.
2012; Parkin et al. 2013). With the FIFI-LS instrument on board
the SOFIA observatory, it may be possible to go slightly deeper
in large-scale maps, to around 10−9 W m−2 sr−1 (Pineda, private
communication). Therefore, we predict that it should be possible to
trace the CO-dark H2 in galaxies similar to the Milky Way using
large-scale [C II] maps, but that doing so at high accuracy will be
challenging.

If [C II] is a problematic tracer of CO-dark molecular gas in Milky
Way-like conditions, then what about [O I]? In this case, the greater
energy required to excite the fine-structure lines makes [O I] a much
worse tracer of the CO-dark molecular component than [C II]. This is
illustrated clearly in Fig. 11, where we show the density distribution
of the estimated [O I] emissivity in the 63 and 145 µm lines. In both
cases, the majority of the emission comes from gas with T > 100 K,
which we already know is mostly atomic. Only 31.4 per cent of
the total emission in the 63 µm line comes from H2-dominated gas
and consequently the correlation between the surface brightness of
this line and the H2 column density is almost non-existent (Fig. 12).
For the 145 µm line of [O I], the situation is very similar: only
30.8 per cent of the total emission is produced by H2-dominated

Figure 11. (a) Distribution of the estimated [O I] 63 µm emissivity as a
function of the gas temperature in our Milky Way simulation at time t =
261.1 Myr. (b) As (a), but for the 145 µm line of [O I].

Figure 12. As Fig. 9, but for the [O I] 63 µm line.
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• weak correlation between [CII] 
emission and H2 column density 
(saturation at large columns)

• CO-bright component is cold  
(T ≲ 30 K) and gas is almost 
100% molecular (clouds)

• CO-dark gas has range of 
temperatures (30 K ≲ T ≲ 100 
K), H2 fraction varies strongly

CO-dark gas – II. The temperature of the gas 3019

Figure 8. As Fig. 7a, but showing the distribution of [C II] emissivity as a
function of the fractional abundance of atomic hydrogen.

very poor tracer of the cold, dense CO-bright clouds, but performs
much better as a tracer of warmer, more diffuse gas.

There remains the question of how much of the total [C II] emis-
sion in our simulations is produced by CO-dark molecular gas and
how much comes instead from atomic gas. To address this, we have
constructed a histogram of the [C II] emissivity as a function of the
fractional abundance of atomic hydrogen, shown in Fig. 8. We see
that there is a clear peak close to xH ∼ 0, corresponding to emission
from gas which is almost entirely molecular. However, there is also
substantial emission coming from regions with atomic hydrogen
fractions significantly greater than zero. If we define H2-dominated
regions to be those with xH < 0.5 (i.e. with more than half of their
total hydrogen in the form of H2), and H-dominated regions to be
those with xH ≥ 0.5, then we find that around half of the total
[C II] emission is produced in H2-dominated gas, while the other
half is produced in H-dominated gas. For comparison, we note that
Velusamy & Langer (2014) find that in our own Galaxy, the ratio
of the total [C II] emission produced by H2-dominated diffuse gas
(i.e. by H2 in regions which are not PDRs) to that produced by
H-dominated gas is roughly 57–43 per cent, in fairly good agree-
ment with our results. However, at this point, it is worthwhile re-
minding the reader that our simulations do not account for the effects
of stellar feedback. Our estimates of the [C II] emission therefore
do not account for the contributions coming from H II regions and
the bright PDRs around massive O and B stars, which together are
responsible for roughly 75 per cent of the total [C II] emission of
the Milky Way (Velusamy & Langer 2014). Our estimates of the
relative fractions of the [C II] emission produced by H2-dominated
and H-dominated gas therefore only apply to the diffuse emission
powered by the mean ISRF and not to the emission coming from
these brighter regions.

It is also important to remind the reader that our estimate here
assumes that [C II] remains optically thin. In practice, many of the
lines of sight with the highest H2 column densities lie in the regime
where [C II] is likely to become optically thick (see Fig. 9), and so
it is possible that we are overestimating the [C II] emission from
the highly molecular gas to some degree. Note, however, that even
if the [C II] line is optically thick, if the gas density is much lower
than the critical density for the transition, the [C II] line can be
‘effectively’ optically thin (Goldsmith et al. 2012). In this case,
the [C II] photons produced will scatter but most will eventually
escape, and so in this regime the total [C II] luminosity is relatively
insensitive to the [C II] optical depth. Goldsmith et al. (2012) show
that for H2-dominated gas, ncr = 6100 cm−3 at 100 K and is even

Figure 9. Estimated [C II] surface brightness, plotted as a function of the
H2 column density, for the Milky Way simulation at time t = 261.1 Myr. The
vertical dashed line indicates the H2 column density at which we would ex-
pect the [C II] line to become optically thick, computed assuming a [C II] 1D
velocity dispersion σ 1D = 1 km s−1 (see Appendix A). For larger linewidths,
this column density scales as N ∝ σ 1D. Note that as our calculation of the
[C II] surface brightness does not account for the line opacity, the flattening
that we see in the relationship between IC II and NH2 is not an optical depth
effect. Rather, it is a chemical effect: at higher NH2 , most of the carbon is
in the form of CO, and so we just see a constant [C II] surface brightness
coming from the ‘skin’ of the cloud.

larger at lower temperatures. If we compare this value with the H2

number densities shown in Fig. 3, we see that most of the molecular
gas in our simulations is indeed in this effectively optically thin
regime.

Our results show that a significant fraction of the diffuse [C II]
emission produced in the Milky Way simulation is produced by the
CO-dark molecular gas component. However, this only accounts for
around half of the total diffuse emission, with the remaining half
coming from regions dominated by atomic gas. Separating these
two contributions – essential if we are to use the [C II] emission as
a tracer of the CO-dark gas – is unlikely to be straightforward. In
addition, the emissivity per unit mass changes significantly over the
range of densities and temperatures occupied by the CO-dark gas.
As a result, the relationship between the [C II] surface brightness
and the H2 column density is not linear, as illustrated in Fig. 9. For
lines of sight with NH2 < 1021 cm−2, corresponding to visual ex-
tinctions below AV ∼ 1, the [C II] surface brightness scales with NH2

approximately as IC II ∝ N
1/2
H2

, although the scatter around this rela-
tionship is considerable. At higher H2 column densities, however,
this relationship breaks down. In this regime, we are probing dense,
CO-bright clouds, and so increasing the H2 column density merely
increases the CO column density, but does not significantly affect
the amount of C+ along the line of sight. We therefore find that
at high NH2 , the [C II] surface brightness becomes approximately
constant. Essentially, what we are seeing is the emission from the
C+-rich ‘skin’ of the dense molecular cloud.

A further problem with using [C II] emission to trace CO-dark
molecular gas in the ISM conditions modelled in our Milky Way
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Figure 10. Map of the estimated [C II] surface brightness in our Milky Way
simulation at time t = 261.1 Myr. Regions shown in white have surface
brightnesses IC II ≤ 10−10 W m−2 sr−1.

simulation concerns the detectability of the resulting emission. In
Fig. 10, we show a map of the [C II] surface brightness as seen by an
observer looking straight down on to the disc. We see that even in
the brightest regions, the [C II] surface brightness does not exceed
1.2 × 10−8 W m−2 sr−1, and that much of the CO-dark H2 is traced
by emission with a [C II] surface brightness of only a few times
10−9 W m−2 sr−1. For comparison, maps of [C II] emission from
nearby spiral galaxies made using the PACS instrument on board the
Herschel satellite typically have 3σ detection thresholds of around
a few times 10−9 W m−2 sr−1 to 10−8 W m−2 sr−1 (Croxall et al.
2012; Parkin et al. 2013). With the FIFI-LS instrument on board
the SOFIA observatory, it may be possible to go slightly deeper
in large-scale maps, to around 10−9 W m−2 sr−1 (Pineda, private
communication). Therefore, we predict that it should be possible to
trace the CO-dark H2 in galaxies similar to the Milky Way using
large-scale [C II] maps, but that doing so at high accuracy will be
challenging.

If [C II] is a problematic tracer of CO-dark molecular gas in Milky
Way-like conditions, then what about [O I]? In this case, the greater
energy required to excite the fine-structure lines makes [O I] a much
worse tracer of the CO-dark molecular component than [C II]. This is
illustrated clearly in Fig. 11, where we show the density distribution
of the estimated [O I] emissivity in the 63 and 145 µm lines. In both
cases, the majority of the emission comes from gas with T > 100 K,
which we already know is mostly atomic. Only 31.4 per cent of
the total emission in the 63 µm line comes from H2-dominated gas
and consequently the correlation between the surface brightness of
this line and the H2 column density is almost non-existent (Fig. 12).
For the 145 µm line of [O I], the situation is very similar: only
30.8 per cent of the total emission is produced by H2-dominated

Figure 11. (a) Distribution of the estimated [O I] 63 µm emissivity as a
function of the gas temperature in our Milky Way simulation at time t =
261.1 Myr. (b) As (a), but for the 145 µm line of [O I].

Figure 12. As Fig. 9, but for the [O I] 63 µm line.
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Figure 13. As Fig. 10, but for the Low Density simulation.

regions, and there is no correlation between the surface brightness
of the line and the H2 column density.

5.2.2 Results from the other simulations

We have also investigated the behaviour of the [C II] and [O I] emis-
sivities within our other three simulations. However, we find that
in the Low and Weak simulation, the [C II] and [O I] emission is
extremely weak, on account of the low gas temperature, and is un-
likely to be detectable with current instrumentation. We therefore
do not examine the distribution of the emission in this simula-
tion in any detail, and focus our attention on the remaining two
simulations.

In Fig. 13, we show a map of the [C II] surface brightness in
our Low Density simulation at t = 261.1 Myr. Comparing this with
Fig. 10, we see immediately that although the strength of the [C II]
emission from the spiral arms is roughly comparable to that in the
spiral arms in the Milky Way simulation, the [C II] surface brightness
from the interarm regions is much lower and is unlikely to be
detectable. The temperature and chemical composition of the gas
in the interarm regions is comparable in both simulations, and so
the difference in [C II] surface brightness is driven primarily by the
difference in the surface density of the gas in these regions in the two
simulations. Specifically, we found already in Smith et al. (2014)
that much less dense structure formed in the interarm regions in the
Low Density simulation than in the Milky Way simulation. This led
to a large difference in the CO brightness of these two regions, and
we see here that it also strongly affects the [C II] surface brightness
of the interarm gas. We see similar behaviour if we look at the
spatial distribution of the [C II] surface brightness in the Strong
Field simulation (Fig. 14). Again, there is less dense structure in the

Figure 14. Top panel: as Fig. 10, but for the Strong Field simulation. The
scaling of the colour bar here is the same as in Fig. 10, which allows the
emission from the diffuse interarm gas to be clearly seen, but leads to
saturation in the brightest regions of the image. Bottom panel: a version of
the same figure with a rescaled colour bar that better represents the behaviour
of IC II in the brightest regions.
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Figure 13. As Fig. 10, but for the Low Density simulation.

regions, and there is no correlation between the surface brightness
of the line and the H2 column density.

5.2.2 Results from the other simulations

We have also investigated the behaviour of the [C II] and [O I] emis-
sivities within our other three simulations. However, we find that
in the Low and Weak simulation, the [C II] and [O I] emission is
extremely weak, on account of the low gas temperature, and is un-
likely to be detectable with current instrumentation. We therefore
do not examine the distribution of the emission in this simula-
tion in any detail, and focus our attention on the remaining two
simulations.

In Fig. 13, we show a map of the [C II] surface brightness in
our Low Density simulation at t = 261.1 Myr. Comparing this with
Fig. 10, we see immediately that although the strength of the [C II]
emission from the spiral arms is roughly comparable to that in the
spiral arms in the Milky Way simulation, the [C II] surface brightness
from the interarm regions is much lower and is unlikely to be
detectable. The temperature and chemical composition of the gas
in the interarm regions is comparable in both simulations, and so
the difference in [C II] surface brightness is driven primarily by the
difference in the surface density of the gas in these regions in the two
simulations. Specifically, we found already in Smith et al. (2014)
that much less dense structure formed in the interarm regions in the
Low Density simulation than in the Milky Way simulation. This led
to a large difference in the CO brightness of these two regions, and
we see here that it also strongly affects the [C II] surface brightness
of the interarm gas. We see similar behaviour if we look at the
spatial distribution of the [C II] surface brightness in the Strong
Field simulation (Fig. 14). Again, there is less dense structure in the

Figure 14. Top panel: as Fig. 10, but for the Strong Field simulation. The
scaling of the colour bar here is the same as in Fig. 10, which allows the
emission from the diffuse interarm gas to be clearly seen, but leads to
saturation in the brightest regions of the image. Bottom panel: a version of
the same figure with a rescaled colour bar that better represents the behaviour
of IC II in the brightest regions.
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Figure 10. Map of the estimated [C II] surface brightness in our Milky Way
simulation at time t = 261.1 Myr. Regions shown in white have surface
brightnesses IC II ≤ 10−10 W m−2 sr−1.

simulation concerns the detectability of the resulting emission. In
Fig. 10, we show a map of the [C II] surface brightness as seen by an
observer looking straight down on to the disc. We see that even in
the brightest regions, the [C II] surface brightness does not exceed
1.2 × 10−8 W m−2 sr−1, and that much of the CO-dark H2 is traced
by emission with a [C II] surface brightness of only a few times
10−9 W m−2 sr−1. For comparison, maps of [C II] emission from
nearby spiral galaxies made using the PACS instrument on board the
Herschel satellite typically have 3σ detection thresholds of around
a few times 10−9 W m−2 sr−1 to 10−8 W m−2 sr−1 (Croxall et al.
2012; Parkin et al. 2013). With the FIFI-LS instrument on board
the SOFIA observatory, it may be possible to go slightly deeper
in large-scale maps, to around 10−9 W m−2 sr−1 (Pineda, private
communication). Therefore, we predict that it should be possible to
trace the CO-dark H2 in galaxies similar to the Milky Way using
large-scale [C II] maps, but that doing so at high accuracy will be
challenging.

If [C II] is a problematic tracer of CO-dark molecular gas in Milky
Way-like conditions, then what about [O I]? In this case, the greater
energy required to excite the fine-structure lines makes [O I] a much
worse tracer of the CO-dark molecular component than [C II]. This is
illustrated clearly in Fig. 11, where we show the density distribution
of the estimated [O I] emissivity in the 63 and 145 µm lines. In both
cases, the majority of the emission comes from gas with T > 100 K,
which we already know is mostly atomic. Only 31.4 per cent of
the total emission in the 63 µm line comes from H2-dominated gas
and consequently the correlation between the surface brightness of
this line and the H2 column density is almost non-existent (Fig. 12).
For the 145 µm line of [O I], the situation is very similar: only
30.8 per cent of the total emission is produced by H2-dominated

Figure 11. (a) Distribution of the estimated [O I] 63 µm emissivity as a
function of the gas temperature in our Milky Way simulation at time t =
261.1 Myr. (b) As (a), but for the 145 µm line of [O I].

Figure 12. As Fig. 9, but for the [O I] 63 µm line.
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Figure 13. As Fig. 10, but for the Low Density simulation.

regions, and there is no correlation between the surface brightness
of the line and the H2 column density.

5.2.2 Results from the other simulations

We have also investigated the behaviour of the [C II] and [O I] emis-
sivities within our other three simulations. However, we find that
in the Low and Weak simulation, the [C II] and [O I] emission is
extremely weak, on account of the low gas temperature, and is un-
likely to be detectable with current instrumentation. We therefore
do not examine the distribution of the emission in this simula-
tion in any detail, and focus our attention on the remaining two
simulations.

In Fig. 13, we show a map of the [C II] surface brightness in
our Low Density simulation at t = 261.1 Myr. Comparing this with
Fig. 10, we see immediately that although the strength of the [C II]
emission from the spiral arms is roughly comparable to that in the
spiral arms in the Milky Way simulation, the [C II] surface brightness
from the interarm regions is much lower and is unlikely to be
detectable. The temperature and chemical composition of the gas
in the interarm regions is comparable in both simulations, and so
the difference in [C II] surface brightness is driven primarily by the
difference in the surface density of the gas in these regions in the two
simulations. Specifically, we found already in Smith et al. (2014)
that much less dense structure formed in the interarm regions in the
Low Density simulation than in the Milky Way simulation. This led
to a large difference in the CO brightness of these two regions, and
we see here that it also strongly affects the [C II] surface brightness
of the interarm gas. We see similar behaviour if we look at the
spatial distribution of the [C II] surface brightness in the Strong
Field simulation (Fig. 14). Again, there is less dense structure in the

Figure 14. Top panel: as Fig. 10, but for the Strong Field simulation. The
scaling of the colour bar here is the same as in Fig. 10, which allows the
emission from the diffuse interarm gas to be clearly seen, but leads to
saturation in the brightest regions of the image. Bottom panel: a version of
the same figure with a rescaled colour bar that better represents the behaviour
of IC II in the brightest regions.
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regions, and there is no correlation between the surface brightness
of the line and the H2 column density.

5.2.2 Results from the other simulations

We have also investigated the behaviour of the [C II] and [O I] emis-
sivities within our other three simulations. However, we find that
in the Low and Weak simulation, the [C II] and [O I] emission is
extremely weak, on account of the low gas temperature, and is un-
likely to be detectable with current instrumentation. We therefore
do not examine the distribution of the emission in this simula-
tion in any detail, and focus our attention on the remaining two
simulations.

In Fig. 13, we show a map of the [C II] surface brightness in
our Low Density simulation at t = 261.1 Myr. Comparing this with
Fig. 10, we see immediately that although the strength of the [C II]
emission from the spiral arms is roughly comparable to that in the
spiral arms in the Milky Way simulation, the [C II] surface brightness
from the interarm regions is much lower and is unlikely to be
detectable. The temperature and chemical composition of the gas
in the interarm regions is comparable in both simulations, and so
the difference in [C II] surface brightness is driven primarily by the
difference in the surface density of the gas in these regions in the two
simulations. Specifically, we found already in Smith et al. (2014)
that much less dense structure formed in the interarm regions in the
Low Density simulation than in the Milky Way simulation. This led
to a large difference in the CO brightness of these two regions, and
we see here that it also strongly affects the [C II] surface brightness
of the interarm gas. We see similar behaviour if we look at the
spatial distribution of the [C II] surface brightness in the Strong
Field simulation (Fig. 14). Again, there is less dense structure in the

Figure 14. Top panel: as Fig. 10, but for the Strong Field simulation. The
scaling of the colour bar here is the same as in Fig. 10, which allows the
emission from the diffuse interarm gas to be clearly seen, but leads to
saturation in the brightest regions of the image. Bottom panel: a version of
the same figure with a rescaled colour bar that better represents the behaviour
of IC II in the brightest regions.
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Filamentary molecular clouds in inter-arm regions are likely only 
the observable parts of much larger structures.
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Filamentary molecular clouds 
in inter-arm regions are likely 
only the observable parts of 
much larger structures.
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Fig. 1. Zoom in on the eastern end of the F26.7-25.4 filament. A
Grayscale GLIMPSE 8 µm image (top) is plotted with contours at �7.5,
�10, �12.5... MJy sr�1 (negative to highlight absorption feature), and
the HIGAL 250 µm image (bottom) is plotted with contours drawn at
5, 6, 7... Jy beam�1.

method for confirming a filament’s coherence in velocity space.
Our search has produced seven new filaments with lengths on the
order of 100 pc, more than doubling the number of similar struc-
tures known from the literature. This catalog will aid in studying
the connection between large scale filamentary structure and star
formation in the Galaxy.

2. Filament identification

Herschel observations have recently highlighted the importance
of filaments, as it tends to be the dominant morphology observed
in star-forming clouds. These filaments are comprised of cold
gas and dust, the various signatures of which we will discuss
below. Defining a true filament, however, is not a trivial task
and requires several steps to be confirmed. Below we take the
example of the field near the F26.7-25.4 filament discovered in
this work as an illustration.

Wide-field mid-infrared (MIR) images have proven to be a
powerful tool in finding candidate structures like Nessie, which
was identified in the 8 µm Spitzer/GLIMPSE image. This phe-
nomenon is illustrated in the top panel of Fig. 1, which shows the
GLIMPSE 8 µm image of one of the regions near l = 26 � that we
studied. The contours are drawn in decreasing steps, highlight-
ing the type of absorption structure that would be in catalogs
using this method (see Simon et al. 2006; Butler & Tan 2009;
Peretto & Fuller 2009; Ragan et al. 2009). While this method has
been successful in isolating the quiescent clouds in the Galactic
plane, it alone may miss objects that could potentially have the
same physical properties but lack the 8 µm background to be
identified.

Alternatively, extinction of starlight at near-infrared (NIR)
wavelengths can be used to trace cold, intervening dust

structures (e.g., Lombardi & Alves 2001; Lombardi 2009;
Kainulainen et al. 2011). In short, the amount by which starlight
is dimmed is proportional to the column density of material
along its line of sight. This method is most reliable in the pres-
ence of many background stars, thus it also loses e↵ectiveness
with increasing Galactic latitude.

At longer wavelengths, the structures that were absorbing in
the near and mid-infrared transition to optically thin emission.
The Herschel HIGAL survey (Molinari et al. 2010) 250 µm
map of the same region is shown for comparison on the bottom
panel of Fig. 1. While the same structure indeed does appear
in emission here, so does a strong contribution from the warm
dust associated with the active star formation region. In fact, be-
cause of the way dust emission depends on dust temperature,
the emission from the warm dust tends to dominate the map,
overwhelming the cold, compact emission that we aim to char-
acterise. Therefore, in the following, we create our initial catalog
of candidates using the NIR and MIR absorption methods.

Regardless of the candidate’s initial identification, the true
extent of a filament can only be judged after it is confirmed to
be coherent in velocity space as well. We selected the Galactic
Ring Survey (GRS, Jackson et al. 2006) which immediately lim-
its the Galactic longitude range to 17.4� l  55�. We also
utilised the Wienen et al. (2012) catalog of NH3 observations
of ATLASGAL (Schuller et al. 2009) clumps and the Shirley
et al. (2013) survey of Bolocam Galactic Plane Survey (BGPS,
Rosolowsky et al. 2010; Aguirre et al. 2011; Ginsburg et al.
2013) clumps for a secondary confirmation of velocity coher-
ence in higher-density gas tracers. As it is not possible to a pri-
ori say to what degree the centroid velocity would change over
the length of a genuine filament, instead of setting a maximum
range, we require only that any velocity gradient be continuous
to be considered “coherent.”

Both the identification and verification steps outlined above
are necessarily subjective, thus we can claim no statistical ro-
bustness or completeness. The criteria we imposed were de-
signed to identify 100 pc scale quiescent structures. In the fol-
lowing sections, we outline our method which was carried out
by all co-authors by way of “by-eye” inspection of images.

2.1. Creating the candidate catalog

We first selected image databases that provide unbiased and con-
tiguous coverage in the Galactic plane. The Spitzer Galactic
plane survey, GLIMPSE (Benjamin et al. 2003), is the ideal tool
for identifying analogs to the known long filaments like Nessie
(Jackson et al. 2010). We used the GLIMPSE/MIPSGAL image
viewer2. For a filament to be considered as a candidate, the ab-
sorption feature was required to extend ⇠1 � end to end and be
identified by at least three group members. We allowed for gaps
in extinction, usually at sites of star formation, if the extinction
structure continued further.

As an alternative and supplement to the GLIMPSE data, we
use the UKIDSS Galactic Plane Survey (GPS3; Dye et al. 2006;
Warren et al. 2007), which provide large NIR image mosaics
with large Galactic latitude range (up to |b|  2.5�) in the north-
ern hemisphere. The same ⇠1� extent and three group member
confirmation was required for filament candidates to be identi-
fied in this fashion.

As was the case for the serendipitous filament discovery by
Tackenberg et al. (2013), each filament contains a high-contrast

2
http://www.alienearths.org/glimpse

3
http://surveys.roe.ac.uk:8080/wsa/gps_mosaic.jsp
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Table 1. Extinction filament candidates within GRS longitude range.

Initial name Lower l Upper l Lower b Upper b
[ �] [ �] [ �] [ �]

F18.0-17.5 17.4 18.3 +0.0 +0.7
F20.3-19.9 19.5 20.4 �1.3 +0.2
F20.0-17.9 17.6 20.2 �0.7 +0.3
F23.8-22.8 22.1 23.8 +0.8 +2.0
F25.9-21.9 21.7 26.2 �1.0 +0.5
F26.7-25.4 25.2 27.0 +0.5 +2.2
F29.2-27.6 27.2 29.4 �0.5 +0.5
F35.0-32.4 32.3 36.0 �0.3 +0.8
F35.3-34.3 33.7 35.6 �2.0 +0.4
F38.1-35.3 34.6 38.9 �0.9 +0.6
F41.0-41.3 40.8 41.4 �0.8 +0.5
F54.0-52.0 48.0 54.4 �0.5 +0.7

Notes. Column 1: name given to filaments based on initial identi-
fication; Cols. 2�5: Galactic coordinates of the boundaries of the
extinction-identified filaments.

extinction region, often previously studied as a relatively com-
pact IRDC (e.g., Beuther et al. 2002, in this case), but upon in-
spection of a wide-field mosaic, it was discovered to be part of a
larger filamentary structure. The goal of this step was to explore
the longest possible extent of the large-scale structure, which
then requires confirmation as coherent velocity structures. In to-
tal, our two methods yielded twelve candidates within the lon-
gitude range of the GRS. They are listed in Table 1. Smaller
components of these candidates are certainly included in the
catalogs compiled by Simon et al. (2006) and Peretto & Fuller
(2009). This paper is an attempt to identify long contiguous en-
tities comprised of many smaller elements, such as was done by
Tackenberg et al. (2013). In the following section, we outline
the method by which we test whether the candidates are sin-
gle entities rather than multiple structures superposed along the
sightline.

2.2. Filament coherence in velocity

The second step of the process is to validate the velocity coher-
ence using the GRS survey. The publicly available GRS data4

cover a velocity range from �5 to 85 km s�1 (or �5 to 135 km s�1

for l < 40�). We first created position–velocity (PV) diagrams
over the full available velocity range within the longitude bound-
aries, integrating along the b direction, an example of which is
shown in Fig. 2. In some cases (e.g., GMF 41.0�41.3) we con-
structed the PV diagram by integrating along the longitude direc-
tion. As is clear in Fig. 2, several possible features could corre-
spond to the extinction structure. In order to determine which is
the best match, we created integrated intensity maps for each of
the velocity ranges, which we then plotted together with the ex-
tinction image. Again, requiring verification from 3 group mem-
bers, we selected the velocity features which corresponded best
to the morphology of the feature seen in extinction or absorption.

Figure 2 shows that features in a PV diagram can span di↵er-
ent ranges in velocity, from a few to tens of km s�1; we placed
no restriction on the maximum width. We list the full velocity
ranges in Table 2, which can be as small as 5 km s�1 or as large
as 13 km s�1. Figures A.1 through A.6 show the centroid veloc-
ity maps. As with Nessie, in which the HNC J = 1! 0 centroid
velocities vary by less than 7 km s�1 over its ⇠81 pc length, we
find similarly small overall gradients. In Sect. 3 we will discuss
the properties of the final filament sample in more detail.

4
http://www.bu.edu/galacticring/

Fig. 2. Position–velocity (PV) diagram (integrated over all latitudes)
of the region shown in Fig. 1 based on the Galactic Ring Survey
13CO(1�0) data. The approximate positions of the spiral arm features in
this longitude range from the Vallée (2008) model are labeled in white,
and the filament that we identify, GMF 26.7-25.4, is labeled in red.

Through this step, we eliminated candidates F29.2-27.6,
F25.9-21.9, F23.8-22.8, and F20.3-19.9 because they were not
found to have a common velocity over the full length, but
instead were superpositions of multiple velocity components.
The remaining eight candidates, two of which (F38.1-35.3 and
F35.0-32.4) ended up as one velocity-coherent object, are hence-
forth termed “giant molecular filaments” and are described in
more detail in the next section. Parts of these verified GMFs cor-
respond to catalog clouds (e.g., Roman-Duval et al. 2009). The
aim of the present work is to identify the longest coherent struc-
tures which requires a di↵erent approach.

As a secondary verification, although we did not require it
for GMF status, we also consult additional catalogs of dense-gas
tracer observations, namely the Wienen et al. (2012, hereafter
W12) NH3 survey of dense ATLASGAL clumps, Red MSX sur-
vey (RMS, Lumsden et al. 2013), or the Shirley et al. (2013,
hereafter S13) N2H+ and HCO+ follow-up survey of clumps in
the BGPS. Though these are catalogs of pointed observations
rather than unbiased maps, these tracers more closely probe the
densest structures, thus enabling us to validate the association
of these emission peaks with the large scale coherent velocity
structure seen in the GRS data. We show the positions of these
detections in Figs. A.1 through A.6.

2.3. Biases in our filament identification

Both extinction methods work best in the midplane of the Galaxy
since the mid-infrared background and the density of back-
ground stars are both high. Dense filaments that lie out of the
Galactic midplane tend to lack the contrast to be identified in
8 µm extinction and may also lack a su�cient number of back-
ground sources to be appreciable in NIR extinction. Though we
did not restrict the latitudes any narrower than the extent of the
various surveys, the confirmed filaments have latitudes within
a degree of 0�. Another consequence of using the extinction
method is that we are unlikely to detect structures any further
than 6 to 8 kpc (see Kainulainen et al. 2011).
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Table 3. Physical properties of GMFs.

Name Cloud Dense gas DGMF Rgal � hzi Assoc.
mass mass
[M�] [M�] [%] [kpc] [degrees] [pc]

GMF 18.0-16.8 1.5e+5 3.9e+3 2.7 6.3 4.6 55 M 16, W 37
GMF 20.0-17.9 4.0e+5 4.8e+4 12.0 5.0 7.7 (12) W 39, SC-arm
GMF 26.7-25.4 2.0e+5 1.3e+4 6.5 5.7 9.4 68
GMF 38.1-32.4a 7.0e+5 3.7e+4a 5.3 5.9 12.8 (24) W 44
GMF 38.1-32.4b 7.7e+4 5.0e+3a 6.5 6.2 11.5 (5)
GMF 41.0-41.3 4.9e+4 7.7e+2 1.6 6.5 12.5 19
GMF 54.0-52.0 6.8e+4 2.4e+3 3.5 7.3 11.2 25 W 52
Nessie – 3.9e+5 – 5.6 �7.8 – SC-arm
G32.02+0.06 2.0e+5 3.0e+4 15.0 4.7 19.7 48

Notes. Column 1: GMF name; Col. 2: total cloud derived from the integrated 13CO emission from the GRS down to 1 K km s�1; Col. 3: dense
gas mass derived from dust continuum with ATLASGAL 870 µm data; Col. 4: dense gas mass fraction; Col. 5: Galactocentric radius; Col. 6:
angle measured from the Galactic center-Sun line to the filament’s position in the disk; Col. 7: mean height above the Galactic midplane. Values
in parentheses are for filaments which intersect with the projected plane. Column 8: association with star formation region or spiral arm. (a) The
dense gas mass from the two filaments within GMF 38.1-32.4 partly overlap. While the envelope mass estimated from spectroscopic 13CO data
accounts for the di↵erent velocity components, in the overlap regions, the ATLASGAL continuum data sums contributions from both components.

Fig. 3. Mean height of the GMF above the physical midplane versus its
mean Galactocentric distance. The area of the marker is proportional to
the DGMF, where the mean value (5.4%) is shown in the upper right
corner. The points circled in red are the GMFs that intersect with the
midplane (shown in parentheses in Table 3).

appears to intersect with the locus of the SC arm at its low-l end.
If one does the same exercise for Nessie in the fourth quadrant
of the Galaxy, the filament corresponds precisely to the SC arm
prediction, as asserted by Goodman et al. (2013).

The schematic shown in Fig. 4 shows where the arm has its
peak density, but the actual arm width and its projection into
vlsr are not well-defined. It is thus worth exploring the margin
by which the GMFs seem to deviate from the arms. Estimates
of spiral arm width in the literature range from 0.1 to 0.4 kpc
(Vallée 2008; Reid et al. 2009). Typical uncertainties in the kine-
matic distance method are of order 0.5 kpc, so up to a 1 kpc range
uncertainty must be allowed for in this discussion. GMF 18.0-
16.8, GMF 20.0-17.9 and GMF 26.7-25.4 are in the longitude

Fig. 4. Illustration of the predicted LSR velocities of the Norma (red),
Scutum-Centaurus (blue), Sagittarius-Carina (green), and (far) Perseus
(yellow) spiral arms as a function of Galactic longitude in the first quad-
rant taken from Vallée (2008). Each set of two black circles represent
the filament sample, taking approximate values of vlsr from the ends of
the filaments.

range intersecting with the SC arm, and at those longitudes, the
SC arm should roughly lie 3.5, 3.7 and 4.3 kpc from the Sun. The
median distances to those GMFs are 2.3, 3.5 and 3.1 kpc, respec-
tively, so only GMF 20.0-17.9 falls within the uncertainty range.
Similarly the nearer Sagittarius arm lies at 1 kpc at l = 18�, grad-
ually increasing to 2 kpc at l = 41�, yet the GMFs are all more
distant than this arm by more than 1 kpc (except GMF 41.0-41.3
which is ⇠700 pc from the Sagittarius arm locus). Even with
these considerations, the GMFs appear to be largely inter-arm in
nature: more distant the nearby Sagittarius spiral arm and fore-
ground to the prominent SC arm.
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more on filaments in 
talks by Sarah Ragan  

and Edith Falgarone



dark gas fraction

Observational estimates:  

Grenier et al. (2005)           fDG = 0.33-0.5 

Planck coll. (2011)*            fDG = 0.54 

Paradis et al. (2012)* fDG = 0.62  

    (inner fDG = 0.71, outer fDG = 0.43) 

Pineda et al. (2013)             fDG= 0.3 

Roman-Duval et al.              fDG ~ 0.5  
(in prep.)   

* dust methods have large uncertainties. 

fDG = 0.42

(Smith et al., 2014, MNRAS, 441, 1628)

probably more on that in talk by 
Paul Goldsmith
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Figure 2. Example snapshot from run FRWSN including radiation, winds and supernovae at t = 57.2Myr. The picture shows edge-on
(top) and face-on (bottom) density and temperature slices through the centre of the simulation box, projections of total gas density and
of the di↵erent forms of hydrogen (H+, H and H2), and an image of the resulting H↵ emission (from left to right). The location of the
star cluster particles is indicated with white circles. In the vertical direction, we only show the inner 2 kpc of the total 10 kpc box height.
A movie of this simulation is available on the SILCC website (http://hera.ph1.uni-koeln.de/⇠silcc/).

this way are shown as solid lines in Figure 5. One can clearly
see how this SFR declines after star formation events. This
signifies the death of very massive stars (M > 30M�) with
short lifetimes (less than 7Myr). In contrast, a 9M� star
lives for 35Myr before it explodes as supernova. Because of
the shape of the IMF, these stars at the lower end of the
high-mass slope of the IMF are the most abundant stars in
the clusters. Therefore, the SFR always remains positive at
a significant level after the first star formation event, since
these stars provide a floor to the observed SFR.

Comparing the three simulations in Figure 5, there are
some notable di↵erences. In run FSN, star formation events
occur steadily from the onset of star formation at t = 30Myr
until we stop the simulation at t = 70Myr. In contrast,
runs FWSN and FRWSN display many fewer star formation
events. As a result, the averaged SFR in these simulations is
reduced by one order of magnitude compared to run FSN.

The reason for this behaviour is the self-regulation of
star formation by early feedback (see also Gatto et al. 2016).
Figure 6 shows for each sink particle formed in the three
simulations the time tsink,max that it takes to reach its final

mass Msink,max vs. Msink,max. In run FSN, the sink particles
have final masses between 104 and 105 M� and need some
10Myr to reach this mass. For the first few Myr after their
formation, the sink particles in this simulation can accrete
unimpededly because no supernovae have exploded yet. In
contrast, in run FWSN, stellar winds start blowing away the
material close to the sink particle immediately after its for-
mation. As a consequence, the final sink particle masses are
reduced by one order of magnitude, and the typical timespan
of sink particle accretion is reduced to only 0.1 to 1Myr. In
run FRWSN, where photoionisation feedback raises the ther-
mal pressure by two orders of magnitude compared to the
surrounding molecular gas, accretion is stopped even more
e�ciently. Here, the majority of sink particles have masses
around 103 M� and accrete for only 0.1Myr.

It is important to note that both wind and radiation
feedback are steady processes that commence with the first
star formation event and only cease when all stars in the
cluster are gone. Therefore, strong infall onto the sink par-
ticle is necessary to quench this feedback to the extent that
accretion can continue for more than 1Myr, or to facilitate

c� 0000 RAS, MNRAS 000, 000–000

synthetic maps in further observables: HI, Halpha, other radio
recombination lines

density T Σ H+ H H2 Hα

 SILCC collaboration: http://hera.ph1.uni-koeln.de/~silcc/ 

http://hera.ph1.uni-koeln.de/~silcc/


Ibanez Mejia et al. (2016, ApJ, 824, 41), Ibanez Mejia et al. (2016, in prep.), Seifried et al.  (2016, in prep.)
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(personal) WISH LIST for SOFIA: 

• help quantifying amount of CO-dark  

H2 in the Milky Way and in other 

galaxies

• identify and characterize convergent 

flows in turbulent ISM that form 

molecular clouds  

—> help determining initial conditions  

       for star (cluster) formation
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