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The Physics of High-Mass Star Formation

- Wide range of scales (~12 dex in 
space, time) and multidimensional. 
- Uncertain/unconstrained initial 
conditions/boundary conditions.

Complete theory of star formation
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- Gravity vs pressure (thermal, magnetic, 
turbulence, radiation, cosmic rays) and 
shear. 
- Heating and cooling, generation and 
decay of turbulence, generation (dynamo) 
and diffusion of B-fields.
- Chemical evolution of dust and gas.
- Fragmentation
- Stellar structure and evolution
- Feedback

A complicated, nonlinear process:

Notation for gas structures:
Core -> star or close binary
Clump -> star cluster



(Massive) Star Formation: Open Questions
• Causation: external triggering or spontaneous 

gravitational instability?
• Initial conditions: how close to equilibrium?
• Accretion mechanism: [turbulent/magnetic/thermal-

pressure]-regulated fragmentation to form cores vs 
competitive accretion / mergers

• Timescale: fast or slow (# of dynamical times)?
• End result

– Initial mass function (IMF)
– Binary fraction and properties

How do these properties vary with environment?
Subgrid model of SF? Threshold nH*? Efficiency εff?

N*

m*

Salpeter (1955)
dN*/dm* = A m*-2.35

m*max?



Outline
• Environments of Massive Star Formation

• Initial Conditions

• Timescales and Infall Rates

• Protostars - Accretion & Outflow

• Feedback

• Dynamical Interactions



Σ - M Diagram
Physical Properties of 
Star-Forming Regions

Tan et al. (2014, PPVI) Mass →
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The Environments of 
Massive Star Formation



Σ - M Diagram
Physical Properties of 
Star-Forming Regions

Σ~10 M¤ pc-2Local Galactic Disk

AV=1.4
NH=3.0x1021cm-2

Σ=34 M¤ pc-2

AV=7.5
A8μm=0.30
NH=1.6x1022cm-2

Σ=180 M¤ pc-2

CO GMCs and Clumps
Solomon et al. (1987)
Roman-Duval et al. (2010)

Tan et al. (2014, PPVI)

GMCs are Gravitationally Bound
For 13CO-defined clouds with M>104M¤ 
⟨Σ⟩ = 124 M¤pc-2 
(including CO-dark molecular gas)
αvir = 5 σv,1D2 R/(GM) ~ 2Ekin/Egrav 
<	
  αvir > = 1.09
89% of the GMCs (95% of mass) have αvir  < 2
(Tan, Shaske & Van Loo 2013; c.f., Dobbs, Burkert & Pringle 2011)



Σ - M Diagram
Physical Properties of 
Star-Forming Regions

Σ~10 M¤ pc-2Local Galactic Disk

AV=1.4
NH=3.0x1021cm-2

Σ=34 M¤ pc-2

AV=7.5
A8μm=0.30
NH=1.6x1022cm-2

Σ=180 M¤ pc-2

AV=230
A8μm=8.1
NH=4.2x1023cm-2

Σ=4800 M¤ pc-2

Dense Clumps
Mueller et al. (2002)
Ma et al. (2013)
Ginsburg et al. (2012)
Longmore et al. (2012)

Tan et al. (2014, PPVI)



Σ - M Diagram
Physical Properties of 
Star-Forming Regions

Σ~10 M¤ pc-2Local Galactic Disk

AV=1.4
NH=3.0x1021cm-2

Σ=34 M¤ pc-2

AV=7.5
A8μm=0.30
NH=1.6x1022cm-2

Σ=180 M¤ pc-2

AV=230
A8μm=8.1
NH=4.2x1023cm-2

Σ=4800 M¤ pc-2

Star Clusters
ONC - Da Rio et al. (2014)
NGC3603 - Pang et al. (2013) 
Quintuplet - Hußmann et al. (2012)
Arches - Habibi et al. (2013) 
Westerlund 1 - Lim et al. (2013) 
R136 - Andersen et al. (2009)
NGC346 - Sabbi et al. (2008)
NGC1569 SSCs - Larsen et al. (2008)
NGC5253 SSC - Turner & Beck (2004)
M82 SSCs - McCrady & Graham (2007)

Tan et al. (2014, PPVI)



Σ - M Diagram
Physical Properties of 
Star-Forming Regions

Σ~10 M¤ pc-2Local Galactic Disk

AV=1.4
NH=3.0x1021cm-2

Σ=34 M¤ pc-2

AV=7.5
A8μm=0.30
NH=1.6x1022cm-2

Σ=180 M¤ pc-2

AV=230
A8μm=8.1
NH=4.2x1023cm-2

Σ=4800 M¤ pc-2

These are the (local) 
environments where 
massive stars form: 
can we scale-up 
low-mass SF theory?

Tan et al. (2014, PPVI)
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Massive Star Formation Theories

If in equilibrium,
then self-gravity

is balanced by 
internal pressure:
B-field, turbulence,
radiation pressure

(thermal P is small)

Cores form from this
turbulent/magnetized medium: at any instant 

there is a small mass fraction in cores. 
These cores collapse quickly to feed a central 

disk to form individual stars or binaries.

Turbulent Core Model:
(McKee & Tan 2002, 2003)
Stars form from “cores” that fragment from
the “clump”

Competitive (Clump-fed) Accretion:
(Bonnell, Clarke, Bate, Pringle 2001;
Bonnell, Vine, & Bate 2004;
Schmeja & Klessen 2004;
Wang, Li, Abel, Nakamura 2010; ...)
Stars, especially massive stars, gain 
most mass by Bondi-Hoyle accretion of 
ambient clump gas 

Originally based on simulations 
including only thermal pressure.

Massive stars form on the 
timescale of the star cluster, with 
relatively low accretion rates.

Core Accretion: 
wide range of dm*/dt ~10-5 - 10-2 M¤ yr-1

(e.g. Myers & Fuller 1992; Caselli & Myers 1995; McLaughlin & Pudritz 
1997; Osorio+ 1999; Nakano+ 2000; Behrend & Maeder 2001)



Massive Star Formation Theories

If in equilibrium,
then self-gravity

is balanced by 
internal pressure:
B-field, turbulence,
radiation pressure

(thermal P is small)

Cores form from this
turbulent/magnetized medium: at any instant 

there is a small mass fraction in cores. 
These cores collapse quickly to feed a central 

disk to form individual stars or binaries.

Turbulent Core Model:
(McKee & Tan 2002, 2003)
Stars form from “cores” that fragment from
the “clump”

Competitive (Clump-fed) Accretion:
(Bonnell, Clarke, Bate, Pringle 2001;
Bonnell, Vine, & Bate 2004;
Schmeja & Klessen 2004;
Wang, Li, Abel, Nakamura 2010; ...)
Stars, especially massive stars, gain 
most mass by Bondi-Hoyle accretion of 
ambient clump gas 

Originally based on simulations 
including only thermal pressure.

Massive stars form on the 
timescale of the star cluster, with 
relatively low accretion rates.

Violent interactions? Mergers?
(Bally & Zinnecker 2005)

Core Accretion: 
wide range of dm*/dt ~10-5 - 10-2 M¤ yr-1

(e.g. Myers & Fuller 1992; Caselli & Myers 1995; McLaughlin & Pudritz 
1997; Osorio+ 1999; Nakano+ 2000; Behrend & Maeder 2001)

SOFIA Result on Clump Infall

vinfall ~ 0.1 vff
(Wyrowski et al. 2016)



Turbulent core model
(MT02, 03)

Schematic Differences Between 
Massive Star Formation Theories

time

t=0
protostar
formation

massive
star
m*f>8M¤

m*=8M¤

massive prestellar core massive-star-forming core [protostar+gravitationally-bound gas]

massive-protostar (MP)

Radiation pressure likely 
to prevent accretion of 
dusty, unbound gas 
(Edgar & Clarke 2004)

Competitive Bondi-Hoyle accretion model 
(Bonnell ea. 2001; Bonnell & Bate 2006; Dobbs+, R. Smith+, P. Clark+)

Rare evolution from 
magnetically subcritical 

state?
Kunz & Mouschovias (2009)

Is there any 
isolated massive 
star formation?
(Bressert et al. 2012; 

Oey et al. 2013)

Prestellar core 
mass function?

(e.g. Motte et al. 1998; 
Testi & Sargent 1998; 

Alves et al. 2007)

Outflow-
confined 

HII Region



Do massive starless cores exist? 
Are they close to virial equilibrium?

McKee & Tan (2003)

core

clump

The Initial Conditions of Massive Star Formation



Σ - M Diagram
Physical Properties of 
Star-Forming Regions

Σ~10 M¤ pc-2Local Galactic Disk

AV=1.4
NH=3.0x1021cm-2

Σ=34 M¤ pc-2

AV=7.5
A8μm=0.30
NH=1.6x1022cm-2

Σ=180 M¤ pc-2

AV=230
A8μm=8.1
NH=4.2x1023cm-2

Σ=4800 M¤ pc-2

Tan et al. (2014, PPVI)

Fiducial MT03 core:
Mc=60M¤; Σcl=1g cm-2



Mid-IR Extinction Mapping of Infrared Dark Clouds

16’

Spitzer IRAC 8µm   (GLIMPSE)

(Butler & Tan 2009, 2012; see also Peretto & Fuller 2009; Ragan et al. 2009; Battersby et al. 2010)

MJy sr-1

G28.37+00.07

(Churchwell et al. 2009)



Mid-IR Extinction Mapping of Infrared Dark Clouds

16’

Distance from molecular line 
velocities  -> M(Σ)

MJy sr-1

Correct for foreground

G28.37+00.07

g cm-2

8

Fig. 1.— Mass surface density, ΣSMF, maps of IRDCs A-F derived from Spitzer IRAC 8 µm images with
pixel scale of 1.2′′ and angular resolution of 2′′ using a saturation-based estimate of the foreground emission
(§2). The color scale is indicated in g cm−2. The dashed ellipse, defined by Simon et al. (2006) based on
MSX images, defines the region where the background emission is estimated not directly from the small-scale
median filter average of the image intensity, but rather by interpolation from nearby regions just outside the
ellipse. The locations of the massive starless cores we have selected for analysis (§3) are marked with crosses.
Bright MIR sources appear as artificial “holes” in the map, where we have set the values of Σ = 0 g cm−2.

~Arcsecond scale maps of 
regions up to Σ  ~0.5 g cm-2; 
independent of dust temp.

Median filter for background 
around IRDC; interpolate for 
region behind the IRDC

Spitzer IRAC 8µm   (GLIMPSE)

(Butler & Tan 2009, 2012; see also Peretto & Fuller 2009; Ragan et al. 2009; Battersby et al. 2010)



Σ - M Diagram
Physical Properties of 
Star-Forming Regions

Σ~10 M¤ pc-2Local Galactic Disk

AV=1.4
NH=3.0x1021cm-2

Σ=34 M¤ pc-2

AV=7.5
A8μm=0.30
NH=1.6x1022cm-2

Σ=180 M¤ pc-2

AV=230
A8μm=8.1
NH=4.2x1023cm-2

Σ=4800 M¤ pc-2

IRDC Studies
Butler & Tan (2009; 2012) - MIREX maps

Fiducial MT03 core:
Mc=60M¤; Σcl=1g cm-2

Tan et al. (2014, PPVI)
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Σ=4800 M¤ pc-2

Tan et al. (2014, PPVI)

SOFIA Capabilities

A37μm ~ 3 mag

3″
 @

 3k
pc



Formation of IRDCs, GMC Collisions, Dense Gas Mass 
Fractions & KS Relation
Wu, Tan, Nakamura+ (2016)

CollidingNon-Colliding

Taurus (Planck XXXV - Soler et al.)

Importance of [CII] mapping of IRDCs
to understand origin of dense gas mass fraction 
variation in GMCs
(Beuther et al.; Ragan et et al.)

(Scoville et al. 1986; Tan 2000; Tasker & Tan 2009; Tan 2010;
Suwannajak, Tan & Leroy 2014)



Sample of ~50 massive “starless” core/clumps

Cores show central concentration

nH~105cm-3, B~200μG -> MB~100 M¤

Magnetic Critical Mass (Bertoldi & McKee 1992)

(Butler & Tan 2012; Butler et al. 2014)
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ABSTRACT

We use deep 8 µm Spitzer-IRAC imaging of massive Infrared Dark Cloud (IRDC) G028.37+00.07 to construct
a mid-infrared (MIR) extinction map that probes mass surface densities up to Σ ∼ 1 g cm−2 (AV ∼ 200 mag),
amongst the highest values yet probed by extinction mapping. Merging with an NIR extinction map of the region
creates a high dynamic range map that reveals structures down to AV ∼ 1 mag. We utilize the map to: (1) measure
a cloud mass ∼7 × 104 M⊙ within a radius of ∼8 pc. 13CO kinematics indicate that the cloud is gravitationally
bound. It thus has the potential to form one of the most massive young star clusters known in the Galaxy. (2)
Characterize the structures of 16 massive cores within the IRDC, finding they can be fit by singular polytropic
spheres with ρ ∝ r−kρ and kρ = 1.3 ± 0.3. They have Σ ≃ 0.1–0.4 g cm−2—relatively low values that, along with
their measured cold temperatures, suggest that magnetic fields, rather than accretion-powered radiative heating, are
important for controlling fragmentation of these cores. (3) Determine the Σ (equivalently column density or AV )
probability distribution function (PDF) for a region that is nearly complete for AV > 3 mag. The PDF is well fit by
a single log-normal with mean AV ≃ 9 mag, high compared to other known clouds. It does not exhibit a separate
high-end power law tail, which has been claimed to indicate the importance of self-gravity. However, we suggest
that the PDF does result from a self-similar, self-gravitating hierarchy of structures present over a wide range of
scales in the cloud.

Key words: dust, extinction – ISM: clouds – stars: formation

Online-only material: color figures

1. INTRODUCTION

Most stars, especially massive ones, form in clusters from
dense clumps of gas inside giant molecular clouds (e.g., McKee
& Ostriker 2007). Turbulence and magnetic fields are thought
to help regulate star formation activity, but both their absolute
and relative importance are uncertain. These can affect the
overall timescale of star cluster formation, be it dynamically fast
(Elmegreen 2007) or slow (Tan et al. 2006), the fragmentation
of the gas into self-gravitating cores (Padoan & Nordlund 2002;
Vázquez-Semadeni et al. 2005; Kunz & Mouschovias 2009),
and thus the mechanism by which massive stars are born, i.e.,
via competitive clump-fed accretion (Bonnell et al. 2001; Wang
et al. 2010) or via core accretion (McKee & Tan 2003), and the
stellar initial mass function established.

Progress requires improved observational constraints on the
properties of dense gas clumps that are on the verge of
massive star and star cluster formation, such as the cold, high
column density clouds that reveal themselves as Infrared Dark
Clouds (IRDCs), silhouetted against the MIR emission from
the Galactic diffuse interstellar medium (ISM; e.g., Carey et al.
1998; Rathborne et al. 2006; Butler & Tan 2009). IRDCs suffer
from CO freeze out onto dust grains (e.g., Hernandez et al.
2011) and thus have typically been studied via their millimeter
to far-IR (FIR) dust continuum emission (e.g., Rathborne et al.
2006; Peretto et al. 2010). This method has the disadvantage
of requiring knowledge of both the emissivity and temperature
of dust in the cloud. Single dish observations are needed to
recover the total flux, but these have relatively poor angular
resolution (e.g., 11′′ FWHM angular resolution for the 1.2 mm
observations of Rathborne et al. 2006 with the IRAM 30 m

telescope; ∼22′′ for the 250 µm observations of Peretto et al.
2010 with Herschel-SPIRE). Interferometric observations are
possible at submillimeter and longer wavelengths, but on their
own provide poor constraints on dust temperature.

Extinction mapping is a temperature-independent method to
probe cloud structure. However, using background stars in the
NIR, clouds are typically only probed up to AV ≃ 25 mag4

(Kainulainen et al. 2011), while IRDCs can have column
densities ∼10× larger. Furthermore, the location of IRDCs at
!kpc distances in the crowded Galactic plane, with NIR sources
at a range of distances, necessitates statistical methods that limit
the effective angular resolution of the maps to ∼30′′.

Thus, MIR extinction (MIREX) mapping has proven more
effective at probing IRDCs, e.g., with 2′′ angular resolution
achieved with Spitzer-IRAC GLIMPSE (Churchwell et al. 2009)
8 µm images (e.g., Butler & Tan 2009). Using the foreground
estimation method of Butler & Tan (2012), the maximum Σ that
can be probed depends on the noise level of the images: a 1σ
level of 0.6 MJy sr−1 for GLIMPSE images leads to a maximum,
“saturation,” mass surface density of Σsat ∼ 0.3–0.5 g cm−2

for typical inner Galaxy IRDCs. Since it compares specific
intensities toward the IRDC with those of its surroundings,
MIREX mapping has difficulties at lower Σ values, where it
tends to underestimate true extinctions by AV ∼ 5–10 mag.
This deficiency can be fixed by combining MIR and NIR-derived
maps (Kainulainen & Tan 2013).

Here we present an 8 µm extinction map of IRDC
G028.37+00.07, hereafter IRDC C (Butler & Tan 2009), with

4 We interchange between Σ, NH and AV via AV /(1 mag) ≡ NH/(1.9 ×
1021 cm−2) ≡ Σ/(4.45 × 10−3 g cm−2) (see Kainulainen & Tan 2013).

1

Contain many Jeans masses. 
B-fields suppress fragmentation? 
Not radiative heating (c.f., 
Krumholz & McKee 2008).
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ABSTRACT

We use deep 8 µm Spitzer-IRAC imaging of massive Infrared Dark Cloud (IRDC) G028.37+00.07 to construct
a mid-infrared (MIR) extinction map that probes mass surface densities up to Σ ∼ 1 g cm−2 (AV ∼ 200 mag),
amongst the highest values yet probed by extinction mapping. Merging with an NIR extinction map of the region
creates a high dynamic range map that reveals structures down to AV ∼ 1 mag. We utilize the map to: (1) measure
a cloud mass ∼7 × 104 M⊙ within a radius of ∼8 pc. 13CO kinematics indicate that the cloud is gravitationally
bound. It thus has the potential to form one of the most massive young star clusters known in the Galaxy. (2)
Characterize the structures of 16 massive cores within the IRDC, finding they can be fit by singular polytropic
spheres with ρ ∝ r−kρ and kρ = 1.3 ± 0.3. They have Σ ≃ 0.1–0.4 g cm−2—relatively low values that, along with
their measured cold temperatures, suggest that magnetic fields, rather than accretion-powered radiative heating, are
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a single log-normal with mean AV ≃ 9 mag, high compared to other known clouds. It does not exhibit a separate
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that the PDF does result from a self-similar, self-gravitating hierarchy of structures present over a wide range of
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1. INTRODUCTION

Most stars, especially massive ones, form in clusters from
dense clumps of gas inside giant molecular clouds (e.g., McKee
& Ostriker 2007). Turbulence and magnetic fields are thought
to help regulate star formation activity, but both their absolute
and relative importance are uncertain. These can affect the
overall timescale of star cluster formation, be it dynamically fast
(Elmegreen 2007) or slow (Tan et al. 2006), the fragmentation
of the gas into self-gravitating cores (Padoan & Nordlund 2002;
Vázquez-Semadeni et al. 2005; Kunz & Mouschovias 2009),
and thus the mechanism by which massive stars are born, i.e.,
via competitive clump-fed accretion (Bonnell et al. 2001; Wang
et al. 2010) or via core accretion (McKee & Tan 2003), and the
stellar initial mass function established.

Progress requires improved observational constraints on the
properties of dense gas clumps that are on the verge of
massive star and star cluster formation, such as the cold, high
column density clouds that reveal themselves as Infrared Dark
Clouds (IRDCs), silhouetted against the MIR emission from
the Galactic diffuse interstellar medium (ISM; e.g., Carey et al.
1998; Rathborne et al. 2006; Butler & Tan 2009). IRDCs suffer
from CO freeze out onto dust grains (e.g., Hernandez et al.
2011) and thus have typically been studied via their millimeter
to far-IR (FIR) dust continuum emission (e.g., Rathborne et al.
2006; Peretto et al. 2010). This method has the disadvantage
of requiring knowledge of both the emissivity and temperature
of dust in the cloud. Single dish observations are needed to
recover the total flux, but these have relatively poor angular
resolution (e.g., 11′′ FWHM angular resolution for the 1.2 mm
observations of Rathborne et al. 2006 with the IRAM 30 m

telescope; ∼22′′ for the 250 µm observations of Peretto et al.
2010 with Herschel-SPIRE). Interferometric observations are
possible at submillimeter and longer wavelengths, but on their
own provide poor constraints on dust temperature.

Extinction mapping is a temperature-independent method to
probe cloud structure. However, using background stars in the
NIR, clouds are typically only probed up to AV ≃ 25 mag4

(Kainulainen et al. 2011), while IRDCs can have column
densities ∼10× larger. Furthermore, the location of IRDCs at
!kpc distances in the crowded Galactic plane, with NIR sources
at a range of distances, necessitates statistical methods that limit
the effective angular resolution of the maps to ∼30′′.

Thus, MIR extinction (MIREX) mapping has proven more
effective at probing IRDCs, e.g., with 2′′ angular resolution
achieved with Spitzer-IRAC GLIMPSE (Churchwell et al. 2009)
8 µm images (e.g., Butler & Tan 2009). Using the foreground
estimation method of Butler & Tan (2012), the maximum Σ that
can be probed depends on the noise level of the images: a 1σ
level of 0.6 MJy sr−1 for GLIMPSE images leads to a maximum,
“saturation,” mass surface density of Σsat ∼ 0.3–0.5 g cm−2

for typical inner Galaxy IRDCs. Since it compares specific
intensities toward the IRDC with those of its surroundings,
MIREX mapping has difficulties at lower Σ values, where it
tends to underestimate true extinctions by AV ∼ 5–10 mag.
This deficiency can be fixed by combining MIR and NIR-derived
maps (Kainulainen & Tan 2013).

Here we present an 8 µm extinction map of IRDC
G028.37+00.07, hereafter IRDC C (Butler & Tan 2009), with

4 We interchange between Σ, NH and AV via AV /(1 mag) ≡ NH/(1.9 ×
1021 cm−2) ≡ Σ/(4.45 × 10−3 g cm−2) (see Kainulainen & Tan 2013).
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ABSTRACT

We use deep 8 µm Spitzer-IRAC imaging of massive Infrared Dark Cloud (IRDC) G028.37+00.07 to construct
a mid-infrared (MIR) extinction map that probes mass surface densities up to Σ ∼ 1 g cm−2 (AV ∼ 200 mag),
amongst the highest values yet probed by extinction mapping. Merging with an NIR extinction map of the region
creates a high dynamic range map that reveals structures down to AV ∼ 1 mag. We utilize the map to: (1) measure
a cloud mass ∼7 × 104 M⊙ within a radius of ∼8 pc. 13CO kinematics indicate that the cloud is gravitationally
bound. It thus has the potential to form one of the most massive young star clusters known in the Galaxy. (2)
Characterize the structures of 16 massive cores within the IRDC, finding they can be fit by singular polytropic
spheres with ρ ∝ r−kρ and kρ = 1.3 ± 0.3. They have Σ ≃ 0.1–0.4 g cm−2—relatively low values that, along with
their measured cold temperatures, suggest that magnetic fields, rather than accretion-powered radiative heating, are
important for controlling fragmentation of these cores. (3) Determine the Σ (equivalently column density or AV )
probability distribution function (PDF) for a region that is nearly complete for AV > 3 mag. The PDF is well fit by
a single log-normal with mean AV ≃ 9 mag, high compared to other known clouds. It does not exhibit a separate
high-end power law tail, which has been claimed to indicate the importance of self-gravity. However, we suggest
that the PDF does result from a self-similar, self-gravitating hierarchy of structures present over a wide range of
scales in the cloud.
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1. INTRODUCTION

Most stars, especially massive ones, form in clusters from
dense clumps of gas inside giant molecular clouds (e.g., McKee
& Ostriker 2007). Turbulence and magnetic fields are thought
to help regulate star formation activity, but both their absolute
and relative importance are uncertain. These can affect the
overall timescale of star cluster formation, be it dynamically fast
(Elmegreen 2007) or slow (Tan et al. 2006), the fragmentation
of the gas into self-gravitating cores (Padoan & Nordlund 2002;
Vázquez-Semadeni et al. 2005; Kunz & Mouschovias 2009),
and thus the mechanism by which massive stars are born, i.e.,
via competitive clump-fed accretion (Bonnell et al. 2001; Wang
et al. 2010) or via core accretion (McKee & Tan 2003), and the
stellar initial mass function established.

Progress requires improved observational constraints on the
properties of dense gas clumps that are on the verge of
massive star and star cluster formation, such as the cold, high
column density clouds that reveal themselves as Infrared Dark
Clouds (IRDCs), silhouetted against the MIR emission from
the Galactic diffuse interstellar medium (ISM; e.g., Carey et al.
1998; Rathborne et al. 2006; Butler & Tan 2009). IRDCs suffer
from CO freeze out onto dust grains (e.g., Hernandez et al.
2011) and thus have typically been studied via their millimeter
to far-IR (FIR) dust continuum emission (e.g., Rathborne et al.
2006; Peretto et al. 2010). This method has the disadvantage
of requiring knowledge of both the emissivity and temperature
of dust in the cloud. Single dish observations are needed to
recover the total flux, but these have relatively poor angular
resolution (e.g., 11′′ FWHM angular resolution for the 1.2 mm
observations of Rathborne et al. 2006 with the IRAM 30 m

telescope; ∼22′′ for the 250 µm observations of Peretto et al.
2010 with Herschel-SPIRE). Interferometric observations are
possible at submillimeter and longer wavelengths, but on their
own provide poor constraints on dust temperature.

Extinction mapping is a temperature-independent method to
probe cloud structure. However, using background stars in the
NIR, clouds are typically only probed up to AV ≃ 25 mag4

(Kainulainen et al. 2011), while IRDCs can have column
densities ∼10× larger. Furthermore, the location of IRDCs at
!kpc distances in the crowded Galactic plane, with NIR sources
at a range of distances, necessitates statistical methods that limit
the effective angular resolution of the maps to ∼30′′.

Thus, MIR extinction (MIREX) mapping has proven more
effective at probing IRDCs, e.g., with 2′′ angular resolution
achieved with Spitzer-IRAC GLIMPSE (Churchwell et al. 2009)
8 µm images (e.g., Butler & Tan 2009). Using the foreground
estimation method of Butler & Tan (2012), the maximum Σ that
can be probed depends on the noise level of the images: a 1σ
level of 0.6 MJy sr−1 for GLIMPSE images leads to a maximum,
“saturation,” mass surface density of Σsat ∼ 0.3–0.5 g cm−2

for typical inner Galaxy IRDCs. Since it compares specific
intensities toward the IRDC with those of its surroundings,
MIREX mapping has difficulties at lower Σ values, where it
tends to underestimate true extinctions by AV ∼ 5–10 mag.
This deficiency can be fixed by combining MIR and NIR-derived
maps (Kainulainen & Tan 2013).

Here we present an 8 µm extinction map of IRDC
G028.37+00.07, hereafter IRDC C (Butler & Tan 2009), with

4 We interchange between Σ, NH and AV via AV /(1 mag) ≡ NH/(1.9 ×
1021 cm−2) ≡ Σ/(4.45 × 10−3 g cm−2) (see Kainulainen & Tan 2013).
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Figure 11. Core G1, G2, G3, H1, H2, and H3 Σ maps (notation as in Figure 5(a)) and azimuthally averaged radial profile figures (notation as in Figure 5(b)).
(A color version of this figure is available in the online journal.)
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Figure 10. Core E2, E3, F1, F2, F3, and F4 Σ maps (notation as in Figure 5(a)) and azimuthally averaged radial profile figures (notation as in Figure 5(b)).
(A color version of this figure is available in the online journal.)
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Figure 10. Core E2, E3, F1, F2, F3, and F4 Σ maps (notation as in Figure 5(a)) and azimuthally averaged radial profile figures (notation as in Figure 5(b)).
(A color version of this figure is available in the online journal.)
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Figure 6. Core A1, A2, A3, B1, B2, and C1 Σ maps (notation as in Figure 5(a)) and azimuthally averaged radial profile figures (notation as in Figure 5(b)).
(A color version of this figure is available in the online journal.)
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Four IRDC core/clumps selected to be dark at 8, 24, 70 μm

F. Fontani: Deuteration in massive-star formation

to derive Dfrac have not yet been performed (except for I22134-
VLA1), the source size was determined from interferometric
measurements of NH3(2,2). This assumption seems reasonable
because this line traces gas with physical conditions similar to
those of N2H+ (3–2) and N2D+ (2–1). To take into account the
possible effects of the evolutionary stage on the source size, we
also computed an average diameter for each evolutionary group.
This turns out to be: 6.5′′ for HMSCs, 4.1′′ for HMPOs, and
5.5′′ for UC HIIs (Busquet 2010; Busquet et al. 2011; Sánchez-
Monge 2011; Palau et al. 2007; 2010). We stress that these an-
gular diameters are consistent with the (few) N2H+ and N2D+
interferometric observations published to date (e.g. see the case
of IRAS 05345+3157, Fontani et al. 2008). The N2H+ and N2D+
column densities, their ratio (Dfrac), as well as the line parame-
ters used in the derivation of the column densities, are listed in
Table A.3.

The method assumes a constant excitation temperature, Tex.
For the N2H+ lines, Tex was derived directly from the parameters
given by the hyperfine fitting procedure corrected for the filling
factor2. The procedure, however, cannot provide good estimates
for optically thin transitions or transitions with opacity (τ) not
well-constrained (e.g. with relative uncertainty larger than 30%).
For these, we were obliged to assume a value for Tex (for de-
tails, see the notes of Table A.3). For the N2D+ (2−1) lines we
were unable to derive Tex from the fitting procedure for almost
all sources because τ is either too small or too uncertain. In 3
cases only was the optical depth of the N2D+ (2−1) transition
well-determined, and so is Tex: in two of these objects we found
a close agreement between the estimates derived from the N2D+
(2–1) and the N2H+ (3−2) transitions. Therefore, the N2D+ col-
umn density of each source was computed assuming the same
Tex as for N2H+. Since N2D+ (2–1) and N2H+ (3−2) have simi-
lar critical densities and we measure similar Tex for both transi-
tions, the two lines approximately trace similar material, so that
computing Dfrac using them is a reasonable approach. The N2H+
column densities are on average of the order of 1013−14 cm−2,
and the N2D+ column densities are of order 1012−13 cm−2. Both
values are consistent with similar observations towards massive
star forming regions (e.g. Fontani et al. 2006). The measured Tex
corrected for filling factor are between ∼7 and ∼50 K and agree,
on average, with the kinetic temperatures measured from ammo-
nia, except for the colder HMSCs for which they are a factor of
∼2 lower.

The deuterated fraction for the three evolutionary groups
is shown in Fig. 1, where we plot N(N2D+) against N(N2H+).
There is a statistically significant separation between the
HMSC group, which has the highest average Dfrac (mean value
∼0.26, σ = 0.22), and the HMPOs and UC HII groups, which
have similar average deuterated fraction: mean Dfrac = 0.037
(σ = 0.017) for HMPOs, and mean Dfrac = 0.044 (σ = 0.024) for
UC HII regions. Both are about an order of magnitude smaller
than that associated with HMSCs. A closer inspection of the
data using the Kolmogorov-Smirnov statistical test shows that
the separation in Dfrac between the HMSC group and that in-
cluding both HMPOs and UC HII regions is indeed statistically
significant: the test shows that the probability of the distributions
being the same is very low (P ∼ 0.004). This is strong evidence
that the two groups differ statistically. Therefore, massive cores
without stars have larger abundances of N2D+ than cores with al-
ready formed massive (proto-)stars or proto-clusters. The abun-
dance of N2D+, however, seems to remain constant, within the

2 See the CLASS user manual for details: http://iram.fr/
IRAMFR/GILDAS/doc/html/class-html/class.html/

Fig. 1. N2D+ column density versus N2H+ column density. Blue sym-
bols correspond to HMSCs (triangles: “warm” cores, see text); green
squares show HMPOs (open squares are upper limits); black asterisks
correspond to UC HII regions. The two lines indicate the average values
of Dfrac for the HMSC group (i.e. 0.26) and that of both the HMPO and
UC HII groups (i.e. 0.04).

uncertainties, after the formation of the protostellar object until
the UC HII region phase. That Dfrac is of the order of ∼0.2−0.3,
on average, in HMSCs, and then drops by an order of magni-
tude after the onset of star formation, indicates that the phys-
ical conditions acting on the abundance of deuterated species
(i.e. density and temperature) evolve similarly along both the
low- and high-mass star formation processes (see e.g. Crapsi
et al. 2005 and Emprechtinger et al. 2009). Another interesting
aspect emerging from Fig. 1 is that the three HMSCs defined as
“warm” in Table A.1 (AFGL5142-EC, 05358-mm3, and I22134-
G, marked as triangles in the figure) have Dfrac almost an order
of magnitude smaller than the others. These differ from the rest
of the sub-sample of HMSCs because they have temperatures Tk
> 20 K (see Table A.3 and panel (a) in Fig. 2). High angular
resolution studies indicate that they could be externally heated
(Zhang et al. 2002; Busquet 2010; Sánchez-Monge 2011), so
that they are likely to be perturbed by nearby star formation
and we expect their properties to be different from those of the
other, more quiescent cores. An anticorrelation between Dfrac
and the distance to heating sources such as embedded proto-
stars was found in the cluster-forming Ophiuchus-B clump by
Friesen et al. (2010). Our study tends to confirm the Friesen
et al.’s finding, even though the poor statistics does not allow us
to drive firm conclusions. We also point out that the four cores
selected from the Butler & Tan (2009) work (G034-G2, G034-
F1, G034-F2, G028-C1) have the highest values of all measured
Dfrac and lie in infrared-dark regions, away from active star for-
mation. These four cores are hence very similar to the prototype
low-mass “pre-stellar cores” (e.g. L1544, L694–2, see Crapsi
et al. 2005) and we propose that these are good “massive pre-
stellar core” candidates.

In Fig. 2, we plot Dfrac as a function of several parameters:
the kinetic temperature, the N2H+ column density, and the line
widths derived from both N2H+ and N2D+. To search for possi-
ble (anti-)correlations between these parameters, we performed
two statistical tests: the Kendall’s τ and the Spearman’s ρ rank
correlation tests3. For Tk, the tests were applied to all sources
in our survey with gas temperature derived from VLA interfero-
metric ammonia observations (see Table A.3). As can be inferred

3 http://www.statsoft.com/textbook/
nonparametric-statistics/
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High Deuterium Fraction [N2D+]/[N2H+]
(Fontani et al. 2011)

C1 F1 F2 G2

IRAM 30m

Astrochemical 
indicator that these 
are starless cores
(Caselli et al. 2002)

H3+ + CO  →  HCO+ + H2

H3+ + HD  →  H2D+ + H2

H2D+ + N2  →  H2 + N2D+

(T<20K)

So use high angular resolution observations of N2D+(3-2) to 
1. Identify exact location of (massive) starless cores
2. Measure core velocity dispersion, σ.
3. Measure Dfrac?
4. Astrochemical ages?

CO freeze-out
e.g. Hernandez et. al (2011)



Comparison to Turbulent Core Model

Core masses inside 3σ 
N2D+ contour: 

Σcl = 0.36 g cm-2

Mc,MIREX = 55.2 ± 25 M¤

Mc,mm = 62.5 129 26.9 M¤

core

clump

C1, ΣMIREX, N2D+(3-2) contours 

3.6”
0.09pc

McΣcl

ALMA beam        Spitzer beam

Tan, Kong et al. (2013)



Core C1-N C1-S F1 F2 G2-N G2-S

Σcl (g cm-2) 0.48 0.40 0.22 0.32 0.21 0.19

Mc (M¤) 16 63 6.5 4.7 2.4 0.83

σvir (km/s) 0.66±0.22 0.88±0.30 0.43±0.15 0.44±0.15 0.33±0.11 0.25±0.09

σobs (km/s) 0.41±0.03 0.41±0.02 0.25±0.02 0.42±0.04 0.34±0.02 0.30±0.02

• 1D velocity dispersion if virialized:
(                           = 1) 

< σobs/σvir > = 0.81 ± 0.13

Predictions from Virial Equilibrium

mA,vir = 0.28 -> Bvir=0.9mG

nH,c=6.4x105cm-3 -> Bmed = 0.7mG 

4 Tan et al.

For the sample of 6 cores the ratio of the observed to the predicted virial equilib-
rium velocity dispersion is 0.810.97

0.71, while the ratio of the observed to predicted size is

1.541.97
1.26. Thus the cores appear to be close to the predictions of the model. For the most

massive core, C1-S, the observed velocity dispersion is about a factor of 2 smaller than
the predictions of the fiducial model. For it to be in virial equilibrium would require
stronger magnetic fields of ∼ 1.0 mG, implying mA ≃ 0.3. In fact, given the core den-
sity of nH ≃ 6 × 105 cm−3, the predicted median B-field strength using Crutcher et al.’s
(2010) relation Bmed ≃ 0.12n0.65H

µG (for nH > 300 cm−3) is 0.7 mG.

4. The Chemical “Deuteration” Ages of the Cores

The Turbulent Core Model does not make any prediction about the timescale for the
cores to assemble, except that at least one dynamical (i.e. or ≃ 2 free-fall times, tff)
is needed to reach an equilibrium state. If strong magnetic fields are regulating core
formation, then the timescale for core formation could be considerably longer than this.

We have modeled the timescale of deuteration of N2H
+, first carrying out a broad

survey over parameter space (e.g. density, temperature, cosmic ray ionization rate, gas
phase depletion factor onto dust grains, etc.) (Kong et al.[a], in prep.), then applying
tailored models to the cores detected by ALMA (Kong et al.[b], in prep.). For C1-S,
to reach the high observed values of Dfrac ∼ 1 at T ∼ 10 K and with a cosmic ray
ionization rate of 2.5 × 10−17 s−1, requires a large depletion factor of 400 (i.e. only
1 in 400 heavy molecules like CO remain in the gas phase). To reach these values of
Dfrac requires ∼ 2.4 × 105 yr. This is 4.5tff , but about equal to the ambipolar diffusion
timescale, tAD ≃ 3.0 × 105 yr (given the ionization fraction of ≃ 6 × 10−9 calculated by
the chemical model). Thus, this result is also consistent with a scenario of magnetically
regulated massive core formation.
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NAOJ. The National Radio Astronomy Observatory is a facility of the National Science
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A Hunt for Massive Starless Cores
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C9A
Mc,mm = 
70.0 146 32 M¤

170.0 360 78 M¤

• Snapshot ALMA survey of 32 IRDC clumps
• Automated N2D+(3-2) core finding
• ~100 N2D+(3-2) core candidates detected
• Dynamical analysis of 6 best cores: < σobs/σvir > = 0.80 ± 0.06

B1A
Mc,mm = 
4.9 10.3 2.2 M¤

10.3 21.6 4.7 M¤
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ALMA Cycle 2 follow-up of C1 region
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The Deuteration Fraction of C1-S & C1-N
Kong, Tan, Caselli, Fontani, Pillai, Butler, Shimajiri, Nakamura, Sakai (2016)

Figure 2. (a) Top left: integrated intensities of +N H2 (1-0) (gray-scale in units of Jy beam−1 km s−1, with intensities integrated over velocity range
vLSR=68–90 km s−1, i.e., including all hyperfine structure (HFS); only pixels with S/N > 2 are shown; noise at the map center is 0.09 Jy beam−1 km s−1 and at
the map edge is 0.16 Jy beam−1 km s−1; CARMA beam is in the lower right), +N H2 (4-3) (blue dashed contours from 3σ to 10σ, with the noise level being
σ = 0.10K km s−1, with intensities integrated over velocity range vLSR=75–84 km s−1 to cover full HFS; JCMT beam is shown in upper right), +N D2 (3-2) showing
C1-N and S cores reported by T13 (green contours from 2, 3, 4 ...14σ with σ = 0.0109 Jy beam−1 km s−1, with intensities integrated over velocity range
vLSR=76.8–81.9 km s−1, covering full HFS; ALMA beam is in the lower left). (b) Top right: integrated intensities of +N H2 (3-2) (gray-scale in units of Jy
beam−1 km s−1, with intensities integrated over velocity range vLSR=68–90 km s−1, i.e., including all HFS; only cells with >2σ signal are shown, with σ=0.33
Jybeam−1 km s−1; SMA beam is in the lower right) and +N D2 (3-2) (green contours; same as in (a)). (c) Middle left: first moment map of the +N H2 (1-0) isolated
hyperfine component, showing velocities in km s−1 relative to vLSR(C1-S). CARMA beam is in the lower right. The +N D2 (3-2) integrated intensity green contours are
shown as in (a), highlighting the C1-N and S cores. (d) Middle right: first moment map of the +N H2 (3-2) total HFS, showing velocities in km s−1 relative to vLSR(C1-
S). SMA beam is in the lower right. The +N D2 (3-2) integrated intensity green contours are shown as in (a), highlighting the C1-N and S cores. (e) Bottom left: first
moment map of +N H2 (4-3) emission, showing velocities in km s−1 relative to vLSR(C1-S) (integrating over full HFS structure). JCMT beam is in the lower right. The

+N D2 (3-2) integrated intensity green contours are shown as in (a), highlighting the C1-N and S cores. (f) Bottom right: first moment map of +N D2 (3-2) emission,
showing velocities in km s−1 relative to vLSR(C1-S) (integrating over full HFS structure). ALMA beam is in the lower left.
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N2D+(3-2)
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(ALMA)
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N2H+(4-3)
(JCMT)

N2H+(1-0)
(CARMA)

region compared to +N D2 . Deuterated species are likely to trace
colder conditions (e.g., Caselli et al. 1999; Pagani et al. 2013;
Kong et al. 2015). Note that Crapsi et al. (2005) measured Tex
to be about 4.5K in a number of low-mass cores, only slightly
larger than our derived values. However, it is also possible that
our result of a relatively low Tex may be explained by the fact
that we are fitting two N2D

+ lines, with the lower transition
being observed by a single-dish telescope that receives some
flux from regions just beyond the +N D2 (3-2)-defined cores.

Our estimates of Tex are relatively low compared to expected
kinetic temperatures of pre-stellar cores, i.e.,6 K (Crapsi
et al. 2007, for L1544). The dust temperature in C1-N and S is
constrained to be13 K, from the fact that these regions appear
dark at 70 and even 100μm (T13). At the high densities of the
cores, we would expect gas and dust temperatures to be
reasonably well coupled. Still, subthermal excitation of the
N2D

+ lines is a possibility, even though the average volume
densities are close (within a factor of a few) to the critical
density of the +N D2 (3-2) transition.

Since there are reasons to expect that our above Case 1
estimates for Tex may be lower limits due to flux contamination
from extended envelopes, as a “Case 2” estimate, we will also

consider higher values of Tex. One possible upper limit is
∼10K, set by the dust temperature. However, we note that
adopting Tex=10 K results in a negligible amount of flux in
the N2D

+(1-0) line, which we consider to be inconsistent with
the NRO 45 m observations of C1-S. Caselli et al. (2003)
adopted a kinetic temperature of ∼7K in L1544. We will use
this value of Tex for the Case 2 models, which are shown by the
red lines in Figures 3 and 4.
To derive the N2H

+ column density in a core (and thus
+

Dfrac
N H2 ), we assume that this species has the same value of Tex

as +N D2 (for the 4 K case, if N2H
+ has a higher temperature by

1 K, then this would increase the estimate of N2H
+ and

+
Dfrac

N H2

by 30%). However, as shown in Section 3.1, N2H
+ lines show

very extended emission around C1-N and C1-S. In addition, the
temperature of the envelope gas could differ from those in the
cores, likely being higher. Therefore, flux from the N2H

+

envelope is likely to be contributing to (and perhaps
dominating) the spectra, especially in the single-dish observa-
tions of higher J transitions.
Therefore, in fitting the model of core emission to the N2H

+

spectra, we assume the best fit is achieved when the peak flux

Figure 3. Upper row, panels (a)–(c): observed +N D2 (1-0), (2-1), (3-2) flux density spectra for C1-N (black lines), all shown in the rest frame of C1-N’s vLSR (Table 1).
The normalized HFS intensities are shown underneath each spectrum, also in this velocity frame. After smoothing, the observed spectra all have peak S/N > 5. The
resulting spectral resolutions and 1σ noise levels are listed in Table 2. The model N2D

+ spectra, normalized by the ALMA +N D2 (3-2) emission, are shown with green
and red lines with various values of Tex (see the legend). Note, the +N D2 (1-0) data (dotted black line in panel (a)) is not used for constraining the model because the
NRO 45 m observation was centered on C1-S. In Fontani et al. (2011), the +N D2 (2-1) spectrum has two major velocity components, with the lower velocity
component being −1.8 km s−1 away (i.e., from C1-S). We fit hyperfine structures to the spectra and subtract the C1-S component, leaving the spectrum for C1-N
shown in panel (b). Lower row, panels (d)–(f): +N H2 (1-0), (3-2) (SMA—solid line; IRAM 30 m—dashed line), (4-3) flux density spectra for C1-N (black lines), again
all having peak S/N > 5. Modeled N2H

+ spectra are shown with magenta lines for various values of
+

Dfrac
N H2 (see the legend, which shows Case 1 and 2 values, see the

text). The normalized HFS intensities are shown underneath each spectrum (note, the +N H2 (4-3) HFS have 60% flux in the central group).
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Results:
Tex (N2D+) ~4K - 7K
Dfrac ≡ [N2D+]/[N2H+] = 0.15 - 0.72 (C1-S)
                                   = 0.16 - 0.44 (C1-N)
Most efficient method would be ALMA 
observations of N2D+(3-2) and N2H+(3-2)



(see also Pagani et al. 2009, 2013)

H3+ + CO  →  HCO+ + H2

H3+ + HD  →  H2D+ + H2

H2D+ + N2  →  H2 + N2D+

(T<20-30K for small OPRH2)

CO freeze-out
e.g. Hernandez et. al (2011)

Kong, Caselli, Tan, Wakelam, Sipilä (2015)

• Modeling of N2H+ deuteration with gas-phase, spin-state network 
(132 species; 3232 reactions) to constrain age or collapse rate

OPRH2     ortho to para ratio of H2       10-3 - 3

The Deuteration Clock



Parameter Space Exploration: nH, T, ζ, fD, OPRH2 
Deuteration time; comparison with tff & tad 

initial OPRH2=3



Kong, Caselli, Tan, Wakelam, Sipilä (2015)
The Deuteration Clock

α f
f	
  =

1

α f
f	
  =

.0
1

Observed 
Dfrac of C1-S
(Kong+ 2016)

• Evolving density model

If n0 ≥ 0.1n1
If initial OPRH2 ≥1
initial fD = 1
THEN Dfrac≥0.1⇒ αff ≤ 0.1 

But, observed values of Dfrac consistent with 
predicted equilibrium values

Dfrac ≡ [N2D+]/[N2H+] = 0.15 - 0.72 (C1-S)
                                   = 0.16 - 0.44 (C1-N)



Magnetized, Turbulent, Massive Starless Core Simulations 
Goodson, Kong, Tan et al. (2016, arXiv:1609.07107)
• ATHENA: ideal MHD; isothermal (15K; γ=1.01)
• Parameterized D chemistry (Kong et al. 2015): d[N2D+]/dt (nH); d[N2H+]/dt (nH)
C1-S: Mc=60M⦿; r=0.07pc; Σcl=0.5 g cm-2; nH =6x105 cm-3; tff=40kyr; B0~2.5mG; Bs~0.5mG
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Figure 4. Projections from our fiducial turbulent, magnetized core model (run S3M2). Time proceeds from left to right in units
of the initial mean free-fall time tff . From top to bottom, the rows are: the mass surface density Σ; the mean velocity along the

line of sight weighted by N2D
+; the column density of N2H

+; the column density of N2D
+; and the deuterium fraction DN2H

+

frac .
The chemical starting time tchem = 0 tff and the initial ortho-to-para ratio of H2 OPRH2

0 = 0.1. Projections are taken along the
x-axis, perpendicular to the initial magnetic field direction. The density-weighted magnetic field projection in the plane-of-sky
is overlaid on the mass surface density in black lines, with the length proportional to the field strength. For reference, the length
corresponding to B = 0.3 mG is shown in the top right. The chemical tracers are only considered where the molecular hydrogen
number density is greater than neff = 4× 105 cm−3, roughly 10% of the critical density for the (3–2) transition. As [N2D+]=0
at t=0, we instead show the density-weighted mean velocity for that panel only.

lithically with little fragmentation, and the density ap-
pears to be centrally concentrated at termination. The
magnetic field structure eventually develops an hour-
glass morphology as the field lines are pulled inward at
the midplane.
The asymmetry introduced by the magnetic field sug-

gests the viewing angle will be important. Figure 5
shows projections taken along the z-axis, parallel to the

initial field orientation. The core now appears circular,
suggesting a disk-like structure in the x-y plane. More
small-scale structure is visible, as the velocity perturba-
tions tangle and amplify the plane-of-sky magnetic field
in the core; however, the central condensation remains
distinct, surrounded by less-dense filaments or streams.
In the mean velocity map at t = 0.8tff in Figure 4,

there is a velocity gradient of several km s−1 across

Goodson et al. (2016)
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Figure 11. Ratio of chemical column densities (DN2H
+

frac ) at simulation termination (t = 0.8tff ) from our fiducial model (run
S3M2) for different initial chemical ages and ortho-to-para ratios of H2. From left to right, the columns are at tchem = 0, 1,
3, and 10 tff ; from top to bottom, the rows are OPRH2

0 = 1.00, 0.10, and 0.01. As either tchem or OPRH2
0 are increased, the

resulting mean deuterium fraction in the core increases.

results of K15 at an absolute time, as described in §2.2.
The core then begins from an advanced state of deuter-
ation, assuming the core has been in its current density
configuration for tchem. While the dynamical collapse is
unchanged, the core is able to reach higher deuterium
fractions. As is evident in Figure 11, the deuterium frac-
tion increases for increasing chemical age, with nearly

the entire core achieving the equilibrium value of DN2H
+

frac

for tchem = 10tff . While this may seem to agree with the
estimates of K15, which indicated up to 10 free-fall times

may be necessary to reach observed values of DN2H
+

frac ,
the simulations are not directly comparable. In K15,
the density continually increases, with a corresponding
decrease in tff ; here, we assume a constant density for a
constant tff prior to initialization. Regardless, in both
cases the conclusion remains that deuteration must pro-
ceed for longer than the average free-fall time, either by
earlier deuteration or slower collapse.

3.5. Effect of Initial Mass Surface Density

We also examine the effect of varying the initial clump
mass surface density Σcl. Our fiducial simulation uses

Σcl = 0.3 g cm−2; however, this is the current observed
state of the cores in the T13 sample. As the cores cur-
rently show significant deuteration, we investigate an
earlier phase of the core lifetime by decreasing the ini-
tial clump mass surface density to Σcl = 0.1 g cm−2

(run S1M2). We keep the core mass fixed at 60 M⊙ and
use the prescription of MT03 to adjust the core radius
(increase Rc → 0.18 pc) and surface number density
(decrease nH,s → 8.2 × 104 cm−3). The average core
free-fall time then increases to tff → 173 kyr. We main-
tain the core temperature at Tc = 15 K and the initial
virial parameter α = 2; the initial velocity dispersion
then decreases to σ → 0.76 km s−1. We also maintain
the same mass-to-flux ratio µΦ = 2; the central field
strength is then reduced to Bc → 0.27 mG.
Figures 12 and 13 show the evolution of run S1M2

for projections along the x- and z-axes, respectively.
Based on the results of K15 presented in Figure 1, we
expect the lower densities in the core to lead to slower

chemical growth and lower equilibrium values of DN2H
+

frac .
The core collapses more slowly on an absolute timescale,
but the simulation terminates at the same relative time,

Goodson et al. 2016 - Simulated Dfrac maps



Chemical Clock with para-H2D+

ortho & para H2D+ to constrain ortho to para ratio of H2 (Brünken et al. 2014)

Protostellar core IRAS 16293-2422 A/B (nH~2x105cm-3, tff=1.0x105yr)
OPRH2~10-4, which indicates chemical processing for >1Myr = 10tff

This information helps break degeneracies in Deuteration 
chemical clocks [N2D+]/[N2H+]
(Pagani et al. 2011, 2013; Kong et al. 2015)

APEX

SOFIA



Constraints for Initial Conditions of Numerical Simulations
Peters et al. (2011)
M = 100M¤, R=0.5pc, 
nH = 5400cm-3, B=10μG Disc formation in turbulent massive cores 3

Figure 2. Column density in logarithmic scaling for the top-on

view of disc 1 (top left) and disc 2 (top right) of run 2.6-4-A and

of the disc in run 2.6-4 without turbulence (bottom). The figures

are 800 AU in size.

lines. This is a remarkable result since for previous simula-
tions of low- and high-mass cores with mass-to-flux ratios
µ . 10 only sub-Keplerian discs were found (e.g. Allen et al.
2003; Price & Bate 2007; Mellon & Li 2008; Hennebelle &
Fromang 2008; Du�n & Pudritz 2009; Seifried et al. 2011).

We emphasise that for the other runs we find qualita-
tively similar results, i.e. discs with sizes of up to ⇠ 100 AU
and masses of the order of 0.1 M�. The number of discs per
run varies between 2 and 5. We briefly note that the discs
presented here drive molecular outflows. Furthermore, in all
discs v� scatters around v

kep

, indicating that this is neither
a consequence of the specific turbulence seed (runs 2.6-4-B
and 2.6-4-C) nor of the adopted cooling function (run 2.6-4-
poly) nor of the power-spectrum exponent (run 2.6-4-b). We
find that v

rad

scatters around 0 and is almost always smaller
than v� and significantly smaller than the free-fall velocity
v
↵

=
p
2v

kep

. This is in strong contrast to the disc in run
2.6-4 which has the same initial setup as the runs presented
here except the initial turbulence field (Seifried et al. 2011).
The disc was found to be strongly sub-Keplerian with v

rad

close to v
↵

. The di↵erence becomes particularly clear when
comparing the top-on view of disc 1 and 2 in run 2.6-4-A
with that of the disc in run 2.6-4 (Fig. 2).

Why, even in the case of such strongly magnetised cores,
are Keplerian discs formed? The suppression of Keplerian
disc formation in previous studies without turbulence is due
to the very e�cient magnetic braking (Mouschovias & Pa-
leologou 1980) which removes angular momentum from the
midplane at a very high rate. Hence, in our runs the mag-
netic braking e�ciency has to be reduced significantly. Two
possible reasons for this are the loss of magnetic flux in the
vicinity of the discs or, as proposed recently, a misalign-
ment of the magnetic field and the angular momentum vec-
tor (Hennebelle & Ciardi 2009; Ciardi & Hennebelle 2010).

We first consider the possibility of magnetic flux loss
in the vicinity of the discs which might be attributed to
turbulent reconnection (Lazarian & Vishniac 1999). For this
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Figure 3. Mass-to-flux ratio µ (left) and inclination of the mean

magnetic field to the angular momentum vector of the disc (right)

in spheres with a radius of 500 AU around the CoM of the discs

found in run 2.6-4-A.

purpose we calculate the volume-weighted, mean magnetic
field hBi in a sphere with a radius of r = 500 AU around
the CoM of each disc. In combination with the sphere mass
M we obtain the mass-to-flux ratio

µ =
M

⇡r2| hBi |/
0.13p
G

. (1)

We plot the time variation of µ in the left panel of Fig. 3
for the same four discs as in Fig. 1. As can be seen, µ varies
around a mean of 2 - 3. Hence, the values of µ roughly
agree with the overall value of 2.6 and are comparable to
the value of ⇠ 2 found in run 2.6-4. Moreover, µ is well in
the range where simulations without turbulent motions have
found sub-Keplerian discs only. We therefore conclude that
turbulent reconnection is not responsible for the build-up of
Keplerian discs in our runs.

Another way of reducing the magnetic braking e�ciency
was investigated by Hennebelle & Ciardi (2009) and Ciardi
& Hennebelle (2010). These authors found that even for a
small misalignment of the overall magnetic field and the ro-
tation axis Keplerian discs can form. As we consider a tur-
bulent flow, it is very likely that the magnetic field and the
rotation axis are misaligned. In the right panel of Fig. 3 we
plot the angle ↵ between the disc angular momentum vec-
tor and hBi in the spheres around the discs of run 2.6-4-A.
The angle ↵ is significantly larger than 0� which supports
the picture of a reduced magnetic braking e�ciency due to
a misalignment of the magnetic field and the rotation axis.

However, there is a third way to reduce the magnetic
braking e�ciency while simultaneously keeping the inwards
angular momentum transport on a high level. Considering
the top panel of Fig. 2 it can be seen that in the surround-
ings of each disc there is a turbulent velocity field with no
signs of a coherent rotation structure. Therefore no toroidal
magnetic field component (w.r.t. the coordinate system of
the disc) can be built up. But as the angular momentum
is mainly extracted by toroidal Alfvènic waves, it is not
surprising that the magnetic braking e�ciency is strongly
reduced in the environment of the disc despite a low mass-
to-flux ratio (compare left panel of Fig. 3). Despite the lack
of a coherent rotation structure, locally the inwards angu-
lar momentum transport can remain high due to local shear
flows driving large angular momentum fluxes. We also note
that the non-coherent flow cannot be e�ciently slowed down
by the magnetic field as it does in case of large-scale co-
herent motions. This can be seen in our previous simula-
tions (Seifried et al. 2011) without initial turbulence. Here

c� 2012 RAS, MNRAS 000, 1–6

Seifried et al. (2012)
M = 100M¤, R=0.25pc, 
nH = 4.4x104cm-3, B~1mG

Myers et al. (2013)
M = 300M¤, R=0.1pc, 
nH = 2.4x106cm-3, B>~1mG



Do massive protostars have morphologies 
similar to low-mass protostars?

What sets the star formation efficiency from 
the core? CMF -> IMF?

Outflow-
confined 

HII Region



Protostellar Evolution
Zhang, Tan, Hosokawa (2014)

Convective

D-burning

H-burning

see also Palla & Stahler 1993; Hosokawa et al. (2010)



Diagnostics of the Turbulent Core Model

Outflow-
confined 

HII Region

Zhang & Tan (2011), Zhang, Tan & McKee (2013), Zhang, Tan & Hosokawa (2014), Tanaka, Tan & Zhang (2016)

Prediction: increasing symmetry from MIR-FIR

near-facing

far-facing



Massive Protostar G35.2N: d=2.2kpc; L~105L⦿

Gemini-T-ReCS

De Buizer (2006) Zhang, Tan, De Buizer et al. (2013)

SOFIA-FORCAST

radio (cm)
continuum

(ionized gas)



Spectral energy distribution

MIR SED requires high Σ core/clump

Σclump = 1 g cm-2

Mcore   = 240 M⦿ 

m*         = 34 M⦿

Flux profiles along
outflow cavity axis 5

Fig. 4.— Intensity profiles along the outflow axis. The squares
are observational data sampled at intervals of the resolutions of
the instruments (intervals of 2 & 3 × resolution are used for 18
& 10 µm) with errors composed of systematic flux uncertainties
(assumed to be 20%) and estimated background noise. The lines
are model profiles.

intensity distribution along the outflow axis predicted by
these models with observations in Fig. (4)). The axis di-
rection of G35.2 is chosen via the radio continuum and
MIR morphology (dashed line in Fig. (1) with P.A. of
6◦). The model profiles are all convolved with the cor-
responding instrument beams. At each offset from the
center, we average over a perpendicular width of 2′′ to
estimate profiles for both model and data. All model and
observed profiles are normalized to the average values
over the near-facing regions that have significant emis-
sion. We also add constant background ambient intensi-
ties, which may be either due to instrumental noise (i.e.
in the T-ReCS data) or from additional ambient inter-
stellar material. Note we have not attempted to use the
lateral width of the cavities to constrain the models
We emphasize that a detailed model search to fit these

profiles separately from the SED has not been performed,
but still Model 1 agrees very well with the observations
at 37, 31, 18 and 10 µm, producing the right peak po-
sitions and asymmetries of the two sides of the out-
flow. At 10 µm, Model 1 predicts higher extinction to-
wards the center. A possible explanation could be the
strength (depth and width) of the silicate absorption fea-
ture adopted in the dust model used in the RT calcula-
tions (ZTM13). In the IRAC bands, while a reasonable
fit is achieved for the near-facing outflow cavity, the in-

tensities of the far-facing side predicted by the model
are too low compared to those observed. Possible rea-
sons for this include: (1) non-uniform, possibly patchy,
extinction from the clump or the adopted uniform “fore-
ground” extinction, that may actually be relatively local
to the source (e.g. a foreground extinction of AV = 15
lowers 3.6 µm flux by a factor of two); (2) enhanced emis-
sion from PAHs and transiently-heated small dust grains
in and around the outflow cavity. Models 2, 3 and 4 also
have good matches with the data in the near-facing and
far-facing wings at 37, 31, 18 and 10 µm, but their pro-
files become too peaked towards the center due to the
lower extinction of their lower Σ cores and clumps.
These results, especially the intensity profiles for Model

1 from ∼ 10 − 40 µm (for which the modeling has po-
tentially fewer problems associated with small grain and
PAH emission), again support the paradigm that G35.2
is a massive protostar forming from a high Σ core and
clump. The match of the SED and intensity profiles with
observations becomes less good when Σcl becomes lower.
We estimate that Σcl should be no lower than 0.4g cm−2.
The profiles also suggest that the accretion flow and out-
flows are relatively well-ordered and symmetric.

4. DISCUSSIONS & CONCLUSIONS

SOFIA-FORCAST provides imaging with high dy-
namic range similar to space-based instruments at a
unique wavelength region ∼30 to 40 µm, where lower
extinction allows us to search for the predicted (ZT11,
ZTM13) far-facing outflow cavity from a massive proto-
star forming from a high surface density core. At longer
wavelengths the emission is predicted to become even
more symmetric, being dominated by cooler dust in the
core/clump. Our SOFIA-FORCAST observations at 31
and 37 µm did reveal emission from the far-facing out-
flow cavity of G35.2, which was too faint to detect by
ground-based T-ReCs 11 and 18 µm observations.
We compiled the NIR to mm SED of G35.2. RT mod-

eling of a massive protostar forming from a massive core
bounded by a high Σ clump gave good agreement with
this SED for four models. Depending on the outflow cav-
ity opening angle (35◦ to 50◦), we foundm∗ ∼ 22−34M⊙,
Lbol ∼ (0.7 − 2.2) × 105 L⊙ and Σcl ∼ 0.4 − 1 g cm−2.
Model 1 also produced intensity profiles along the out-
flow axis that fit the observations well at 10, 18, 31 and
37 µm, without need for extensive fine tuning. These re-
sults indicate G35.2 is a massive protostar, forming from
high surface density core and clump, via relatively or-
dered, symmetric collapse and accretion. Powerful bipo-
lar outflows are being launched and have cleared wide-
angle cavities, that are also relatively symmetric.
A protostar with the luminosity estimated here (∼

1 × 105 L⊙) is expected to drive a CO outflow with
momentum flux of ∼ 0.1 M⊙yr−1km s−1 (Richer et al.
2000), which is much larger than the observed value:
even assuming that the larger NE-SW CO outflow is
also driven by this source, the total momentum flux
is still only ∼ 0.003 M⊙yr−1km s−1 (Gibb et al. 2003,
Birks et al. 2006). This may indicate that the outflow
from G35.2N, being partly ionized as indicated by the
observed radio continuum jet, may be relatively deficient
in CO emission. Note that the modest misalignment of
the larger CO outflow with the radio and MIR jet may
result from the interaction of the wider angle part of the

Lbol ~ (0.66 - 2.2)×105L⦿

Mcore ~ 240M⦿ 
Ʃcl ~ 0.4 - 1 g/cm2

θw ~ 35 - 51˚ 
θview ~ 43 - 58˚
m* ~ 20 - 34 M⦿ 

Simple, symmetric 
model provides good fit 
to SED & image intensity 
profiles: detailed 
constraints on how a 
massive star is forming.



The SOFIA Massive (SOMA) 
Star Formation Survey
Jonathan C. Tan, James M. De Buizer, Mengyao Liu,
Yichen Zhang, Jan E. Staff, Maria T. Beltrán, 
Ralph Shuping, Barbara Whitney

See poster: Mengyao Liu et al.
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Peering to the Heart of Massive Star Birth - IV. Surveying Across Evolution, Environment & IMF

  

 Background: As described in the Scientific Context, massive stars are important for a wide range 

of astrophysics, but their formation is poorly understood (see, e.g., Tan et al. 2014, for a review). This 

proposal aims to provide quantitative tests of theoretical models. 

Theoretical  expectation: Massive stars form in dense gas clumps with mass surface densities of 

Σ~1 g cm-2 (i.e., AV~200mag; A8µm~8mag; A37µm~3mag; Ossenkopf & Henning 1994). If forming from 

massive cores in approximate pressure & virial equilibrium with this clump (MT03), then such a core 

with mass M60=M/60M! has radius Rc=0.057 (Σ/g cm-2)-1/2(M60)1/2pc. If the degree of rotational support 

is similar to low-mass cores, then the disk size should be ~1000AU. The accretion rate is expected to be a 

few x10-4 M! yr-1. Collimated bipolar outflows are observed from massive protostars (e.g., Beuther et al. 

2002). These limit  the star formation efficiency from a core to ~0.5 (Matzner & McKee 1999; Zhang et al. 

2014), since they expel core material from polar directions. Creation of low-density outflow cavities has a 

profound effect on the appearance of massive protostars in the MIR (De Buizer 2006). 

Radiative transfer (RT) modeling: We have carried out RT calculations (Zhang & Tan 2011 

[ZT11], Zhang, Tan & McKee 2013 [ZTM13], Zhang, Tan & Hosokawa 2014 [ZTH14]) of the MT03 

model of massive protostars, extended to include the density structure of rotating infall, an active 

accretion disk and an outflow cavity, using the code of Whitney et  al. (2003), modified to include gas, as 

well as dust, opacities. Fig. 1 shows example density & temperature structures of these models. Note, the 

outflow cavity geometry here is somewhat  idealized, chosen to follow infall streamlines that  then give a 

star formation efficiency of 50%. ZTH14 present more realistic models that track gradual opening of the 

cavity due to ram pressure feedback. Numerical simulations of this process have also been carried out 

(Staff et al. 2009; Staff & Tan, in prep. - see Fig. 1c) that will be inputs for future RT calculations.

 Theory meets observation in G35.2: The above models are relevant  to at  least  one observed 

massive protostar, as seen in Fig. 2a, which shows MIR emission from G35.2 at 11 & 18µm (De Buizer 

2006) and 31 & 37µm from our SOFIA Basic Science observation (Zhang et  al. 2013). The longer 

wavelength SOFIA images penetrate the core more deeply, revealing thermal emission from the 

oppositely-directed outflow cavity, predicted by ZT11. As a Galactic plane source, a relatively complete 

SED can be constructed (Fig. 2b), although the angular resolution of the longer wavelength data (IRAS 

and even Herschel Hi-GAL data; Molinari et  al. 2010) can be relatively poor. Note, SOFIA-FORCAST 

data up to ~40µm are very important  in probing the peak of the SED. In Zhang et  al. (2013) we explored a 
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Figure 2. Density and temperature profiles for the fiducial model (Model 13) at different scales. nHe = 0.1nH is assumed. The white contours divide the disk, the

envelope, and the outflow; all three regions are shown in the middle column. The black region in the right column is outside the core, and is assumed to be a vacuum.

The density drops rapidly with z at the base of the wind as the wind accelerates and moves outward. The dotted lines show the streamlines of the disk wind. Each

interval contains 10% of the wind mass loss. The short black contour in the lower left-hand corner of the leftmost temperature plot is the dust destruction front

(T = 1600 K). The dividing line between dusty and dust-free gas in that plot is apparent in the temperature jump at 10–15 AU; this boundary starts at about 2 AU.

(A color version of this figure is available in the online journal.)

expect minimal dust formation to occur in the rapidly expanding

outflow, in its dust-free region where T < 2000 K we adopt the

opacity at 2000 K. More details about these gas opacities are

given in Paper I.

2.4. Simulations

We use the latest version of the Monte Carlo radiation transfer

code by Whitney et al. (2003b; B. A. Whitney et al. 2013,

in preparation) to perform our calculations. To calculate the

equilibrium temperature, we use the algorithm by Lucy (1999),

which is implemented in the new version of the code. It sums

the path lengths of all the photons passing through the cell rather

than counting only those that are absorbed (e.g., Bjorkman &

Wood 2001, used in Paper I), and thus it can quickly reach

temperature convergence with fewer photon packets. Starting

from a uniform and cold (T = 0.1 K) state, the temperature

profile becomes stable within ∼5 iterations with a number of

photon packets equal to the number of grid cells (∼1.5 × 106).

There are still some oscillations at the transition regions between

gas-only and dusty opacities because of the U-shaped opacity

curve as a function of temperature, but they occur mostly

in small, localized regions close to the disk midplane. The

temperature profile on the disk surface and in the outflow is quite

stable. We iterate 20 times, average the temperature profiles of

the last 10 iterations, and then use this averaged temperature

profile as the equilibrium temperature for the final iteration.

Corrections made by adiabatic (expansion) cooling and (com-

pressional) heating in the outflow and in the accretion flow are

also considered. We assume that the temperature of the gas

varies only slowly, so that it is approximately in thermal equi-

librium. The thermal energy equation for cells in these regions

is then

4σT
4κP (T )ρ + Pgas∇ · v + ∇ · (uv) =

(
L

N

)(
ρ

∑
κνl

V

)
,

(13)

where κP is the Planck mean opacity, v is the velocity field, Pgas

is the pressure of the gas, u is the internal energy of the gas, L

is the total luminosity, N is the total number of photon packets,
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Figure 1: (a) Left: Density structure of an analytic massive star formation model (ZT11; ZTM13; ZTH14).  A fiducial 

60M! core (of radius ~12,000AU) is collapsing from the inside-out, via an expansion wave, rotating supersonic infall 

region and accretion disk (of radius ~450AU). The protostar is at the lower-left corner and at this stage has 8M!, 

accretion rate 2.4×10-4M!yr-1 and luminosity 6,500L!. A bipolar protostellar disk-wind outflow is being launched 

perpendicular to the disk. It has swept out a cavity with an opening angle of ~50  ̊and its material extends far beyond 

the initial core radius. We assume the outflow material launched from a disk radius inside the dust destruction front 

remains dust-free.  (b) Middle: Temperature structure of the core resulting from heating from the protostar & accretion 

disk based on a RT calculation using code of Whitney et al.  (2003). (c) Right: Density rendering of a numerical 

simulation of a disk-wind MHD outflow from a protostellar core, with B-field structure shown in lower-left (Staff et al. 

2009; Staff & Tan, in prep.). We will also perform RT modeling of such structures to compare with our proposed 

SOFIA observations to derive constraints on massive protostar properties, e.g., orientation, luminosity, mass.

The SOMA Survey
SOFIA-FORCAST observations of a sample of ~50 

massive & intermediate-mass protostars 
(Cycles 0, 1, 2, 3, 4).

Type I: MIR sources in IRDCs - relatively isolated sources in Infrared 
Dark Clouds, some without detected radio
Type II: Hyper-compact - often jet-like, radio sources, where the MIR 
emission extends beyond the observed radio emission (e.g., G35.2) 
Type III: Ultra-compact - radio sources where the radio emission is 
more extended than the MIR emission 
Type IV: Clustered sources - a MIR source exhibiting radio emission 
is surrounded by several other MIR sources within ~60” 

Also extended to Intermediate-Mass protostars.



37 micron
images

30″ 
scale bars

20 protostars observed as of Oct 2016 (end of Cycle 4).
The SOMA Survey



Cepheus A



SED model fitting
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Table 3. Parameters of the Five Best Fitting Protostar Models of Zhang & Tan and Robitaille et al.

Zhang & Tan models Robitaille et al. models

Source �2/N M
c

⌃
cl

m⇤ ✓
view

AV M
env

✓w,esc Ṁ
disk

L
bol

�2/N m⇤ ✓
view

AV ✓w,esc Ṁ
env

Ṁ
disk

L
bol

(M�) (g cm�2) (M�) (deg) (mag) (M�) (deg) (M�/yr) (L�) (M�) (deg) (mag) (deg) (M�/yr) (M�/yr) (L�)

AFGL 4029 3.4 30 1.0 12 62 0.1 6 53 1.9⇥10�4 4.2⇥104 1.8 13 18 55.2 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

3.4 30 3.2 16 65 93.3 1 56 5.1⇥10�4 1.1⇥105 1.8 13 32 53.8 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

4.1 120 0.1 24 89 43.3 42 57 6.3⇥10�5 7.5⇥104 1.8 12 18 55.7 41 2.9⇥10�4 2.3⇥10�6 1.2⇥104

4.2 50 0.3 12 51 2.0 22 46 1.0⇥10�4 2.5⇥104 1.8 13 41 64.9 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

4.8 40 0.3 8 39 9.3 22 36 9.2⇥10�5 1.2⇥104 1.8 13 18 66.6 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

AFGL 437 2.6 50 3.2 8 29 0.1 35 25 6.0⇥10�4 1.7⇥104 0.8 15 87 15.7 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

3.9 40 3.2 12 39 46.4 18 35 6.5⇥10�4 5.1⇥104 0.8 15 81 16.3 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

4.8 120 0.3 24 55 5.0 57 47 1.8⇥10�4 9.5⇥104 1.0 16 76 12.9 17 1.8⇥10�4 2.9⇥10�4 2.0⇥104

4.8 50 1.0 12 39 23.1 26 36 2.8⇥10�4 4.7⇥104 1.1 14 81 10.0 30 2.9⇥10�4 3.0⇥10�7 1.9⇥104

5.2 240 0.1 12 39 0.1 211 19 8.5⇥10�5 2.1⇥104 1.1 16 87 10.0 24 3.1⇥10�4 1.8⇥10�7 2.3⇥104

IRAS 07299 1.4 60 0.3 12 77 9.3 32 40 1.2⇥10�4 2.8⇥104 1.1 18 76 13.2 10 4.3⇥10�4 ... 8.3⇥103

3.0 60 0.3 8 44 3.3 43 28 1.1⇥10�4 1.2⇥104 1.1 17 76 10.0 6 4.0⇥10�4 ... 6.6⇥103

3.6 240 0.1 8 86 30.5 226 13 7.1⇥10�5 1.1⇥104 1.1 17 81 10.0 6 4.0⇥10�4 ... 6.6⇥103

4.8 60 3.2 8 34 24.8 45 22 6.4⇥10�4 1.8⇥104 1.2 18 81 12.5 10 4.3⇥10�4 ... 8.3⇥103

5.4 50 0.3 8 51 0.1 32 31 1.0⇥10�4 1.2⇥104 1.2 17 87 10.0 6 4.0⇥10�4 ... 6.6⇥103

G35.20-0.74 4.3 120 3.2 12 29 37.6 99 18 9.6⇥10�4 5.4⇥104 2.3 20 87 20.7 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 24 48 57.2 68 37 4.9⇥10�4 1.5⇥105 2.4 20 81 24.1 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 12 29 3.5 96 20 4.0⇥10�4 5.0⇥104 2.5 20 76 33.0 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

9.8 60 3.2 16 48 81.1 31 32 8.4⇥10�4 1.2⇥105 2.5 19 70 16.4 27 1.5⇥10�3 2.6⇥10�7 4.3⇥104

10.8 60 3.2 12 48 7.1 38 27 7.6⇥10�4 5.2⇥104 2.7 18 76 16.8 29 1.2⇥10�3 3.9⇥10�6 3.6⇥104

G45.47+0.05 3.5 240 1.0 32 86 15.2 170 30 7.2⇥10�4 2.7⇥105 3.4 31 57 16.8 20 4.1⇥10�3 ... 1.4⇥105

5.1 120 3.2 24 86 40.4 75 28 1.3⇥10�3 3.0⇥105 3.8 31 63 10.0 20 4.1⇥10�3 ... 1.4⇥105

5.6 240 1.0 24 39 40.4 192 23 6.6⇥10�4 1.8⇥105 3.9 31 70 44.1 22 2.4⇥10�3 3.9⇥10�9 1.3⇥105

5.7 240 3.2 48 83 100.0 138 33 2.1⇥10�3 7.9⇥105 4.0 27 49 10.0 14 3.0⇥10�3 1.9⇥10�5 1.0⇥105

6.4 240 3.2 32 89 75.6 175 23 1.9⇥10�3 5.2⇥105 4.0 29 63 10.0 13 2.8⇥10�3 8.2⇥10�9 1.2⇥105

IRAS 20126 2.3 120 0.3 24 86 61.4 57 47 1.8⇥10�4 9.5⇥104 1.1 18 87 87.1 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

7.2 50 1.0 12 44 100.0 26 36 2.8⇥10�4 4.7⇥104 1.1 18 76 89.6 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

7.7 60 1.0 12 44 70.5 36 31 3.1⇥10�4 4.9⇥104 1.1 18 81 88.1 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

8.4 50 3.2 12 44 100.0 28 30 7.1⇥10�4 5.2⇥104 1.2 18 70 93.9 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

9.0 120 0.3 16 58 46.4 82 32 1.8⇥10�4 4.8⇥104 1.2 17 63 67.7 11 4.8⇥10�4 3.4⇥10�5 1.9⇥104

Cep A 4.9 480 0.1 12 83 81.1 458 12 1.0⇥10�4 2.4⇥104 1.5 15 49 64.3 15 1.3⇥10�3 8.1⇥10�6 2.9⇥104

5.0 480 0.1 16 89 100.0 441 15 1.2⇥10�4 3.9⇥104 1.5 19 70 35.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

6.9 120 0.3 12 62 61.4 93 24 1.6⇥10�4 3.7⇥104 1.5 17 63 21.9 15 1.5⇥10�3 4.2⇥10�6 2.6⇥104

7.0 60 3.2 16 68 87.0 31 32 8.4⇥10�4 1.2⇥105 1.5 19 57 52.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

7.4 120 1.0 24 55 100.0 68 37 4.9⇥10�4 1.5⇥105 1.5 19 63 42.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

NGC 7538 0.6 480 0.1 16 22 9.3 441 15 1.2⇥10�4 3.9⇥104 0.3 17 18 44.9 15 1.5⇥10�3 4.2⇥10�6 2.6⇥104

1.2 240 0.1 24 44 37.6 171 33 1.1⇥10�4 8.3⇥104 0.4 15 18 39.0 16 1.7⇥10�3 1.9⇥10�5 2.3⇥104

1.4 240 0.1 32 48 65.8 140 42 1.1⇥10�4 1.5⇥105 0.4 16 18 42.8 11 1.1⇥10�3 2.5⇥10�7 2.6⇥104

1.7 60 3.2 12 34 14.2 38 27 7.6⇥10�4 5.2⇥104 0.4 17 32 24.1 20 1.1⇥10�3 6.8⇥10�6 3.0⇥104

2.3 60 3.2 16 39 61.4 31 32 8.4⇥10�4 1.2⇥105 0.4 16 18 46.0 25 1.3⇥10�3 2.8⇥10�8 2.9⇥104
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Table 3. Parameters of the Five Best Fitting Protostar Models of Zhang & Tan and Robitaille et al.

Zhang & Tan models Robitaille et al. models

Source �2/N M
c

⌃
cl

m⇤ ✓
view

AV M
env

✓w,esc Ṁ
disk

L
bol

�2/N m⇤ ✓
view

AV ✓w,esc Ṁ
env

Ṁ
disk

L
bol

(M�) (g cm�2) (M�) (deg) (mag) (M�) (deg) (M�/yr) (L�) (M�) (deg) (mag) (deg) (M�/yr) (M�/yr) (L�)

AFGL 4029 3.4 30 1.0 12 62 0.1 6 53 1.9⇥10�4 4.2⇥104 1.8 13 18 55.2 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

3.4 30 3.2 16 65 93.3 1 56 5.1⇥10�4 1.1⇥105 1.8 13 32 53.8 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

4.1 120 0.1 24 89 43.3 42 57 6.3⇥10�5 7.5⇥104 1.8 12 18 55.7 41 2.9⇥10�4 2.3⇥10�6 1.2⇥104

4.2 50 0.3 12 51 2.0 22 46 1.0⇥10�4 2.5⇥104 1.8 13 41 64.9 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

4.8 40 0.3 8 39 9.3 22 36 9.2⇥10�5 1.2⇥104 1.8 13 18 66.6 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

AFGL 437 2.6 50 3.2 8 29 0.1 35 25 6.0⇥10�4 1.7⇥104 0.8 15 87 15.7 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

3.9 40 3.2 12 39 46.4 18 35 6.5⇥10�4 5.1⇥104 0.8 15 81 16.3 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

4.8 120 0.3 24 55 5.0 57 47 1.8⇥10�4 9.5⇥104 1.0 16 76 12.9 17 1.8⇥10�4 2.9⇥10�4 2.0⇥104

4.8 50 1.0 12 39 23.1 26 36 2.8⇥10�4 4.7⇥104 1.1 14 81 10.0 30 2.9⇥10�4 3.0⇥10�7 1.9⇥104

5.2 240 0.1 12 39 0.1 211 19 8.5⇥10�5 2.1⇥104 1.1 16 87 10.0 24 3.1⇥10�4 1.8⇥10�7 2.3⇥104

IRAS 07299 1.4 60 0.3 12 77 9.3 32 40 1.2⇥10�4 2.8⇥104 1.1 18 76 13.2 10 4.3⇥10�4 ... 8.3⇥103

3.0 60 0.3 8 44 3.3 43 28 1.1⇥10�4 1.2⇥104 1.1 17 76 10.0 6 4.0⇥10�4 ... 6.6⇥103

3.6 240 0.1 8 86 30.5 226 13 7.1⇥10�5 1.1⇥104 1.1 17 81 10.0 6 4.0⇥10�4 ... 6.6⇥103

4.8 60 3.2 8 34 24.8 45 22 6.4⇥10�4 1.8⇥104 1.2 18 81 12.5 10 4.3⇥10�4 ... 8.3⇥103

5.4 50 0.3 8 51 0.1 32 31 1.0⇥10�4 1.2⇥104 1.2 17 87 10.0 6 4.0⇥10�4 ... 6.6⇥103

G35.20-0.74 4.3 120 3.2 12 29 37.6 99 18 9.6⇥10�4 5.4⇥104 2.3 20 87 20.7 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 24 48 57.2 68 37 4.9⇥10�4 1.5⇥105 2.4 20 81 24.1 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 12 29 3.5 96 20 4.0⇥10�4 5.0⇥104 2.5 20 76 33.0 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

9.8 60 3.2 16 48 81.1 31 32 8.4⇥10�4 1.2⇥105 2.5 19 70 16.4 27 1.5⇥10�3 2.6⇥10�7 4.3⇥104
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1.2 240 0.1 24 44 37.6 171 33 1.1⇥10�4 8.3⇥104 0.4 15 18 39.0 16 1.7⇥10�3 1.9⇥10�5 2.3⇥104

1.4 240 0.1 32 48 65.8 140 42 1.1⇥10�4 1.5⇥105 0.4 16 18 42.8 11 1.1⇥10�3 2.5⇥10�7 2.6⇥104

1.7 60 3.2 12 34 14.2 38 27 7.6⇥10�4 5.2⇥104 0.4 17 32 24.1 20 1.1⇥10�3 6.8⇥10�6 3.0⇥104

2.3 60 3.2 16 39 61.4 31 32 8.4⇥10�4 1.2⇥105 0.4 16 18 46.0 25 1.3⇥10�3 2.8⇥10�8 2.9⇥104
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Table 3. Parameters of the Five Best Fitting Protostar Models of Zhang & Tan and Robitaille et al.

Zhang & Tan models Robitaille et al. models

Source �2/N M
c

⌃
cl

m⇤ ✓
view

AV M
env

✓w,esc Ṁ
disk

L
bol

�2/N m⇤ ✓
view

AV ✓w,esc Ṁ
env

Ṁ
disk

L
bol

(M�) (g cm�2) (M�) (deg) (mag) (M�) (deg) (M�/yr) (L�) (M�) (deg) (mag) (deg) (M�/yr) (M�/yr) (L�)

AFGL 4029 3.4 30 1.0 12 62 0.1 6 53 1.9⇥10�4 4.2⇥104 1.8 13 18 55.2 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

3.4 30 3.2 16 65 93.3 1 56 5.1⇥10�4 1.1⇥105 1.8 13 32 53.8 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

4.1 120 0.1 24 89 43.3 42 57 6.3⇥10�5 7.5⇥104 1.8 12 18 55.7 41 2.9⇥10�4 2.3⇥10�6 1.2⇥104

4.2 50 0.3 12 51 2.0 22 46 1.0⇥10�4 2.5⇥104 1.8 13 41 64.9 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

4.8 40 0.3 8 39 9.3 22 36 9.2⇥10�5 1.2⇥104 1.8 13 18 66.6 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

AFGL 437 2.6 50 3.2 8 29 0.1 35 25 6.0⇥10�4 1.7⇥104 0.8 15 87 15.7 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

3.9 40 3.2 12 39 46.4 18 35 6.5⇥10�4 5.1⇥104 0.8 15 81 16.3 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

4.8 120 0.3 24 55 5.0 57 47 1.8⇥10�4 9.5⇥104 1.0 16 76 12.9 17 1.8⇥10�4 2.9⇥10�4 2.0⇥104

4.8 50 1.0 12 39 23.1 26 36 2.8⇥10�4 4.7⇥104 1.1 14 81 10.0 30 2.9⇥10�4 3.0⇥10�7 1.9⇥104

5.2 240 0.1 12 39 0.1 211 19 8.5⇥10�5 2.1⇥104 1.1 16 87 10.0 24 3.1⇥10�4 1.8⇥10�7 2.3⇥104

IRAS 07299 1.4 60 0.3 12 77 9.3 32 40 1.2⇥10�4 2.8⇥104 1.1 18 76 13.2 10 4.3⇥10�4 ... 8.3⇥103

3.0 60 0.3 8 44 3.3 43 28 1.1⇥10�4 1.2⇥104 1.1 17 76 10.0 6 4.0⇥10�4 ... 6.6⇥103

3.6 240 0.1 8 86 30.5 226 13 7.1⇥10�5 1.1⇥104 1.1 17 81 10.0 6 4.0⇥10�4 ... 6.6⇥103

4.8 60 3.2 8 34 24.8 45 22 6.4⇥10�4 1.8⇥104 1.2 18 81 12.5 10 4.3⇥10�4 ... 8.3⇥103

5.4 50 0.3 8 51 0.1 32 31 1.0⇥10�4 1.2⇥104 1.2 17 87 10.0 6 4.0⇥10�4 ... 6.6⇥103

G35.20-0.74 4.3 120 3.2 12 29 37.6 99 18 9.6⇥10�4 5.4⇥104 2.3 20 87 20.7 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 24 48 57.2 68 37 4.9⇥10�4 1.5⇥105 2.4 20 81 24.1 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 12 29 3.5 96 20 4.0⇥10�4 5.0⇥104 2.5 20 76 33.0 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

9.8 60 3.2 16 48 81.1 31 32 8.4⇥10�4 1.2⇥105 2.5 19 70 16.4 27 1.5⇥10�3 2.6⇥10�7 4.3⇥104

10.8 60 3.2 12 48 7.1 38 27 7.6⇥10�4 5.2⇥104 2.7 18 76 16.8 29 1.2⇥10�3 3.9⇥10�6 3.6⇥104

G45.47+0.05 3.5 240 1.0 32 86 15.2 170 30 7.2⇥10�4 2.7⇥105 3.4 31 57 16.8 20 4.1⇥10�3 ... 1.4⇥105

5.1 120 3.2 24 86 40.4 75 28 1.3⇥10�3 3.0⇥105 3.8 31 63 10.0 20 4.1⇥10�3 ... 1.4⇥105

5.6 240 1.0 24 39 40.4 192 23 6.6⇥10�4 1.8⇥105 3.9 31 70 44.1 22 2.4⇥10�3 3.9⇥10�9 1.3⇥105

5.7 240 3.2 48 83 100.0 138 33 2.1⇥10�3 7.9⇥105 4.0 27 49 10.0 14 3.0⇥10�3 1.9⇥10�5 1.0⇥105

6.4 240 3.2 32 89 75.6 175 23 1.9⇥10�3 5.2⇥105 4.0 29 63 10.0 13 2.8⇥10�3 8.2⇥10�9 1.2⇥105

IRAS 20126 2.3 120 0.3 24 86 61.4 57 47 1.8⇥10�4 9.5⇥104 1.1 18 87 87.1 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

7.2 50 1.0 12 44 100.0 26 36 2.8⇥10�4 4.7⇥104 1.1 18 76 89.6 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

7.7 60 1.0 12 44 70.5 36 31 3.1⇥10�4 4.9⇥104 1.1 18 81 88.1 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

8.4 50 3.2 12 44 100.0 28 30 7.1⇥10�4 5.2⇥104 1.2 18 70 93.9 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

9.0 120 0.3 16 58 46.4 82 32 1.8⇥10�4 4.8⇥104 1.2 17 63 67.7 11 4.8⇥10�4 3.4⇥10�5 1.9⇥104

Cep A 4.9 480 0.1 12 83 81.1 458 12 1.0⇥10�4 2.4⇥104 1.5 15 49 64.3 15 1.3⇥10�3 8.1⇥10�6 2.9⇥104

5.0 480 0.1 16 89 100.0 441 15 1.2⇥10�4 3.9⇥104 1.5 19 70 35.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

6.9 120 0.3 12 62 61.4 93 24 1.6⇥10�4 3.7⇥104 1.5 17 63 21.9 15 1.5⇥10�3 4.2⇥10�6 2.6⇥104

7.0 60 3.2 16 68 87.0 31 32 8.4⇥10�4 1.2⇥105 1.5 19 57 52.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

7.4 120 1.0 24 55 100.0 68 37 4.9⇥10�4 1.5⇥105 1.5 19 63 42.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

NGC 7538 0.6 480 0.1 16 22 9.3 441 15 1.2⇥10�4 3.9⇥104 0.3 17 18 44.9 15 1.5⇥10�3 4.2⇥10�6 2.6⇥104

1.2 240 0.1 24 44 37.6 171 33 1.1⇥10�4 8.3⇥104 0.4 15 18 39.0 16 1.7⇥10�3 1.9⇥10�5 2.3⇥104

1.4 240 0.1 32 48 65.8 140 42 1.1⇥10�4 1.5⇥105 0.4 16 18 42.8 11 1.1⇥10�3 2.5⇥10�7 2.6⇥104

1.7 60 3.2 12 34 14.2 38 27 7.6⇥10�4 5.2⇥104 0.4 17 32 24.1 20 1.1⇥10�3 6.8⇥10�6 3.0⇥104

2.3 60 3.2 16 39 61.4 31 32 8.4⇥10�4 1.2⇥105 0.4 16 18 46.0 25 1.3⇥10�3 2.8⇥10�8 2.9⇥104
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Table 3. Parameters of the Five Best Fitting Protostar Models of Zhang & Tan and Robitaille et al.

Zhang & Tan models Robitaille et al. models

Source �2/N M
c

⌃
cl

m⇤ ✓
view

AV M
env

✓w,esc Ṁ
disk

L
bol

�2/N m⇤ ✓
view

AV ✓w,esc Ṁ
env

Ṁ
disk

L
bol

(M�) (g cm�2) (M�) (deg) (mag) (M�) (deg) (M�/yr) (L�) (M�) (deg) (mag) (deg) (M�/yr) (M�/yr) (L�)

AFGL 4029 3.4 30 1.0 12 62 0.1 6 53 1.9⇥10�4 4.2⇥104 1.8 13 18 55.2 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

3.4 30 3.2 16 65 93.3 1 56 5.1⇥10�4 1.1⇥105 1.8 13 32 53.8 42 1.7⇥10�4 4.4⇥10�7 1.2⇥104

4.1 120 0.1 24 89 43.3 42 57 6.3⇥10�5 7.5⇥104 1.8 12 18 55.7 41 2.9⇥10�4 2.3⇥10�6 1.2⇥104

4.2 50 0.3 12 51 2.0 22 46 1.0⇥10�4 2.5⇥104 1.8 13 41 64.9 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

4.8 40 0.3 8 39 9.3 22 36 9.2⇥10�5 1.2⇥104 1.8 13 18 66.6 45 1.7⇥10�4 1.5⇥10�6 1.4⇥104

AFGL 437 2.6 50 3.2 8 29 0.1 35 25 6.0⇥10�4 1.7⇥104 0.8 15 87 15.7 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

3.9 40 3.2 12 39 46.4 18 35 6.5⇥10�4 5.1⇥104 0.8 15 81 16.3 35 2.9⇥10�4 9.7⇥10�6 2.3⇥104

4.8 120 0.3 24 55 5.0 57 47 1.8⇥10�4 9.5⇥104 1.0 16 76 12.9 17 1.8⇥10�4 2.9⇥10�4 2.0⇥104

4.8 50 1.0 12 39 23.1 26 36 2.8⇥10�4 4.7⇥104 1.1 14 81 10.0 30 2.9⇥10�4 3.0⇥10�7 1.9⇥104

5.2 240 0.1 12 39 0.1 211 19 8.5⇥10�5 2.1⇥104 1.1 16 87 10.0 24 3.1⇥10�4 1.8⇥10�7 2.3⇥104

IRAS 07299 1.4 60 0.3 12 77 9.3 32 40 1.2⇥10�4 2.8⇥104 1.1 18 76 13.2 10 4.3⇥10�4 ... 8.3⇥103

3.0 60 0.3 8 44 3.3 43 28 1.1⇥10�4 1.2⇥104 1.1 17 76 10.0 6 4.0⇥10�4 ... 6.6⇥103

3.6 240 0.1 8 86 30.5 226 13 7.1⇥10�5 1.1⇥104 1.1 17 81 10.0 6 4.0⇥10�4 ... 6.6⇥103

4.8 60 3.2 8 34 24.8 45 22 6.4⇥10�4 1.8⇥104 1.2 18 81 12.5 10 4.3⇥10�4 ... 8.3⇥103

5.4 50 0.3 8 51 0.1 32 31 1.0⇥10�4 1.2⇥104 1.2 17 87 10.0 6 4.0⇥10�4 ... 6.6⇥103

G35.20-0.74 4.3 120 3.2 12 29 37.6 99 18 9.6⇥10�4 5.4⇥104 2.3 20 87 20.7 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 24 48 57.2 68 37 4.9⇥10�4 1.5⇥105 2.4 20 81 24.1 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

8.0 120 1.0 12 29 3.5 96 20 4.0⇥10�4 5.0⇥104 2.5 20 76 33.0 34 1.6⇥10�3 2.8⇥10�7 4.7⇥104

9.8 60 3.2 16 48 81.1 31 32 8.4⇥10�4 1.2⇥105 2.5 19 70 16.4 27 1.5⇥10�3 2.6⇥10�7 4.3⇥104

10.8 60 3.2 12 48 7.1 38 27 7.6⇥10�4 5.2⇥104 2.7 18 76 16.8 29 1.2⇥10�3 3.9⇥10�6 3.6⇥104

G45.47+0.05 3.5 240 1.0 32 86 15.2 170 30 7.2⇥10�4 2.7⇥105 3.4 31 57 16.8 20 4.1⇥10�3 ... 1.4⇥105

5.1 120 3.2 24 86 40.4 75 28 1.3⇥10�3 3.0⇥105 3.8 31 63 10.0 20 4.1⇥10�3 ... 1.4⇥105

5.6 240 1.0 24 39 40.4 192 23 6.6⇥10�4 1.8⇥105 3.9 31 70 44.1 22 2.4⇥10�3 3.9⇥10�9 1.3⇥105

5.7 240 3.2 48 83 100.0 138 33 2.1⇥10�3 7.9⇥105 4.0 27 49 10.0 14 3.0⇥10�3 1.9⇥10�5 1.0⇥105

6.4 240 3.2 32 89 75.6 175 23 1.9⇥10�3 5.2⇥105 4.0 29 63 10.0 13 2.8⇥10�3 8.2⇥10�9 1.2⇥105

IRAS 20126 2.3 120 0.3 24 86 61.4 57 47 1.8⇥10�4 9.5⇥104 1.1 18 87 87.1 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

7.2 50 1.0 12 44 100.0 26 36 2.8⇥10�4 4.7⇥104 1.1 18 76 89.6 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

7.7 60 1.0 12 44 70.5 36 31 3.1⇥10�4 4.9⇥104 1.1 18 81 88.1 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

8.4 50 3.2 12 44 100.0 28 30 7.1⇥10�4 5.2⇥104 1.2 18 70 93.9 17 4.4⇥10�4 5.7⇥10�7 2.3⇥104

9.0 120 0.3 16 58 46.4 82 32 1.8⇥10�4 4.8⇥104 1.2 17 63 67.7 11 4.8⇥10�4 3.4⇥10�5 1.9⇥104

Cep A 4.9 480 0.1 12 83 81.1 458 12 1.0⇥10�4 2.4⇥104 1.5 15 49 64.3 15 1.3⇥10�3 8.1⇥10�6 2.9⇥104

5.0 480 0.1 16 89 100.0 441 15 1.2⇥10�4 3.9⇥104 1.5 19 70 35.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

6.9 120 0.3 12 62 61.4 93 24 1.6⇥10�4 3.7⇥104 1.5 17 63 21.9 15 1.5⇥10�3 4.2⇥10�6 2.6⇥104

7.0 60 3.2 16 68 87.0 31 32 8.4⇥10�4 1.2⇥105 1.5 19 57 52.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

7.4 120 1.0 24 55 100.0 68 37 4.9⇥10�4 1.5⇥105 1.5 19 63 42.5 17 1.4⇥10�3 5.9⇥10�5 2.8⇥104

NGC 7538 0.6 480 0.1 16 22 9.3 441 15 1.2⇥10�4 3.9⇥104 0.3 17 18 44.9 15 1.5⇥10�3 4.2⇥10�6 2.6⇥104

1.2 240 0.1 24 44 37.6 171 33 1.1⇥10�4 8.3⇥104 0.4 15 18 39.0 16 1.7⇥10�3 1.9⇥10�5 2.3⇥104

1.4 240 0.1 32 48 65.8 140 42 1.1⇥10�4 1.5⇥105 0.4 16 18 42.8 11 1.1⇥10�3 2.5⇥10�7 2.6⇥104

1.7 60 3.2 12 34 14.2 38 27 7.6⇥10�4 5.2⇥104 0.4 17 32 24.1 20 1.1⇥10�3 6.8⇥10�6 3.0⇥104

2.3 60 3.2 16 39 61.4 31 32 8.4⇥10�4 1.2⇥105 0.4 16 18 46.0 25 1.3⇥10�3 2.8⇥10�8 2.9⇥104
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Figure 12. Protostar model fitting to the fixed aperture, background-subtracted SED data using the ZT model grid. For
each source, the best fit model is shown with a solid black line and the next four best models are shown with solid gray lines.
Flux values are those from Table 2. Note that the data at . 8 µm are treated as upper limits (see text). The resulting model
parameter results are listed in Table 3.
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Feedback During Massive Star Formation
Is there a maximum stellar mass set by by formation processes?

m*max~150 M⦿ 
(e.g. Figer 2005). 

But Crowther et al. (2010) 
claim most massive star to 
form was initially ~300M⦿, 
consistent with statistical 
sampling of Salpeter IMF 
with no maximum cutoff 
mass.

30 Doradus - LMC

N*

m*

Salpeter (1955)
dN*/dm* = A m*-2.35

m*max?

Feedback processes:
1. Protostellar outflows
2. Ionization
3. Stellar winds
4. Radiation pressure
5. Supernovae

We halted the simulation at 57,000 years, after
a ~20,000-year period when there was no further
qualitative change in the evolution (Fig. 1E). At
this point the system was a binary with a total
mass of 70.7M⊙ and a time-averaged total lumi-
nosity of ~5 × 105 L⊙. The two stars had masses
of 41.5 M⊙ and 29.2 M⊙ and were 1590 AU
apart. Neglecting the effects of the gas, the
semimajor axis of the orbit was 1280 AU
(eccentricity 0.25), but because this neglects the
gas, it may be an overestimate. Orbits like this are
typical of young O stars, at least 40% of which
are visual binaries with separations of ~1000 AU
(12). These are not the final system parameters,
because the envelope and the disk still contained
28.3 M⊙ of gas and the accretion rate had not
diminished. However, the qualitative nature of
the final system was well established.

We compared our result to two-dimensional
simulations. The largest star that formed in any
two-dimensional simulation with gray radiative
transfer had a mass of 22.9M⊙. If the simulation
included a multifrequency treatment of the radia-
tion, which we omitted because of its computa-
tional cost (23), themaximummass of the star that
formed was 42.9M⊙ (7). In these two-dimensional
simulations, the initial phases of collapse, disk
formation, and growth of a polar bubble were
quite similar to ours, although the disk lacked
nonaxisymmetric structure. In both cases there
was a “flashlight effect” (7, 26) in which the disk
beamed radiation preferentially in the polar
direction. In two dimensions, however, as the
star’s mass grew, radiation halted accretion over
an ever larger fraction of the solid angle around
the star. This eventually stopped infall onto the
disk. Some of the gas remaining in the disk
continued to accrete onto the star, but at a
diminishing rate, and eventually the disk density
became low enough for stellar radiation to blow
it away.

This never happened in our simulation. Instead,
when the luminosity became large enough that our
bubbles no longer delivered mass to the disk ef-
ficiently, they became asymmetric and clumpy. In
some places radiation blew out sections of the
bubble wall, whereas in others dense filaments of
gas fell toward the stars (Fig. 3). The structure of
dense fingers of heavy, downward-moving fluid
alternating with chimneys of outgoing radiation
is analogous to that of a classical Rayleigh-Taylor
instability, with radiation taking the place of the
light fluid. Radiation forces away from the star
are stronger than gravity when averaged over 4p
sr, producing velocities and net forces that have
an outward direction over most of the solid angle.
Much of the mass is concentrated into the dense
fingers, and because radiation flows around rather
than through these structures, within them the
velocity and the net force have an inward direc-
tion. However, this did not remove the angular
momentum of the gas, so it continued to fall onto
the disk rather than directly onto the stars. The
growth of clumps in the disk that form secondary
stars is a natural side effect of this process, but

radiation may be just accelerating a process that
is caused by gravity. At least 40%of the accreting
gas reached the disk through this Rayleigh-Taylor
mechanism; gas falling onto the outer disk di-
rectly accounted for ~25% of the accretion, and
gas reaching the disk by traveling along the

bubbles’ outer walls contributed the remaining
~35% (23).

Continued disk feeding is what made the
three-dimensional results different from earlier
two-dimensional ones. At 34,000 and 41,700
years (Fig. 1, C and D), bracketing the onset of

Fig. 1. Snapshots of the sim-
ulation at (A) 17,500 years,
(B) 25,000 years, (C) 34,000
years, (D) 41,700 years, and
(E) 55,900 years. In each
panel, the left image shows
column density perpendic-
ular to the rotation axis in a
(3000 AU)2 region; the right
image shows volume density
in a (3000 AU)2 slice along
the rotation axis. The color
scales are logarithmic (black
at the minimum, red at the
maximum), from 100 to
102.5 g cm−2 on the left and
10−18 to 10−14 g cm−3 on the
right. Plus signs indicate the
projected positions of stars.
See figs. S1 to S3 and movie
S1 for additional images.

A

B
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D

E
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REPORTS

Krumholz+ (2009); Rosen+ (2016)
Kuiper et al. (2012); Klassen+ (2016)

Staff+ (2010); Kuiper+ (2015)

Peters et al. 2010, 2011

Accretion processes: Core/disk fragmentation (Kratter & Matzner 06; Peters et al. 10)

Stellar processes: Nuclear burning instabilities/enhanced mass loss

Currently unclear what sets the shape of the massive star IMF
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Abstract: I discuss the curious nature of the nearest massive protostar, source I in the Orion Nebula Cluster. Its 

current explosive activity is intimately connected to the Becklin Negebauer (BN) object, a runaway B star. I 

review the latest evidence that the system that dynamically ejected BN is the 1C binary system (Tan 2004; 

2008): it satisfies several independent properties required by this scenario and the likelihood these are satisfied 

by chance is only ~10-4. If one accepts this ejection scenario, then many properties of the source I protostar 

become easy to understand, especially the 1000 year timescale of its “explosive” inner outflow cause by tidal 

triggering of enhanced accretion by close passage of BN. For typical disk viscosities, I estimate how close BN 

passed by source I, and thus the angle by which it was deflected.

We (Testi, Tan, Palla 2010) have attempted to characterize the nature of source I via its reflected NIR spectrum, 

which escapes along the “explosive” outflow cavity axis aligned NW to SE. The relatively narrow velocity 

dispersion of CO band-head absorption features is consistent with emission from a very active (~10-3M/yr) 

accretion disk around a ~10M star. 

!Cluster frame proper motions of BN (Gomez et al. 2008; Tan 

2008) and !1C (van Altena et al. 1988), tracing back to a 

common origin about 4500 years ago, shown by the cross. 

!

!
Top: (Testi et al. 2010) 2MASS Ks image of Orion BN/KL region showing 

positions of regions a,b,c. Bottom: Example VLT ISAAC spectrum of 

region c (a & b are similar) showing CO absorption (black solid) and best 

fit model (red dashed). The velocity dispersion is ~30 km/s, consistent 

with an active accretion disk model, but not the photosphere of a 

massive star rotating at break-up.
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Which system ejected BN?
Dynamical ejection of a massive runaway star, such as BN 
(~8Msun), must leave behind a recoiling, tight, binary with 
massive secondary. Assume the progenitor triple system 
was an ONC member with !1D=0.35 mas/yr (0.7km/s). If 
"1C, with total mass 55Msun, was the progenitor, then it is 
expected to satisfy the following properties:

Cluster-frame 
proper motion 
recoil direction

P.A.=152.5˚
±10˚

P.A.=142.4˚±4˚ 
(van Altena et 

al. 1988)
0.060

Cluster-frame 
proper motion 

amplitude
2.25±0.4mas/yr

2.3±0.2mas/yr
(van Altena et 

al. 1988)
0.29

Cluster-frame 
radial velocity 

amplitude
-2.2±1km/s

-2.5±1km/s
(Kraus et al. 

2009)
0.18

Massive 
secondary

#mBN=8±1Msun

8.8±2Msun

(Kraus et al. 
2009)

2 out of 5 
ONC stars 

with sufficient 
primary mass

Orbital binding 
energy

~few x KEBN

(KEBN =8x1046erg)

1.6x1047erg
(Kraus et al. 

2009)
~<0.5

Eccentricity of 
secondary

>>0
0.59±0.07

(Kraus et al. 
2009)

~<0.5

Physical property   Expected value   Observed value  Chance likelihood

Combined probability of satisfying these 6 criteria by chance ~<3.1x10-4

Conclusion: BN was ejected by "1C

Source I protostar has responded with enhanced accretion & 
outflow (Allen & Burton 1993) in <~500 years to the perturbation of 
the close passage of BN. Given maximal disk viscosities, we expect 
only gas with orbital times <500 yr around source I could have 
responded in this way, i.e. with r<140 (mI/10Msun)1/3AU. Thus closest 
approach of BN with source I should have been <~300 AU to 
significantly perturb disk potential on these scales. Thus BN would 
have been deflected by >~4˚, which may need to be accounted for 

when assessing past coincidence with "1C based on BN’s proper 
motion. This scenario may also lead to source I acquiring an 
enhanced cluster-frame proper motion.

Constraining source I from NIR 
reflected spectra
NIR light, presumably from source I, escapes along the 
outflow cavity aligned NW-SE (Minchin et al. 1991). Some 
of this light is scattered towards us by dust, and the 
spectrum can be used to constrain properties of the 
protostar. 

Morino et al. (1998) carried out such an analysis, deriving relatively 
cool photospheric temperatures, which if emitted by a massive 
protostar, would require a very large size (~300 Rsun). Such sizes 
may be achieved if the average accretion rate is >~4x10-3Msun/yr 
(Hosokawa & Omukai 2009), much larger than expected from the 
Turbulent Core Model (McKee & Tan 2003). Alternatively, the large 
size may indicate the star is rotating close to break-up, which would 
predict large rotational broadening of the spectral features.

We (Testi et al. 2010) expect disk emission is a much more likely 
source of the NIR light, and we have confirmed this with simple 
protostar + disk models. We have observed the NIR reflection 
spectrum with higher spectral resolution than Morino et al., finding 
1D velocity dispersions of ~<30 km/s. Such relatively narrow 
profiles constrain the disk models: a 10Msun protostar with a large 
current accretion rate of ~few x10-3Msun/yr is favored. Such a large 
accretion rate may be the result of the recent perturbation of the 
disk by close passage of BN. 
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Tan, J. C. 2004, ApJ, 607, L47

Tan, J. C. 2008, arXiv0807.3771

Testi, L., Tan, J. C., Palla, F. 2010, A&A, submitted 
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Orion KL protostar perturbed by a passing runaway star (BN) 
ejected from the Trapezium star θ1C Tan (2004)

Chatterjee & Tan (2012)

BN is a runaway B star 
moving at ~30 km/s
(Plambeck et al. 1995)

Kraus ea. 2009

θ1C

Protostellar Core, 
centered on Source I

Hut & Bahcall (1983)



Orion KL: a perturbed massive star-forming core

BNSource I

θ1C

Dynamical “harassment” of 

protostellar cores in star clusters.

Star cluster formation involves 

interplay of stellar and gas 

dynamics.

Tan (2004)
Chatterjee & Tan (2012)

HOWEVER, SEE: 
Bally & Zinnecker 2005; 
Rodriguez et al. (2005)

Gomez et al. (2005)
Gomez et al. (2008)
Zapata et al. (2009)

Zapata et al. (2011a,b)
Bally et al. (2011) 

Goddi et al. (2011)
Moeckel & Goddi (2011)

...

BUT, SEE
Plambeck et al. (2016)



Theory: “Turbulent Core Model”: normalize core 
surface pressure to surrounding clump pressure, i.e. 
self-gravitating weight. Core supported by non-
thermal pressure (B-fields/turbulence).

Conclusions

1: Massive starless/early-stage cores exist

2: They are near virial equilibrium

Massive Star Formation Theories: 
Core Accretion; Competitive Accretion; Protostellar Collisions

No. 1, 2006 MID-INFRARED JET OF G35.20!0.74 L59

Fig. 2.—The G35.20!0.74 jet as seen at different wavelengths. (a) The 11.7 mm image in false color overlaid with K-band emission from Fuller et al. (2001,
white contours) and the 8.5 GHz high-resolution radio continuum emission of Gibb et al. (2003, gray contours). (b) The 18.3 mm image in false color overlaid
with the low-resolution 15 GHz radio continuum image of Heaton & Little (1988, white contours) and L′ image from Fuller et al. (2001, gray contours). (c) Zoom
in on the central region of the 11.7 mm image in false color, the L′ contours in white and the high-resolution radio continuum contours in black. The OH masers
of Hutawarakorn & Cohen (1999) are shown as asterisks, water masers of Forster & Caswell (1989) as crosses, and methanol masers of A. G. Gibb (2006, private
communication) as large plus signs. The bars at lower right show the !1 j relative astrometric uncertainty between the radio continuum and NIR.

infrared emission coincident with and immediately north of the
position of G35.2N demonstrates that the infrared emission here
is dominated by longer wavelength continuum emission. There-
fore, the nature of the infrared emission is concluded to be
predominantly continuum dust emission from the outflow cav-
ity walls. This cavity was created by the molecular outflow,
which punched a hole in the dense molecular material sur-
rounding the young stellar source at the center of G35.20!0.74.
The central source is mostly likely directly heating the walls
of this cavity. The northern lobe of the outflow was found to
be slightly blueshifted toward Earth (i.e., in CO by Gibb et al.
2003; in C i by Little et al. 1998). Given this fortuitous ge-
ometry, we can see directly into the outflow cavity as a con-
sequence of the clearing away of material along our line of
sight by the outflow itself.
The sources farther north of G35.20!0.74, namely, sources

5–9, are expected to be knots of dust either in the outflow itself
or clumps of preexisting material that are being impinged upon
by the outflow. Source 6 lies 19,200 AU from G35.2N and is
still at an estimated dust color temperature of 112 K. This is
based on the 11.7 and 18.3 mm flux densities of this source
and neglects the possible effects of silicate absorption (see De
Buizer et al. [2005] for method and limitations).What is heating
the dust this far out? Smaller dust grains can be heated out to
farther distances than large dust grains. The typical size range
of interstellar grains is believed to be 0.003–10 mm, and typical
grain compositions include smooth astronomical silicates,
graphite, and silicon carbide (Laor & Draine 1993; Draine &
Lee 1984). In the following I use the equation for dust tem-
perature given by Sellgren et al. (1983) and the ultraviolet and
infrared emissivities of Draine & Lee (1984). Assuming the
dust is made up of smooth astronomical silicates, dust with a
lower size limit of 0.003 mm can be heated to 112 K only out

to ∼16,000 AU by a B2.6 star. If the dust is made of graphite,
one could heat out to the distance of source 6 with grains having
a typical size of 0.005 mm, still near the lower size limit.
However, if silicon carbide is the assumed composition of the
dust, then one can get heating out much farther than source 6,
namely, ∼52,000 AU at the 0.003 mm lower size limit. There
is a possibility of some contribution from shock heating, al-
though Fuller et al. (2001) claim no detection of shock-excited
H2 in the region. Beaming of the MIR emission along the
outflow axis, rather than the isotropic emission assumed in the
above calculations, could also help in heating grains farther
out. Interestingly, the MIR luminosity derived from the dust
color temperature gives an estimated value of 1.6#103 L,.
Assuming the MIR luminosity is all the luminosity of the source
(an obvious underestimate) and calculating a spectral type from
that bolometric luminosity using the method from De Buizer
et al. (2005) gives a value of ∼B3, consistent with the radio-
derived spectral type. In summary, all of the dust, even as far
out as source 6, can indeed be heated directly by G35.2N,
depending on dust composition and size (as well as beaming),
though we cannot rule out contributions from other possible
heating mechanisms.
As discussed in § 3.1, MIR source 3, coincident with NIR

emission from the presumed infrared southern counterjet,
does not have a smoothly increasing spectral slope typical of
dust continuum emission but instead is only present at L′ and
18.3 mm. This implies that the emission in this southern source
is dominated by line emission of some kind. The usual suspects
are (1) H2 emission from shocks, although Fuller et al. (2001)
claim no detection of H2 in the region; (2) PAH emission from
the photodissociation region of the outflow interface with the
molecular cloud, although the L′ and 18.3 mm filters do not
encompass any PAH features; and (3) [Fe ii] emission from
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Top: (Testi et al. 2010) 2MASS Ks image of Orion BN/KL region showing 
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with an active accretion disk model, but not the photosphere of a 
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Which system ejected BN?
Dynamical ejection of a massive runaway star, such as BN 
(~8Msun), must leave behind a recoiling, tight, binary with 
massive secondary. Assume the progenitor triple system 
was an ONC member with !1D=0.35 mas/yr (0.7km/s). If 
"1C, with total mass 55Msun, was the progenitor, then it is 
expected to satisfy the following properties:

Cluster-frame 
proper motion 
recoil direction

P.A.=152.5˚
±10˚

P.A.=142.4˚±4˚ 
(van Altena et 

al. 1988)
0.060

Cluster-frame 
proper motion 

amplitude
2.25±0.4mas/yr
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(van Altena et 

al. 1988)
0.29

Cluster-frame 
radial velocity 

amplitude
-2.2±1km/s
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(Kraus et al. 

2009)
0.18

Massive 
secondary

#mBN=8±1Msun

8.8±2Msun
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2009)

2 out of 5 
ONC stars 

with sufficient 
primary mass

Orbital binding 
energy

~few x KEBN

(KEBN =8x1046erg)

1.6x1047erg
(Kraus et al. 

2009)
~<0.5

Eccentricity of 
secondary

>>0
0.59±0.07

(Kraus et al. 
2009)

~<0.5

Physical property   Expected value   Observed value  Chance likelihood

Combined probability of satisfying these 6 criteria by chance ~<3.1x10-4

Conclusion: BN was ejected by "1C

Source I protostar has responded with enhanced accretion & 
outflow (Allen & Burton 1993) in <~500 years to the perturbation of 
the close passage of BN. Given maximal disk viscosities, we expect 
only gas with orbital times <500 yr around source I could have 
responded in this way, i.e. with r<140 (mI/10Msun)1/3AU. Thus closest 
approach of BN with source I should have been <~300 AU to 
significantly perturb disk potential on these scales. Thus BN would 
have been deflected by >~4˚, which may need to be accounted for 

when assessing past coincidence with "1C based on BN’s proper 
motion. This scenario may also lead to source I acquiring an 
enhanced cluster-frame proper motion.

Constraining source I from NIR 
reflected spectra
NIR light, presumably from source I, escapes along the 
outflow cavity aligned NW-SE (Minchin et al. 1991). Some 
of this light is scattered towards us by dust, and the 
spectrum can be used to constrain properties of the 
protostar. 

Morino et al. (1998) carried out such an analysis, deriving relatively 
cool photospheric temperatures, which if emitted by a massive 
protostar, would require a very large size (~300 Rsun). Such sizes 
may be achieved if the average accretion rate is >~4x10-3Msun/yr 
(Hosokawa & Omukai 2009), much larger than expected from the 
Turbulent Core Model (McKee & Tan 2003). Alternatively, the large 
size may indicate the star is rotating close to break-up, which would 
predict large rotational broadening of the spectral features.

We (Testi et al. 2010) expect disk emission is a much more likely 
source of the NIR light, and we have confirmed this with simple 
protostar + disk models. We have observed the NIR reflection 
spectrum with higher spectral resolution than Morino et al., finding 
1D velocity dispersions of ~<30 km/s. Such relatively narrow 
profiles constrain the disk models: a 10Msun protostar with a large 
current accretion rate of ~few x10-3Msun/yr is favored. Such a large 
accretion rate may be the result of the recent perturbation of the 
disk by close passage of BN. 
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3: Massive protostars can have a similar 
morphology to low-mass protostars, but 
dynamical interactions can occur (BN/KL)

4. SOFIA is playing a crucial role: IRDC 
formation, clump infall, astrochemical ages, 
SEDs and images, and more!


